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Abstract

This thesis presents results detailing the study of magnetoacoustic shocks and more
elusive forms of magnetohydrodynamic shocks in the solar atmosphere. Simultaneous
slit-based spectro-polarimetry and spectral imaging observations of the chromospheric
He I 10830 Å and Ca II 8542 Å lines is employed to examine fluctuations in the
umbral magnetic field caused by the steepening of magneto-acoustic waves into
umbral flashes. Following the application of modern inversion routines, evidence
that umbral shock events cause expansion of the embedded magnetic field lines due
to the increased adiabatic pressure is found. An adiabatic index, γ = 1.12± 0.01 is
calculated, for chromospheric umbral locations. Examination of the vector magnetic
field fluctuations perpendicular to the solar normal revealed changes up to ∼ 200
G at the locations of umbral flashes. Such transversal magnetic field fluctuations
have not been described before. Through comparisons with non-linear force-free
field extrapolations, we find that the perturbations of the transverse field components
are oriented in the same direction as the quiescent field geometries. This implies
that magnetic field enhancements produced by umbral flashes are directed along the
motion path of the developing shock, hence producing relatively small changes, up to a
maximum of ∼ 8 degrees, in the inclination and/or azimuthal directions of the magnetic
field, highlighting that umbral flashes are able to modify the full vector magnetic field.

Chromospheric Ca II 8542 Å spectropolarimetric data reveals elusive magnetohydro-
dynamic shocks in sunspot umbrae. Inversion techniques are employed to uncover
perturbations in the temperatures, line-of-sight velocities, and vector magnetic fields
occurring across a range of optical depths synonymous with the shock formation. Clas-
sification of these non-linear signatures is carried out by comparing the observationally-
derived slow, fast, and Alfvén shock solutions to the theoretical Rankine-Hugoniot re-
lations. When employing over 200 000 independent measurements, the Alfvén (inter-
mediate) shock solution provides the closest match between theory and observations at
optical depths of log10 τ = −4, consistent with a geometric height at the boundary be-
tween the upper photosphere and lower chromosphere. This work uncovers first-time
evidence of the manifestation of chromospheric intermediate shocks in sunspot umbrae,
providing a new method for the potential thermalization of wave energy in a range of
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magnetic structures, including pores, magnetic flux ropes, and magnetic bright points.
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Chapter 1

Introduction



1.1 History

The Sun is an object of great beauty and mystery, and is undoubtedly the most vital ce-

lestial object to all life on Earth. A giant ball of plasma, born 4.5 billion years ago from

a collapsing, spinning interstellar cloud, it has long since been a source of curiosity

and intrigue for creatures walking the Earth. Ever since the evolution of hominids, our

species has identified the Sun as a creator of life, its appearance brings about the warm

day, while its absence results in the cold night. Such a view led to the Sun occupying

a central role in the religions of many ancient civilisations, many of which considered

it to be a deity. Its importance is well exhibited in ancient Egyptian culture, where Ra

the Sun god was considered to be the King of the Gods and creator of the universe.

With some historians claiming that such was Ra’s importance that Egyptian religion

was monotheistic, with Ra the singular god.

Attempts to prescribe a more realistic hypothesis about the nature of the Sun was a

difficult proposition due to the nature of societie’s beliefs at the time. As with most first

scientific recordings, it was the early Chinese astronomers who recorded the phenom-

ena of eclipses, in the 21st century B.C. It wasn’t until the arrival of the Greeks that a

scientific explanations and calculations of the Sun’s nature and postion were provided.

It was postulated by the philosopher Anaxagoras in the 5th century B.C. that the Sun

was a mass of blazing metal larger than the Peloponessus peninsula. Such views at the

time were considered sacrilegious by some. Eratosthenes calculated the distance of the

Sun to within a few percent of the modern accepted value. The Heliocentric model was

proposed as early as the early 3rd century B.C. by Aristarchus of Samos, but this model

was beaten out by the Geocentric model, whereby the Sun orbits the Earth. This belief

persisted for the next millennia until the 16th and 17th centuries with the appearance

of the models of Copernicus and Kelper, along with the invention of the telescope by

Galileo. Such advancements provided confirmation of the Heliocentric model. This

invention of the telescope paved the way for the study of many Solar phenomena such

as sunspots, with much greater precision.
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Table 1.1: Observational parameters of the Sun

Mean Distance from Earth 1.496 ×108 km
Absolute Magnitude +4.8
Apparent Magnitude -26.7
Mean Diameter 1.392 ×106 km
Mass 1.9891 ×1030 kg
Luminosity 3.827 ×1026 W
Spectral Classification G2V
Rotational Period at Equator 25.38 days
Rotational Velocity 7284 km/h
Effective Surface Temperature 5778 K

As time progressed, religious power in the western world dwindled, allowing sci-

entists to state their findings and beliefs without fear of persecution, imprisonment or

execution. This freedom and a seminal theory by Giordano Bruno, that the stars ob-

served in the night sky were very much like our own Sun, has led to an explosion in

our understanding our nearest star in the last 300 years. As such we are able to provide

a detailed list of key parameters of the Sun, along with its place in the life cycle of all

stars (Table 1.1).

We see that the Sun is a relatively unremarkable star, it is middle aged, average size

with relatively small energy and magnetic outputs. After learning of this, some may ad-

vocate that studies of the Sun are not necessary for the progression of modern science.

Such an attitude is foolish, given the wealth of information that can be gleaned from the

Sun. Whether it’s the formation of the Sun, a star believed to be a second-generation

star, possibly formed as a consequence of shockwaves from a nearby supernova, or the

everyday processes that occur within the atmosphere, the Sun holds many questions

that remain unanswered. Using modern instrumentation, the interactions of the atmo-

sphere’s magnetic field can be resolved providing insight into fundamental physics in

environments not reproducible on Earth. Can we use certain properties to predict large

scale solar flares, such as the Carrington event, that have the potential to cause im-

measurable damage to our modern day infrastructure? Is it possible to understand the

occurrence rates of sunspots using magnetic field information and find out what condi-
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tions lead to the Maunder Minimum? The underlying interest of this thesis is concerned

with the atmospheric heating problem. I examine the nature of wave behaviours in the

solar atmosphere and how understanding both their propagation and dissipation can aid

in answering the most important question in solar physics.

1.2 The Solar Atmosphere

To understand the Sun as an overall entity, it is first necessary to have an understanding

of its constituent layers and their roles in the creation and propagation of energy through

subsequent layers. In simple terms the Sun consists of two main regions, the interior

and the atmosphere.

Each of these main regions can be subdivided into smaller regions (Figure 1.1),

with the interior comprising of three distinct sections, the core, the radiative zone and

the convective zone. The boundaries of these regions are given as distances from the

very centre of the Sun in units of solar radii, R⊙. Due to the opaque nature of the solar

atmosphere much of our knowledge about the interior is inferred using helioseismology

techniques in conjunction with theoretical simulations, whereby helioseimsmology is

the the study of the structure of the Sun through its oscillations. The central region, the

core, experiences extremely strong gravitational forces causing the region to have both

a high density and core temperature in the region of 15MK (Priest, 2014). This region

extending from the centre to approximately 0.25 R⊙ is responsible for all the Sun’s

energy generation and output, using the process of nuclear fusion, whereby hydrogen

atoms fuse, forming helium and releasing energy in the form of photons. In order for

fusion processes to occur the protons in the core must first overcome the Coulomb force

that repels like charged particles. It is overcome by reducing the distance between the

protons to a distance where the strong nuclear force is dominant and will attract the

protons. In this dense, hot region of the Sun proton velocities can reach ∼ 500 km s−1,

however, this is not sufficient to overcome the Coulomb barrier. To explain how fusion

occurs in the core we have to look to quantum physics, specifically the phenomenon of
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Quantum Tunnelling, which predicts that there is a probability that an object trapped

behind some barrier may appear on the other side of said barrier without physically

overcoming it. This puts the odds of thermonuclear fusion via proton collisions in the

core at approximately 1 in 1028. That is an extremely small probability, and makes

fusion seem unlikely. However, the vast number of protons means that some tunnel

through, ultimately resulting in an energy production of approximately 4 x 1026 J s−1,

making fusion sufficient as a source of energy production for the Sun.

The photons produced from core fusion now begin their journey to the solar surface,

transiting through the radiative and convective zones of the interior, via a random walk

process taking up to approximately 107 years. The radiative zone, which surrounds

the core is named after the mechanism by which energy is transported in the region,

extends to 0.7 R⊙, and has a negative temperature gradient. Photons are absorbed

and re-emitted by the plasma as they traverse through the region, before coming into

contact with the tachocline. The dynamic plasma motions at this interface between the

radiative and convective zones induce a process called the dynamo effect, responsible

for the generation of strong magnetic fields throughout the solar atmosphere (Moffatt,

1978).

The final interior region, the convective zone exhibits a different energy transport

mechanism than that of the radiative zone. For the process of convection to occur

the energy input must obey the Schwarzchild criterion as outlined in Equation 1.1

(Schwarzschild, 1906). It states that convection is stable under the conditions where

the temperature change with distance from the centre is greater than that of the adia-

batic temperature gradient, where both gradients are negative values.

∇star > ∇adiabatic , (1.1)

where ∇ is the temperature gradient. The temperature at the base of the convection

zone is cool enough for heavier ions to recombine, causing opacity increases. A conse-
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Figure 1.1: Diagram with cut-out showing the different layers of the solar atmosphere.
Image courtesy of the Space Science Institute.

quence of this is that radiation energy cannot propagate through the plasma and instead

heats the plasma. As such the portion of gas will be less dense and warmer than the sur-

rounding plasma, leading to propagation up the convective zone until such times that

the criterion is broken. The convective zone extends to the observable solar surface.

The energy has completed the journey from core to surface, where it is emitted in the

form of electromagnetic radiation. The atmosphere of the Sun is the focus of this thesis,

and as such a more in depth description of its properties are required.

1.2.1 The Photosphere

The most well known source of electromagnetic radiation emitting from the Sun is

the visible white light that we observe with our eyes. However the Sun in fact emits

wavelengths that correspond to the entire electromagnetic spectrum, from radio waves

through to X-rays and high-energy gamma ray bursts. Examination and study of such
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emission using fundamental physics provides a wealth of information about the physi-

cal characteristics of the solar atmosphere, namely composition, temperature and mag-

netic field strength. The nature of the gas in the atmosphere is that of a plasma, con-

sisting mostly of charged particles, protons and electrons. The plasma is therefore very

susceptible to the strong magnetic fields that travel through the stratification of the at-

mosphere into space in the form of the solar wind.

The first layer of the solar atmosphere, is the thin visible layer, known as the photo-

sphere (Figure 1.2), after the Greek word for light. It extends from the end of the con-

vective zone to a geometric height of approximately 500km and is responsible for the

majority of the Sun’s visible light emission. Temperatures within the photosphere are

approximated to lie in the range of 4500-6000K, by treating the system as a blackbody

and inserting wavelengths present in the region into the equation for Wein’s Displace-

ment law,

λmax =
b
T
, (1.2)

where T is the absolute temperature, λmax is the wavelength where spectral radiance

peaks and b is Wien’s displacement constant.

The turbulent nature of the plasma due to several convective motions and large

scale flows, means that it is not prudent to define each region using geometric heights.

Instead these regions are defined by optical depth, τλ . This parameter is a measure

of the opacity of a medium to a particular type of radiation passing through it and is

defined by,

τλ =

∫ z

−∞
Kλdz, (1.3)

where dz is the line-of-sight (LOS) optical path along which optical depth is measured

and Kλ is the extinction coefficient measure in cm−1. This equation implies that large
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optical depth values correspond to a large number of mean free paths along the line

of sight. The opacity of a region is due to four main physical processes that involve

absorption and re-emission of photons, these are bound-bound transitions, bound-free

absorption, free-free absorption and electron scattering. Regions experiencing numer-

ous instances of these processes are known as optically thick. Conversely the optically

thin regime corresponds to plasma regions where photons are less susceptible to con-

sistent absorption and re-emission. The interior layers of the Sun starting with the core,

are considered to be optically thick, with the solar surface being defined as the boundary

from the optically thick interior and optically thin solar atmosphere. The photosphere

is commonly defined as the layer that emits the bulk of solar photons, with the start of

the photosphere defined by an optical depth of τλ = 2/3 (Carroll & Ostlie, 1996). The

optical depth is a function of wavelength and as such the photospheres corresponding

to optical, infra-red, and EUV will be distinct, and exist at different geometric heights

within the atmosphere.

The distribution of strong magnetic fields within the photosphere has been shown

to be uneven through use of historical magnetogram observations (Hathaway, 2010),

with areas exhibiting a lack of strong magnetic fields referred to as quiet Sun regions.

Conversely, areas with a concentration of strong magnetic features are known as active

regions. Both such regions can be identified in Figure 1.2, with the quiet sun regions

at the edges displaying a granular structure, while the active regions in the centre are

much darker. The photosphere is dominated by these quiet regions, as strong kG fields

cover less than 5% of the surface (Lagg et al., 2010). The granules we observe have

irregular structures, with approximate diameters of 100km (Title et al., 1989). Their

centres are bright as they consist of hot plasma that has been transported to the sur-

face via convection. This plasma then loses energy due to radiative cooling, breaking

the Schwarzschild criterion (Equation 1.1) and leading to the generation of the darker

intergranular lanes at the edge, which are caused by the cooler plasma falling back

into deeper regions of the atmosphere. The dark regions within Figure 1.2 are areas

of intense magnetism known as active regions, with their dark appearance the result of
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Figure 1.2: Image of the photosphere taken using a G-band filter with the Rapid Os-
cillations in the Solar Atmosphere (ROSA) instrument at the Dunn Solar Telescope on
24th August 2014. Granules are present alongside the dark intergranular lanes, with
magnetic bright points present. The darker regions are sunspots and pores, making up
active region NOAA 12146. Image adapted from the Figure 7 in (Jess & Verth, 2016).

strong magnetic fields inhibiting sub-surface convection. Such regions are cooler than

the surrounding quiescent plasma as a consequence of the lack of radiative cooling from

upwardly propagating granules. The strong, vertical magnetic fields present in these

regions act as anchor points for energetic events occurring through upper atmospheric

layers and thus their study is important to many areas of research. The formation and

structuring of such active regions is discussed in further detail in Section 2.3.
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Figure 1.3: The VAL-C model used to characterise the temperature and density varia-
tions in quiet sun regions of the solar atmosphere (Vernazza et al., 1981) as a function
of height. The solid line illustrates the temperature change, while the dashed line illus-
trates density.

1.2.2 The Chromosphere

Traversing the photosphere to higher atmospheric layers leads to the chromosphere,

which can be considered as the middle section of the atmosphere. It spans a geometric

height range above the surface of ∼500-2000km. When discussing specific regions of

the solar atmosphere it is common practice to adopt a generalised model to describe

atmospheric parameters. The atmospheric model commonly adopted by the solar com-

munity is that from Vernazza et al. (1981), the so-called ‘VAL’ model. Harvard Skylab

EUV observations were used to generate 6 semi-empirical models to ensure a variety

of differing quiet Sun regions are modelled. For each model, the non local thermody-

namic equilibrium (NLTE) optically thick radiative transfer equation, statistical equilib-
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rium (Chapter 3) and hydrostatic equilibrium equations are solved to generate spectra.

The temperature and density were then adjusted through trial and error to match the

observed spectra, resulting in distributions spanning from the photosphere to the up-

per atmosphere. The VAL models are useful approximations of quiet Sun conditions,

where magnetic features are not dominant. The average quiet Sun VAL-C model is

shown in Figure 1.3, with the atmospheric locations of useful absorptions lines high-

lighted. The model, while widely used to explain observed phenomena (e.g., Fontenla

et al., 2002; Fuhrmeister et al., 2006), has limitations that should be considered before

use. It cannot be applied to active region data sets, where a specific active region model

such as the Maltby et al. (1986) model may be more appropriate. The Skylab obser-

vations are of the chromosphere and as such contain no direct temperature information

at the photosphere or temperature minimum, therefore leading to uncertainties in the

temperature changes (Wedemeyer-Böhm & Steffen, 2007). The model will eventually

be replaced by dynamic 3D models using codes such as Bifrost (Gudiksen et al., 2011),

that more accurately describe the inhomogeneous nature of the atmospheric plasma.

A brief discussion on how the formation heights (Figure 1.3) are known is useful

to provide context for later chapters in this thesis. As photons propagate through the

atmosphere they are scattered by specific atoms depending on their energy, these pho-

tons are then re-emitted and they continue to propagate through the atmosphere. The

formation height of a given line is the height within the atmosphere at which a photon

that has been emitted from a specific type of atom no longer encounters another atom

of that type and is emitted out of the solar atmosphere. The height that this occurs

at is dependent on the opacity of a given atom, and the abundance of said atom. The

formation heights are determined by generating models based on solutions of the sta-

tistical equilibrium and radiative-transfer equations (Chapter 2) enabling determination

of temperature, pressure and number density of given atoms as a function of optical

depth and height (Vernazza et al., 1976).

If we assume that the VAL-C model is a valid model of temperature and density
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changes Fontenla et al. (2007); Botha et al. (2011), we find the chromosphere to be

quite interesting in regards to temperature changes. Initially the chromosphere displays

the same pattern that has been observed from the solar core, through to the photosphere,

that is, when the density decreases the temperature is also reduced as a consequence of

the reduced pressure. The temperature continues to decrease, until the temperature

minimum of ∼4200K is reached, where at heights above this minimum the temperature

will gradually increase, in-spite of the continued density decrease. At the top of the

chromosphere exists the transition region, an atmospheric layer that is approximately

300km thick. Within this region we see a drastic increase in temperature from 104K at

the top of the chromosphere, to temperatures exceeding 105K at the end of the transi-

tion region. The reality is that both the transition region and chromosphere are highly

dynamic and therefore applying static geometric heights to bound them is ill advised

and as such we define the boundaries by the large temperature and density gradients.

The diffuse nature of the chromosphere with density on the order of 10−4 compared

to the photosphere causes alterations in magnetic structures as well as certain observa-

tional challenges. The vertical stratification of the internal and external pressure forces

on the magnetic flux tubes through the chromosphere, results in an increase in the radius

of the flux tube to maintain equilibrium. Expansion of the flux tube causes a decrease

in the localised magnetic flux, and as such they are more susceptible to changes in ori-

entation due to plasma motions or energetic events. This is evident at supergranular

boundaries, where vertically aligned fields become horizontal, which leads to chro-

mospheric fine structures such as off-limb spicules, or if on-disk, fibrils and mottles

(Beckers, 1968; De Pontieu et al., 2004).

Observational challenges arise as the chromospheric emission is overwhelmed by

the emission from the much denser photosphere. Observations of the chromosphere

are predominantly limited to deep absorption lines in the optical region as the chro-

mospheric observables must be optically thick to be distinguished from the brighter

photosphere. The main chromospheric observable lines are Ca II H & K, Hα, Mg I,
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Figure 1.4: An image of the solar chromosphere acquired through a narrowband 0.25 Å
Hα-core filter. The image is centred around a dark sunspot, with ample evidence of
fine scale plasma structures in the quiet regions. A scale representation of the Earth
is depicted in the lower-right section of the image. This snapshot was acquired using
an Andor Technology 4.2 MP Zyla CMOS detector at the Dunn Solar Telescope, NM,
USA. Image adapted from Jess et al. (2015).

along with the Ca II infrared triplet. Such deep absorption lines results in minimum

light levels reaching the detectors once atmospheric seeing, telescope and filter trans-

missions, among other factors are taken into consideration. Jess et al. (2010b) estimated

that≪ 1% of incident solar flux on the Earth’s atmosphere from such lines is converted

into signal on instrument detectors. Therefore, one must consider the sensitivity of

such lines along with exposure times to attain appropriate signal-to-noise for in-depth

chromospheric studies.
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1.2.3 The Corona

The corona is the upper atmospheric layer, beginning at an approximate height of

2300km above the photosphere. However, the definitive transition point, is the location

where sharp temperature and density changes are seen, as discussed in Section 1.2.2,

with temperature changes of two orders of magnitude, to values exceeding 106K, and

density changes of six orders. The mechanisms for such temperature rises are at the

forefront of current research.

The highly diffuse nature of the corona means that any visible light emission em-

anating from the region is engulfed by that of the photosphere. As such the earliest

observations and images of the corona where restricted to those seen during any eclipse

events, or using a coronagraph, which was pioneered in the 1930s. The observed coro-

nal emission comes from three primary sources. The F-corona is created by the scat-

tering of photospheric continuum emission off dust particles, with its light containing

the Fraunhofer absorption lines. The K-corona is produced through electron scattering,

producing a continuum with no apparent absorption lines. The final source is that of

the E-corona, a consequence of spectral emission from highly ionised atoms colliding

with high energy electrons.

It wasn’t known until the 1930’s that many of the coronal spectral lines were a result

of highly ionised atoms of already known elements. The large coronal temperatures

result in complete ionisation of both hydrogen and helium. The emission of the corona

is therefore composed of X-rays as higher energy photons exhibit a shoter wavelength,

with imaging possible in both soft X-ray and UV. The Earth’s atmosphere is an excellent

absorber of X-rays and UV emission, which is useful for human life, but not ideal

for coronal observations. Therefore it is necessary to use space-based instruments to

directly view this region. Missions such as Hinode (Kosugi et al., 2007), SDO (Pesnell

et al., 2012) and the recently launched IRIS (De Pontieu et al., 2014) enable the study

of the corona in unprecedented detail, with Figure 1.5 showing a full disk image taken
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Figure 1.5: An image taken with AIA/SDO of the 193Å emission line. This snapshot
of the solar corona shows multiple bright active regions, the quiescent Sun, best seen
towards the northern pole, and a prominent coronal hole near the disk centre.

by the Atmospheric Imaging Assembly (AIA; Lemen et al., 2012) instrument aboard

SDO.

The corona is composed of three distinct structures that are the result of differing

photospheric magnetic field strengths and orientations. The first are coronal loops,

which are the hottest and brightest regions, and join active regions of opposite polarity.

Their ends are rooted in areas of strong magnetic fields near the edges of active regions.

The magnetic concentrations of the active regions can result in coronal reconnection

events such as coronal jets, solar flares and coronal mass ejections (Bagalá et al., 2000;
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Shibata et al., 2007). Coronal holes are regions of open magnetic field lines, that are

darker and less dense than the surrounding coronal plasma. They lie above unipolar

photospheric regions. The propagation of energetic particles along these open field

lines gives rise to the fast solar wind (Geiss et al., 1995). The final structure is that of

the quiet Sun corona, which does not experience the concentrated magnetic structuring

of active regions. It is however thought to be an important region for small scale re-

connection events such as microflares and nanoflares (Jess et al., 2019), which could be

major contributors to the multi-million Kelvin temperatures of the corona.

1.3 Thesis Overview

Within the solar physics community there have been two main mechanisms proposed

to explain the increase in temperature as one traverses through the solar atmosphere.

These two mechanisms are heating due to wave phenomena and heating due to mag-

netic reconnection, with a brief outline of the competing theories given below.

The solar corona is filled with a highly conductive medium, which means that dis-

sipation of electric current in such an environment is usually inefficient. Due to the

magnetic structures that exist in the atmosphere (Chapter 2) and the inefficient current

dissipation, magnetic energy builds in these structures. This magnetic energy can be

dissipated via a current sheet, which is a thin sheet-like region of enhanced current

density. This dissipation is accompanied by magnetic reconnection, whereby the mag-

netic field topology is altered and energy is released in the form of thermal and kinetic

plasma jets, with energy transported both downwards and upwards in the atmosphere

(Priest & Forbes, 2002). The largest of these flare events have been shown to emit

energies in the region of 1025 J per event (Emslie et al., 2005). It has also been sug-

gested that smaller scale flare events that occur on a more regular basis such as “micro”

or “nanoflares” may provide the necessary energy to maintain the temperatures of the

upper solar atmosphere (Parker, 1988).

The oscillatory behaviour of waves in the solar atmosphere has been studied since
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the early 1960s (Leighton, 1960; Noyes & Leighton, 1963). Heating of the solar at-

mosphere based purely on wave heating requires that waves dissipate a large portion

of their energy within the solar chromosphere while still having sufficient energy to

heat the corona. The highly magnetic nature of the solar atmosphere (Livingston et al.,

2006) can result in modification of the oscillatory wave modes. Such wave modes

are modelled using Magnetohydrodynamic (MHD) simulations (Chapter 2), with three

main wave modes, Alfvén, fast and slow (Section 2.1). These wave modes have been

observed at a number of discrete heights within the solar atmosphere, from the photo-

sphere to the corona (Ulrich, 1970; Nakariakov et al., 1999; Jess et al., 2012b).

In more recent years with the introduction of high resolution instrumentation, there

have been a number of studies to indicate that flare and wave phenomena are inter-

linked, with flare events triggering oscillatory phenomena (Wang & Solanki, 2004; Van

Doorsselaere et al., 2007; Jess et al., 2008). Waves interacting with magnetic field lines

have also been shown to create instabilities that can lead to magnetic reconnection phe-

nomena (Isobe & Tripathi, 2006; Li & Zhang, 2012; Jackiewicz & Balasubramaniam,

2013). From these recent discoveries it appears that the two mechanisms outlined above

may both contribute to the energy deposition necessary to maintain upper atmospheric

temperatures.

The general introduction to the Sun, including its history, an overview of the dif-

ferent layers and a brief introduction to the main heating mechanisms is complete.

Subsequent chapters will focus on studies of MHD waves, and their propagation and

dissipation from the photosphere to the chromosphere. Chapter 2 will detail the theo-

ries surrounding magneto-hydrodynamics in the solar atmosphere. The generation of

such waves, along with their propagation and eventual dissipation in the form of shocks

is outlined. The formation of magnetic flux tubes is discussed, along with the proper-

ties of the major active region structures that are a consequence of high concentrations

of such flux tubes. With the final discussion focused on the observation of absorption

line profiles and their polarisation states. Chapter 3 will provide an overview of the
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two main inversion codes used to extract plasma properties from the observed profiles.

Chapter 4 provides an overview of the current state of MHD wave studies in the lower

solar atmosphere, including studies of shock phenomena and their impact on the local

plasma environment.

The telescopes and instruments used to obtain the data present in this thesis are

detailed in Chapter 5, with both ground and space based facilities and their strengths

and weaknesses discussed.

The first results section is Chapter 6. In this section the effects of energetic plasma

shocks in chromospheric sunspot umbrae are investigated. These umbral flashes, which

are caused by slow MHD waves propagating along the density stratification of the at-

mosphere, are investigated. High spectral and temporal resolution spectro-polarimetry

and spectral imaging is used to isolate these events and allow for a large statistical

study of their effects on plasma parameters. Inversions using a thin slab approximation

of local thermodynamic equilibrium (LTE) are applied to changes in local plasma con-

ditions. Evidence of expanding magnetic field lines due to increased adiabatic pressure

is found. Further examination of the vector magnetic fields results in the first evidence

of such shocking events modifying the full vector magnetic field.

Chapter 7 extends the work of previous chromospheric shock studies by examin-

ing more elusive forms of MHD shocks in active region environments. Ground based

spectro-polarimetric observations of the chromosphere are used in conjunction with

space-based photospheric observations to examine plasma fluctuations in the aftermath

of such events. Non-LTE inversions are used to uncover perturbations of temperature,

velocities and magnetic fields at a range of photospheric and chromospheric optical

depths. Theoretical shock boundary conditions for the slow, Alfvén and fast MHD

wave modes are applied to the inversion results. The results reveal the first observa-

tional evidence of intermediate shocks in chromospheric sunspot umbrae.

Finally, the conclusions that can be drawn from the work presented in this thesis are

summarised in Chapter 8. The future scope of such studies is outlined, with focus on the
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improved resolution and cadence afforded by new observational facilities and the ability

of such high resolution observations to allow for further integration of observational and

theoretical work.
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Chapter 2

Theory

Ian Malcolm: Your scientists were so preoccupied with whether they could, they

didn’t stop to think if they should.

–Jurassic Park



2.1 Magnetohydrodynamics

Magnetohydrodynamics (MHD) is a constantly developing mathematical field that ex-

amines the magnetic properties and behaviours of dynamic electrically conducting flu-

ids. MHD was originally intended to treat plasma as a conducting fluid, with the fun-

damental concept of the theory that magnetic fields and plasma act in a complementary

manner, with fields inducing currents in the fluid, which in turn causes changes in both

the geometry and strength of the magnetic field. The equations that describe MHD

behaviour, combine the Navier-Stokes equations, which are related to mass continuity,

and energy and momentum conservation in fluid dynamics, and Maxwell’s equations

of electromagnetism. As such, MHD has developed into an extremely powerful tool

for the study of not just astrophysical plasmas, but also those in geophysical and en-

gineering fields. In terms of solar physics, MHD theory has allowed for increased

collaboration between observers and theorists, as it provides explanations for the un-

derlying cause of a large range of solar features. These range from the generation of

magnetic fields in the convection zone (Fan, 2009), to magnetic reconnection in the

atmospheric layers (Priest & Démoulin, 1995), even extending to studies of the solar

wind (Usmanov, 1993). Within this thesis we are particularly interesting in building

a comprehensive overview of the physics that governs the propagation of waves in the

atmosphere and the subsequent shocks and discontinuities that arise due to the plasma

environment. Within this section we provide an overview of the ideal MHD equations

and how to derive them, while in sections 2.2 and 2.4 we discuss the generation of

waves and shock phenomena in the MHD framework, respectively. For the interested

reader, there are many excellent books that provide a much more in-depth examina-

tion of the MHD principles discussed in this thesis, such as Priest (2014), Gurnett &

Bhattacharjee (2017) and Goedbloed et al. (2019a).
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2.1.1 Maxwell’s Equations

Maxwell’s equations consist of four distinct relations that describe the fundamentals

of electricity and magnetism, from which one can begin to build up a picture of MHD

fundamentals.

The first relation is known as Poisson’s Law,

∇.E = ρ
ϵ0
, (2.1)

which relates the distribution of electric charge to the electric field, where ρ is the

charge density, ϵ0 is the permittivity of free space and E is the electric field. Secondly,

Faraday’s law is defined by,

∇×E = −∂B
∂t
, (2.2)

and describes how a time varying magnetic field induces an accompanying electromo-

tive force, where B is the magnetic field. The third relation, Ampere’s law describes

how a current or time-varying electric field can be used to generate magnetic fields and

can be written as,

∇×B = µ0j+
1
c2

∂E
∂t
, (2.3)

where µ0 is the magnetic permeability, j is the current density and c is the speed of light

in a vacuum. The last Maxwell equation is Gauss’s Law, and is given by,

∇.B = 0 , (2.4)

which states that the net magnetic flux out of a closed surface is zero, and hence pro-
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hibits the formation of magnetic monopoles, while also implying that any flux tube

maintains a constant magnetic field strength along its length.

In the MHD framework, there are two key assumptions that are made. The first is

that all plasma variations are considered as non-relativistic. Such that the characteristic

plasma speed is assumed to be,

v0 ≪ c , (2.5)

where v0 = l0/t0, with l0 the typical length scale and t0 the typical time scale. This

assumption enables the introduction of the non-relativistic version of Ohm’s Law that

states that the current density of the plasma is proportional to the total electric field,

j = σ(E+v×B) , (2.6)

where σ is the electrical conductivity and v is the non-relativistic plasma velocity with

respect to the magnetic field. The second assumption that is made about an ideal MHD

plasma is that the plasma has perfect conductivity. Using this assumption, that σ→∞,

Ohm’s Law can be further simplified,

E = −v×B . (2.7)

This simplified form of Ohm’s Law can be substituted into Faraday’s Law (Equa-

tion 2.2) to obtain the induction equation,

∇× (v×B) =
∂B
∂t
. (2.8)

whereby the electric field and current density dependence is removed.

The simplified Ohm’s Law equation can also be combined with the characteristic
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plasma speed to provide the following relation,

E0

l0
≈ B0

t0
, (2.9)

where E0 and B0 are the typical values of E and B, respectively. This relation can be

used to produce a reduced form of Ampere’s Law. If we take the second term on the

right-hand side of Equation 2.3, the displacement current, it has a magnitude,

E0

c2t0
≈ B0l0

c2t2
0

=
v2

0

c2

B0

l0
≈
v2

0

c2 |∇×B| , (2.10)

and thus a consequence of Equation 2.5 is that displacement current can be neglected,

producing the reduced form of Ampere’s law,

∇×B = µ0j . (2.11)

2.1.2 Plasma Equations

When examining the induction equation we see that the behaviour of the magnetic

field is coupled to that of the plasma motions via the presence of the velocity term.

Therefore, for a complete description of MHD one must include the equations that

describe fluid dynamics, of which, there are three. The first equation is known as the

equation of mass continuity and is expressed as,

dρ
dt
+ ρ∇.v = 0 , (2.12)

where ρ is the mass density. Through the use of the material time derivative, which is

related to the partial derivative,
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d
dt
≡ ∂
∂t
+v.∇ , (2.13)

and a vector identity, the mass continuity can be expressed in terms of partial deriva-

tives,

∂ρ

∂t
+∇.(ρv) = 0 . (2.14)

With this equation expressing that the material that is inflowing into a given region will

cause an increase in density, while material outflowing will lead to a decrease.

The second equation, known as the equation of motion, can be written as,

ρ
dv
dt
= −∇p+ j×B+F , (2.15)

where ρ is the plasma pressure. The equation shows that the material experiences a

pressure gradient, ∇p, a Lorentz force j×B per unit volume and a force F. This is

the force per unit volume, and is a combination of gravitational and viscosity forces

(Fg,Fv). The gravitational force is given by,

Fg = −ρg(r)r̂ , (2.16)

where r̂ is the unit vector, normal to the solar surface. In this MHD regime, the effects

of viscosity are excluded and therefore Equation 2.15 may be re-written as,

ρ
dv
dt
= −∇p+ j×B− ρgr̂ . (2.17)

The third equation needed to describe the plasma conditions is the energy conser-

vation equation and can be derived by first examining the heat equation,
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ρT
ds
dt
= −L , (2.18)

where L is the energy loss function, which is the net effect of all sinks and sources

of energy, and s is the entropy per unit mass. Assuming the ideal gas law is valid

Equation 2.18 is re-written as,

ργ

γ−1
d
dt

(
p
ργ

)
= −L , (2.19)

where γ is the ratio of specific heats. To simplify this equation further we assume the

simplest adiabatic case, where the energy losses and gains balance, i.e. L = 0, resulting

in,

d
dt

(
p
ργ

)
= 0 . (2.20)

2.2 MHD Waves

Waves are the result of a fluid’s response to some form of disturbance, with different

forms of waves caused by differing forces acting on the medium. One can consider the

typical examples of a propagating sound wave. Such waves are generated by a pressure

restoring force, which is a force that seeks to bring a system back to equilibrium. In

a uniform medium this wave will propagate and carry energy equally in all directions.

The plasma in the solar atmosphere behaves in the same way as other fluids when ex-

posed to the myriad of forces experienced in the atmosphere. There are four main wave

modes that one considers in the solar atmosphere, and we distinguish them based on

the restoring force that drives them. Inertial waves are generated by the Coriolis force,

while Alfvén waves are a result of magnetic tension. Acoustic waves are generated

due to a combination of plasma pressure and gravity, while magnetoacoustic waves are

caused by the combination of plasma and magnetic pressure. In this thesis we are in-
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terested in regions with strong magnetic fields and as such we will focus on the waves

that are generated from these magnetic forces, the Alfvén and magnetoacoustic waves.

The properties of each mode will be discussed in this section.

2.2.1 Linearised MHD Equations

Using a set of simple assumptions it has been possible to derive the ideal MHD equa-

tions, that describe plasma and magnetic field interactions in stars and are written as

follows,

∂B
∂t
= ∇× (v×B) , (2.21)

∂ρ

∂t
+∇.(ρv) = 0 , (2.22)

ρ
dv
dt
= −∇p+ j×B− ρgẑ , (2.23)

d
dt

(
p
ργ

)
= 0 , (2.24)

where r̂, the direction normal to the surface, has been replaced by ẑ in Equation 2.23

to avoid confusion later in this section. These equations allow for the calculation of di-

mensionless parameters that are useful for providing insight into the underlying plasma

conditions, with the two main dimensionless parameters used in this thesis, the plasma

beta and Alfvén Mach number.

The plasma beta is defined as the ratio of plasma pressure to magnetic pressure,

β =
2µ0p0

B2
0

, (2.25)

whereby regions where β ≪ 1 are dominated by magnetic pressure, while β ≫ 1 re-

gions are dominated by the plasma pressure. The value of β can change with atmo-
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spheric height, with pressure the dominant force at photospheric heights, while mag-

netic pressure begins to dominate in the chromosphere and corona.

The Alfvén Mach number is a dimensionless quantity, that represents the plasma

flow speed relative to the Alfvén velocity,

MA =
v0

vA
, (2.26)

where v0 is the flow speed and vA is the Alfvén velocity. This parameter is used widely

in Chapter 7 for shock classification purposes.

The ideal MHD equations provide the base from which the different MHD modes

can be derived. To account for wave behaviour one must consider small perturbations

applied to the equilibrium states of the key variables in the equations, where the small

perturbations are described by,

B(r, t) = B0+B1(r, t) ,

v(r, t) = v1(r, t) ,

p(r, t) = p0+ p1(r, t) ,

ρ(r, t) = ρ0+ ρ1(r, t) ,

where r represents the wave path, and t is the time step over which the small perturba-

tions act. B0, p0 and ρ0 are constant and represent the equilibrium values for the mag-

netic field, pressure and mass density, respectively. While, B1, p1, ρ1 and v1 describe

the perturbations to magnetic field, pressure, mass density and velocity, respectively.

Before using the small perturbations to linearise the MHD equations, we first re-

write Equation 2.24 in terms of partial derivatives,

∂p
∂t
+v.∇p− c2

s

(
∂ρ

∂t
+v.∇ρ

)
= 0 , (2.27)
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where cs is the plasma sound speed,

c2
s =
γp0

ρ0
=
γkBT

m
, (2.28)

where kB is the Boltzmann constant, T0 is the local plasma temperature and m is the

average molecular mass.

The perturbations can then be substituted into Equations 2.21 - 2.23 and Equa-

tion 2.27, while neglecting squares and products of small quantities to give the lin-

earised MHD equations,

∂B1

∂t
= ∇× (v1×B0) , (2.29)

∂ρ1

∂t
+ (v1.∇)ρ0+ ρ0(∇.v1) = 0 , (2.30)

ρ0
∂v1

∂t
= −∇p1+ (∇×B1)× B0

µ0
− ρ1gẑ , (2.31)

∂p1

∂t
+ (v1.∇)p0− c2

s

(
∂ρ1

∂t
+v1.∇ρ0

)
= 0 , (2.32)

Using the linearised MHD equations, we can derive a generalised wave equation that

describes the wave perturbation velocity v1. Equation 2.31 is differentiated with respect

to time, before substituting in Equations 2.29, 2.30 and 2.32, to generate,

ρ0
∂2v1

∂t2 = ∇[v1.∇p0+γp0∇.v1]+
1
µ0

[∇×∇× (v1×B0)]×B0

+
1
µ0

[∇×B0]×∇× (v1×B0)−∇.(ρ0v1)g . (2.33)
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2.2.2 Magnetically Driven Waves

At the beginning of Section 2.2 we discussed how for this thesis we would be focusing

on waves generated as a result of magnetic forces. As such, we consider a region of

magnetised plasma, that is both unbounded and homogeneous, we have constant initial

values for magnetic field, pressure and density. After attaining the generalised wave

equation we use a plane wave solution of the form,

v1(r, t) = v1ei(k.r−ωt) , (2.34)

where k is the wavevector and ω the angular frequency. In this magnetically dominated

regime, both the plasma pressure, p0 and force of gravity g can be set to zero, leading

to a simplified version of Equation 2.33,

− ρ0ω
2v1 = {k× [k× (v1×B0)]} × B0

µ0
. (2.35)

The vector products on the RHS of the wave equation can be expanded out using vector

identities,

k× (v1×B0) = (k.B0)− (k.v1)B0 . (2.36)

In the case of incompressible perturbations we have k.v1 = 0, hence Equation 2.35

reduces too,

ρ0ω
2 =

(k.B0)2

µ0
. (2.37)

We can now introduce the Alfvén speed, vA,
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vA =
B0

(µ0ρ0)1/2 , (2.38)

and inserting the Alfvén speed and k = kcosθ, results in a phase speed of,

v2
ph =
ω2

k2 = v
2
Acos2θB , (2.39)

The phase speed in this scenario, is the phase speed of the Alfvén wave. The Alfvén

waves propagate in the same or opposite direction to the magnetic field, and cannot

propagate in any perpendicular direction to the field. Alfvén waves are transverse as

the velocity perturbations are normal to the direction of propagation. Due to Alfvén

waves being incompressible, the pressure, density and temperature do not play a role

in their propagation. By inserting the Alfvén speed into Equation 2.39 we see that

magnetic tension is the only driving force for Alfvén waves, as there is no pressure

term.

We now come to the compressible scenario, whereby k.v1 , 0. In this case both

pressure and magnetic forces must be considered, leading to a more complex dispersion

relation than for the incompressible case,

v4
ph − (v2

S + v
2
A)v2

ph + v
2
Sv

2
Acos2θB , (2.40)

with vS the sound speed of the local plasma, given by Equation 2.28. It can be shown

that this dispersion relation has two roots corresponding to the two magnetoacoustic

wave modes. The phase speed for the slow mode is given as,

v2
ph =

1
2

(
v2

A+ v
2
S

)
− 1

2

[(
v2

A− v2
S

)2
+4v2

Av
2
Ssin2θB

]1/2
, (2.41)

while the fast mode solution gives the following for the phase speed,
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β ≫ 1,vA ≪ vS β ≪ 1,vA ≫ vS

k.v1 = 0
k ∥ B0 Alfvén wave, v2

ph
∼ v2

A Alfvén wave, v2
ph
∼ v2

A

k ⊥ B0 Alfvén wave - does not propagate Alfvén wave - does not propagate

k.v1 , 0

k ∥ B0

Fast wave, v2
ph
∼ v2

S Fast wave, v2
ph
∼ v2

A

approximately isotropic approximately isotropic

magnetic and kinetic pressure in phase magnetic and kinetic pressure in phase

Slow wave, v2
ph
∼ v2

A Slow wave, v2
ph
∼ v2

S

magnetic and kinetic pressure out of phase magnetic and kinetic pressure out of phase

k ⊥ B0

Fast wave, v2
ph
∼ v2

S Fast wave, v2
ph
∼ v2

A

approximately isotropic approximately isotropic

magnetic and kinetic pressure in phase magnetic and kinetic pressure in phase

Slow wave - does not propagate Slow wave - does not propagate

Table 2.1: Phase speeds in an unbounded magnetised plasma for the slow fast and
Alfv́en wave modes. Table adapted from Jess et al. (2015).

v2
ph =

1
2

(
v2

A+ v
2
S

)
+

1
2

[(
v2

A− v2
S

)2
+4v2

Av
2
Ssin2θB

]1/2
. (2.42)

The introduction of the plasma sound speed into the above equations shows that the

restoring forces for the two magnetoacoustic modes are magnetic pressure, along with

plasma pressure. From Equation 2.40 we know that the phase speed is dependent on the

angle of propagation, and the ratio of the sound and Alfvén speeds, with these speeds

related to the plasma beta,

β =
(2/γ)v2

S

v2
A

. (2.43)

This allows one to probe the properties of the magnetoacoustic modes in regions of

differing plasma beta. Here we consider the strongly magnetic case, whereby β ≪ 1,

as in this thesis we are focused on strongly magnetic regions. An overview of all three

magnetic wave mode properties in both the strong magnetic and weak magnetic (β≫ 1)

regimes is provided in Table 2.1. In the β≪ 1 regime, the Alfvén speed is much greater

than the sound speed such that vA ≫ vS, leading to the reduction of Equations 2.41 &

32



2.42, to,

vslow = vS cosθB , (2.44)

v f ast = vA , (2.45)

indicating that at θB = 0 the slow magneto-acoustic wave couples to the magnetic field

becoming anisotropic, with the wave propagating solely along the field direction at

the sound speed, whereas the fast wave propagates isotropically due to the lack of θB

dependence. This propagation occurs with the same magnitude as that of the Alfvén

wave. To round out our summary on these magnetoacoustic waves, we consider two

scenarios. The first case is where the direction of propagation of the waves is parallel

to the magnetic field direction (k ∥ B0),

vslow = vS , (2.46)

v f ast = vA . (2.47)

In the second case we have the waves propagating perpendicular to the field (k ⊥ B0),

vslow = 0 , (2.48)

v f ast =
(
v2

A+ v
2
S

)1/2
. (2.49)

If we look at the fast speed in the second case, we see that the phase speed varies

and therefore is no longer isotropic. However in the vA ≫ vS limit, the phase speed

is approximately equal to the Alfvén speed in all directions and can therefore be con-

sidered as isotropic. Now looking at the slow phase speed we notice that it is zero in

the perpendicular case, and therefore slow magneto-acoustic waves cannot propagate

perpendicular to the magnetic field as the slow magneto-acoustic wave is coupled to the
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field.

To give a brief summary of this section, the three distinct MHD wave modes have

been defined, the slow, fast and Alfvén. Their phase speeds are ordered 0 ≤ vslow ≤

vA ≤ v f ast , (Goedbloed et al., 2019a). The slow and Alfvén modes exhibit anisotropy,

with both having a preferred propagation direction along the magnetic field, while the

fast mode propagates isotropically. Both the slow and fast modes have both magnetic

pressure and plasma pressure acting as restoring forces, the Alfvén mode restoring force

is only the magnetic tension.

2.3 Magnetic Flux Tubes

Magnetic flux tubes (MFTs) have their origin in the thin tachocline region between the

radiative and convective zone (Fan, 2009). Here the MFTs are generated and are sub-

ject to twisting under the action of differential rotation and turbulent convection from

the solar dynamo effect. MFTs that have been twisted are referred to as magnetic flux

ropes. These flux ropes are still embedded in the convective zone, but are subject to

instabilities which can lead to the flux ropes penetrating the solar surface. The fun-

damental paper by Parker (1955) proposed that flux tubes could rise due to magnetic

buoyancy, where they would then form a pair of sunspots with opposing polarity. If

one considers a horizontal flux tube in equilibrium, it can become unstable if the field

strength decreases fast enough with height. In this case the magnetic field strength

needs to fall faster than the density to become unstable,

d
dz

(
B0

ρ0

)
< 0 . (2.50)

To explain this we consider the internal and external (ρi, ρe) densities of the flux tube.

To maintain a pressure balance we have
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ρe = ρi +
B2

i

2µ0
, (2.51)

and as such ρe exceeds ρi. The plasma will therefore experience a buoyancy force

of (ρe − ρi)g per unit volume. This scenario assumes a horizontal tube, excluding

magnetic tension. When a flux tube is curved the magnetic tension will act as a restoring

force to restrict the buoyancy, and as such it is necessary to consider a slightly more

complex scenario. When allowing the field to bend, Parker (1966) showed that it is

unstable when the field strength decreases with height,

dB0

dz
< 0 . (2.52)

The rising of the MFTs and subsequent emergence (Figure 2.1) is the result of the Ω

effect, whereby the MFT is anchored at both ends in the convective zone, and the field

begins to bend towards the surface. The bending of the field increases the buoyancy,

as the plasma drains from the summit to the anchored feet of the MFT. This causes a

decrease in density at the summit, and subsequently an increase in buoyancy, eventually

leading to the emergence of the tube. It should be noted that there needs to be some

twist in the MFT to prevent the flux tube from breaking up (Leka et al., 1996), and that

the tachocline requires a magnetic field strength of approximately 105G to reproduce

observed sunspot properties (Caligari et al., 1995).

2.3.1 Sunspot Formation

Sunspots have long been observed on the solar disk, but it wasn’t until 1908 that our

understanding of them really developed. Hale (1908) provided the first measurement

showing that sunspots exhibited a magnetic field. However, before we move on to

discussing the specifics of sunspots, we look at the precursors to sunspots. The first

visible evidence for a small emerging active region was that of a small, bright bipolar
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Figure 2.1: A model of flux emergence, showing subsurface loops as well as those
that have penetrated the surface. The large arrows show the local displacements of flux
tubes and separation of opposite polarities over time. Image taken from Zwaan (1985).

region (Fox, 1908), known as plage, which represents the magnetic fields that have

penetrated the surface as a result of the Ω process in the convective zone. Each loop

has two footpoints that mark locations of opposite polarity, with the granular patterns at

the footpoints exhibiting dark intergranular lanes in white light imaging. The magnetic

fields are swept into the intergranular downflow regions via the convective motions in

the plasma causing an increase in field strength to a limit dependent on the density of the

convective flows (Parker, 1963; Galloway & Weiss, 1981), with strengths of ∼ 400G at

the surface (Nagata et al., 2008). However, such fields fall short of the kilogauss fields

that are required for larger active regions, and as such, the fields must be subject to

some additional process to generate the required field strength.

The process of intensification of the magnetic field was suggested to be as a result

of convective instability by Parker (1978) and Spruit & Zweibel (1979), and is referred
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Figure 2.2: Convective collapse schematic. The magnetic flux tube is compressed from
the dashed lines to the solid black lines due to external gas pressure, PG. This is the
result of mass downflow within the tube causing a decrease in the internal gas (Pg) and
magnetic (PM) pressure. The magnetic field lines (green) are subsequently compressed
causing an increase in the magnetic field strength of the tube. The Wilson effect is
shown by the change in position of the τ = 1 optical depth, indicated by the arrows.

to as convective collapse. The basic process of convective collapse is visualised in Fig-

ure 2.2. If we consider a thin flux tube initially in thermal equilibrium, under conditions

of convective instability, the plasma in the tube will be displaced, vertically. This dis-

placement leads to the cooling of the plasma within the tube and the negative buoyancy

force it experiences causes the plasma to accelerate downwards. This leaves the up-

per portion of the tube evacuated, and it will therefore undergo collapse, strengthening

the magnetic field to suppress the instability. The field is intensified until the internal

magnetic pressure and gas pressure balance the external gas pressure, with Spruit &

Zweibel (1979) showing that if the field strength exceeds ∼ 1350G then the flux tube is

stable against convective collapse.
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Table 2.2: The typical parameters for a number of sunspot observations. The intensity
is a fraction of the mean photospheric intensity, and Rvis represents the visible boundary
between AR and granulation. Adapted from Sobotka (2003).

Parameter Pores Sunspots
Diameter (Mm) 1 - 6 6 - 40
Min Intensity 0.2 - 0.7 0.05 - 0.3
Max B Field 1700 3000

B Field at Rvis 1200 800
Inclination at Rvis 40◦ - 60◦ ∼ 70◦

Following the emergence of the flux ropes, and subsequent convective collapse

leads to regions of small magnetic elements. These elements can then coalesce to form

magnetic pores, which are strongly magnetic regions that exhibit a reduced sub-surface

convection, resulting in cooler temperatures than the background quiet sun. Pores them-

selves are either the pre-cursor to or remnant of a sunspot, where sunspots are the largest

constituent component of an active region observed on the solar surface. A sunspot can

be distinguished from a pore by the presence of a lighter penumbral region surrounding

the dark umbra at the centre. Table 2.2 provides an overview of the differences be-

tween the two structures. Sunspots are formed by the coalescence of a group of pores,

however in these regions with multiple pores there is a mix of polarities and as such

the magnetic tension between these opposing polarities should result in the flux tubes

repelling each other. This clustering was proposed to be the result of hydrodynamic

forces caused by flows converging near the surface (Meyer et al., 1974). With these

flows creating vortices around each MFT, enabling them to overcome the magnetic ten-

sion, and coalesce into a larger sunspot (Parker, 1992; Cheung et al., 2010). The larger

sunspots that have been formed are said to retain a ‘memory’ of the their constituent

parts (Garcia de La Rosa, 1987a,b). Light bridges outline the locations where the co-

alescence has occurred, they also represent the locations from which the sunspot will

begin to break up. The resulting segments from the sunspot decay will roughly match

those that formed the larger sunspot.

In a typical case, the growth of a sunspot is much shorter than the decay portion of
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its evolution, For the largest sunspots formation is on the order of a few days, while

the lifetime can range from weeks to months. Sunspots are a collection of MFTs,

and to maintain stability, all MFTs are under hydrostatic equilibrium. Meyer et al.

(1977) showed that a flux tube surrounded by a field free region can be described by

the equilibrium equation,

∇
(
p+

B2

2µ

)
= ρg+ (B.∇)

B
µ
. (2.53)

If we assume a photospheric scenario, whereby both p and ρg are negligible, the

magnetic field at the interface of the MFT and field free region is nearly horizontal,

with such fields manifesting observationally as penumbra. The stability of the sunspot

through the stratification of the atmosphere is dependent on the radial component of

the magnetic field decreasing with height, again leading to more inclined fields with

atmospheric height, at fixed locations. The understanding of the mechanisms beneath

the solar surface that cause the formation and stability of sunspots can be probed using

simulations and helioseismic measurements. A discussion of such methods is outside

the scope of this thesis, for the interested reader the review paper by Kosovichev (2012)

provides an overview of the current status on helioseismology sunspot studies.

2.3.2 Structure of Sunspots

The discussion of sunspots is incomplete without an overview on the appearance and

physical parameters that make these active regions ideal environments for examining

wave activity. When first examining a sunspot, it is their dark appearance that draws the

eye, with the central dark umbra surrounded by the slightly brighter penumbra. While

one may assume that the sunspot umbra is dark, the darkness is just relative to the ex-

ceeding brightness of the photospheric quiet Sun. Umbral brightness varies across the

umbra and is dependent on wavelength, but in general it radiates ∼30% of the flux of

the quiet Sun, while the penumbra radiates ∼80%. Temperatures in umbral locations
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are cooler by 1000 - 1900 K than the surrounding photosphere. This temperature re-

duction is a result of the increased magnetic field strength within the MFT, whereby the

strong fields inhibit sub-surface convective plasma motions that can be seen in granules.

However, if there were a complete inhibition of the convection, then the umbra would

be even darker and colder, and it was first pointed out by Cowling (1953) that convec-

tion is only partially inhibited. In this paper he also showed that a thermal buoyancy

was able to overcome magnetic tension leading to small areas of instability within the

umbra. These small regions are known as umbral dots (Thiessen, 1950), with diameters

of 100 - 450km, and temperatures 1000K hotter than the surrounding umbra.

The reduced temperatures in the umbra results in a phenomena known as the Wilson

effect. The Wilson effect was first deduced in 1769 by Alexander Wilson, who stated

that the umbrae of a sunspot emerges from a deeper layer than the surrounding quiet

Sun, and as such a depression is created, whereby the umbral surface exists at a lower

geometric height, with Figure 2.2 providing a visualisation of this depression. The

effect was first observed by Wilson & Cannon (1968) & Wilson & McIntosh (1969),

where the width of the penumbra on a sunspot approaching the limb, decreases more

rapidly on the disc-centre side than the limb side. It is difficult to measure the depth of

the depression, due to sunspot shape, size and position on the disk. Many observational

studies have been carried out to try and obtain estimates of the depression, with some

studies finding ranges of 400-800km (Bray & Loughhead, 1964; Gokhale & Zwaan,

1972), while others found much larger depths 950-1250km (Prokakis, 1974). Owing to

the difficulty in defining the geometric depth of the depression, it is best to consider the

parameters of the sunspot as a function of optical depth, as using optical depth allows

one to study parameters under similar physical conditions.

The shape of the depression resembles a saucer viewed from the side, and can best

be explained by considering the radial properties of a sunspot at the τ500 = 1 layer, as

field strengths are strongest at the base of the photosphere. The centre of a sunspot is

defined as the point of lowest continuum intensity, and through a defined inverse re-
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lationship between intensity and magnetic field strength (Watson et al., 2014), means

that the strongest magnetic fields exist at the centre, a consequence of the magnetohy-

drostatic equilibrium outlined in Section 2.3.1. Figure 2.3 uses observational data to

outline the changes in intensity, magnetic field, inclination and filling factor as a func-

tion of radial distance from sunspot centre. The decrease in field strength at the umbral

edges results in greater convection, which in turn causes an increase in both tempera-

ture and density of plasma. The increase in these parameters at the umbral edge leads

to a rise in the geometric location of the τ500 = 1 optical depth, which is the cause of

the Wilson depression exhibiting a saucer shape.

After consideration of the radial properties of a sunspot, we must examine what

effect the density stratification of the atmosphere will have on the MFTs forming the

sunspot. The MFT undergoes an expansion with height to maintain equilibrium, re-

sulting in a decrease in magnetic flux. The temperature follows the trend of the quiet

Sun plasma shown in Figure 1.3, where it increases with atmospheric height beyond

the temperature minimum despite the drop in density. An overview of the parameter

changes are shown in Figure 2.4. Most observations have focused on the lower and

central photospheric layers, however there have been a number of studies of the middle

and upper chromosphere (Dara et al., 1993; Penn & Kuhn, 1995), along with the lower

corona (White et al., 1991). The fields in the upper atmosphere tend to be more homo-

geneous and diffuse and as such can be considered in a more straightforward fashion

(Harvey & Hall, 1971; Rüedi et al., 1996).

The plasma beta, that was defined by Equation 2.25 is an important parameter to

consider when examining the ability of MFTs to deliver energy throughout the atmo-

sphere. We have shown how the physical parameters of MFTs change in both the radial

and vertical directions, and as such the plasma beta will undergo changes as one moves

throughout the MFT. Stein (1971) showed that it is possible for all three MHD waves

(slow, fast and Alfvén) to couple in regions where β ≈ 1, due to the slow, Alfvén and
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Figure 2.3: The intensity and magnetic parameters plotted as a function of normalised
radial distance r̄ for 16 sunspot observations carried out by Keppens & Martinez Pillet
(1996). The vertical dotted lines represent the umbra-penumbra (left) and penumbra-
canopy (right) boundaries. In Panel A the continuum intensity is plotted, Panel B
presents the vertical (Bz, curve starting at 2500 G), radial (Br , has maximum at r̄ = 0.4)
and azimuthal (Bϕ, the lowest curve) components of the magnetic field. With the mag-
netic field values attained after applying a Milne-Eddington inversion code (see Chap-
ter 3) to spectropolarimetric observations. Panel C shows the magnetic field inclination,
with 0◦ representing vertical fields, and 90◦ horizontal fields, while Panel D plots the
magnetic filling factor. Taken from Solanki (2003).

fast wave velocities being equal in such a regime. Thus as one propagates from regions

of high β to low β, mode conversion can occur. This conversion is possible due to

the sound and Alfvén speeds coinciding in the β = 1 regions. Such a process is im-

portant in terms of energy dissipation as slow waves can convert into fast modes in a

β = 1 region, untethering them from the magnetic field lines, and allowing propagation

into the atmosphere surrounding the MFTs. Equally MHD waves can be converted to

Alfvén modes (Bogdan et al., 2003) generating Alfvén waves that can dissipate energy
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Figure 2.4: Sunspot plasma parameters as a function of height above the solar pho-
tosphere for a magnetic pore. Upper-left panel shows the plasma density, upper-right
panel the kinetic temperature, lower-left the vertical magnetic field strength and the
lower-right panel displays the derived Alfvén speed. The solid line represents internal
pore configurations while the dashed line represents external configurations. Where in-
ternal means inside the active region, while external is outside the active region. Taken
from Grant et al. (2015).

via Alfvén or resonant shocks (Grant et al., 2018).

Figure 2.5 from Gary (2001) shows the results of their study on the variation of

plasma beta with height for active regions with magnetic fields ranging from 150G to

2500G. Examination of the figure shows that for a large, strong sunspot β < 1 at all

heights. Moving to less magnetic structures, such as smaller sunspots or pores, we

see a transition from β > 1 in the photosphere, to β < 1 in the chromosphere, before

returning to β > 1 in the upper corona. Metcalf et al. (1995) used polarimetric obser-

vations of a relatively small sunspot to compute magnetic field strengths at different

atmospheric layers. From these observations they found a β = 1 layer to exist at a ge-

ometric height of 400km, consistent with the plasma beta crossover occurring at the
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Figure 2.5: Plasma beta model for active regions. The plasma beta is plotted as a
function of height for a range of open and closed magnetic field lines, represented by
the shaded region. The boundaries represent a sunspot of field strength 2500G (bold
line) and a plage region of 150G (thin line). Taken from Gary (2001).

photosphere-chromosphere boundary in Figure 2.5 for the smaller active regions. The

plasma beta does not vary just with height, but also radially, with Borrero & Ichimoto

(2011) (Figure 2.6) showing that the plasma beta increases as one moves out from the

centre of a sunspot. This means that the β = 1 surface exist both radially and vertically

with the MFT, and as such there are a plethora of regions within active regions whereby

MHD waves can undergo conversion and therefore provide a means for dissipating en-

ergy throughout the atmosphere.
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Figure 2.6: Plasma beta as a function of normalised radial distance in a sunspot, where
Rs is the total sunspot radius. The left dashed line represents the umbra-penumbra
boundary, the right dashed line represents the sunspot boundary. The different colour
curves correspond to different optical depths, τc = 1 (yellow), τc = 0.1 (red), τc = 10−2

(green) and τc = 10−3 (blue). Taken from Borrero & Ichimoto (2011).

2.4 MHD Shocks

When one first considers a shock, our mind is drawn to images of supersonic jets or

possibly the shockwave resulting from an explosion. A shock is a type of disconti-

nuity that separates two different regimes of a medium that is otherwise continuous.

The formation of such a phenomena within a medium can be attributed to a nonlinear

phenomena known as wave steepening. When considering a wave of finite amplitude

the nonlinear terms in the wave equation become important. With non-linear propaga-

tion of a high amplitude sound wave, the crest moves faster than the leading or trailing

edge, which results in a progressive steepening of the front section of the wave, due to

the crest catching up. This leads to large density, pressure, velocity and temperature

gradients. The resulting shock wave propagates at speeds in excess of the local sound

speed, while dissipating energy in the form of heat, as such a shock converts ordered
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flow energy into thermal energy. It was discussed in Section 2.3 that active regions pro-

vide ideal conditions for wave propagation to higher atmospheric layers, and as such

the study of shocks in these regions is of particular interest in this thesis, due to their

ability to provide heating to chromospheric locations.

2.4.1 Jump Conditions

To derive the jump conditions necessary for a shock in an MHD plasma, we reconsider

the ideal MHD equations (2.21 - 2.24) outlined in Section 2.1. We exploit the internal

energy, e, variable instead of the pressure, p,

e =
1
γ−1

p
ρ
, (2.54)

and transform the ideal MHD equations into their conservation form, via a derivation

outlined in Goedbloed et al. (2019a).

∂ρ

∂t
+∇.(ρv) = 0 , (2.55)

∂

∂t
(ρv)+∇.

[
ρvv+ (p+

1
2

B2)l−BB
]
= 0 , (2.56)

∂

∂t

(
1
2
ρv2+ ρe+

1
2

B2
)
+∇ ·

[(
1
2
ρv2+γρe+ B2

)
v−v ·BB

]
= 0 , (2.57)

∂B
∂t
+∇ · (vB− Bv) = 0 . (2.58)

where I is a unit tensor and BB is the normal product of the vector B given by,

BB =
∑
x,y,z

Bx ByBzexeyez , (2.59)

which represents the summation of the vectors Bx,By,Bz across the three-dimensional

x, y, z space.
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Equations 2.55- 2.58 represent the conservation of mass, momentum, energy and mag-

netic flux respectively. To arrive at the shock jump conditions we consider the variables

on both sides on the shock front. Within the shock front of infinitesimal thickness (δ)

the ideal model does not hold, but on either side of the shock front the model is main-

tained. If we assume the limit δ→ 0 then the variables are able to jump the boundary,

with the magnitude of the jump determined by the conservation relations. Thus, to

generate the shock jump conditions, we first integrate the conservation relations and

transform into the shock frame, where the shock is stationary and v′ ≡ v− un, where

n is the normal to the shock front and u is the normal speed of the shock front. If

we consider f to indicate any of the physical variables, the jump in f is defined by

{ f } ≡ f1 − f2. The resulting jump conditions known as the Rankine-Hugoniot (RH)

jump conditions may therefore be written as

{ρv′n} = 0 , (2.60)

{Bn} = 0 , (2.61)

{
ρv′2n + p+

1
2

B2
t

}
= 0 , (2.62)

ρv′n
{
v′t

}
= Bn {Bt} , (2.63)

ρv′n

{
1
2

(
v′2n + v

′2
t

)
+

1
ρ

(
γ

γ−1
p+ B2

t

)}
= Bn{v′t . Bt} , (2.64)

ρv′n

{
Bt

ρ

}
= Bn

{
v′t

}
, (2.65)

where the subscripts n and t represent the normal and transverse directions of propa-

gation respectively, and Bt ≡ Btexeyez. We also must consider the 2nd law of thermo-

dynamics, which demands that the entropy should not decrease when the shock passes,

and as such we have to include the condition entropy increases across the shock front,

{S} ≡ {ρ−γp} ≤ 0 , (2.66)
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where S is the entropy. The jump conditions above provide the tools to describe two

different phenomena with the MHD fluid, that result in four possible combinations

(Landau & Lifshitz, 1960). The first are the boundary conditions for moving plasma-

plasma interfaces where their is no fluid flow across the discontinuity, and is discussed

in Section 2.4.2. The second (Section 2.4.3) are the jump conditions for genuine shocks,

where there is fluid flow across the discontinuity.

2.4.2 Discontinuities without mass flow

The first class of discontinuities are those that occur when there is no fluid flow across

the discontinuity. In such a scenario we have co-moving interfaces (v′n = 0), reducing

the jump conditions outlined in Equations 2.60 - 2.65 to,

{Bn} = 0 , (2.67)

{
p+

1
2

B2
t

}
= 0 , (2.68)

Bn{Bt} = 0 , (2.69)

Bn{v′t . Bt} = 0 , (2.70)

Bn{v′t} = 0 . (2.71)

with these conditions permit two possible jumps.

The first of these is known as a contact discontinuity, which is characterised by a

non-zero density jump (ρ , 0), a magnetic field that intersects the interface (Bn , 0)

and zero mass flow (ρvn = 0). It can then be seen from the jump conditions that we

have the following results for the variables,

{ρ} , 0 ,
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{v′t} = 0 , {p} = 0 , {Bn} = 0 , {Bt} = 0 .

We see that only the density changes across the discontinuity. Due to the lack of a

pressure change, the density change must therefore be accompanied by a corresponding

temperature change. A jump in density also results in a jump in the entropy. This type

of discontinuity is common in ordinary gases, but is rare in plasma environments, due

to the plasma being able to diffuse along the magnetic field lines between two regions.

The second type of discontinuity that occurs without mass flow are referred to as

tangential discontinuities. In this case both the mass flow and normal magnetic field

vanish (Bn = 0),

{
p+

1
2

B2
t

}
= 0 ,

{ρ} , 0 , {vt} , 0 , {p} , 0 , {Bt} , 0 .

For this type of discontinuity, the fluid velocity and magnetic field are parallel to the

interface, and the only restriction is that the total pressure is constant across the discon-

tinuity.

2.4.3 Discontinuities with mass flow

We now consider the scenario whereby there is mass flow across the surface of the

discontinuity. We first reform the jump conditions (Equations 2.60 - 2.66) under the

assumption that both that the normal mass flow (ρvn) and normal magnetic field (Bn)

are constant across the discontinuity,

ρvn{vt} = Bn{Bt} , (2.72)
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B2
n {Bt} = ρ2v2

n

{
Bt

ρ

}
, (2.73)

{
p+

1
2

B2
t

}
+ ρ2v2

n

{
1
ρ

}
= 0 , (2.74)

{
e+

p
ρ

}
+

1
2

(
ρvn

Bn

)2 {
B2

ρ2

}
= 0 , (2.75)

{ρ−γp} ≤ 0 . (2.76)

where Equation 2.73 is attained by combining Equations 2.62 and 2.65. Equation 2.75

is derived from Equation 2.64, with the steps outlined in Landau & Lifshitz (1960). At

this stage it is now possible to introduce some dimensionless variables to simplify the

jump conditions outlined above. The Alfvén Mach number was introduced in Sec-

tion 2.2.1 as a dimensionless quantity that is dependent on plasma flow speed and

Alfvén velocity. Here we use ρvn, Bn and set µ0 = 1 to introduce the normal Alfvén

Mach number,

M2
An ≡

v2
n

v2
An

≡ ρv
2
n

B2
n
, (2.77)

this leads to the following proportionality relationship across the discontinuity,

vn2

vn1
=
ρ1

ρ2
=

M2
An2

M2
An1

, (2.78)

where the normal speeds and inverse densities are proportional to the square of the

normal Alfvén Mach number, and the subscripts 1 & 2 represent the upstream and

downstream parameters respectively, with upstream the undisturbed quiescent state,

and downstream representing the shock state.

As with the no mass flow scenario, there are two possibilities that are dependent on

how the variables behave when crossing the discontinuity. The first type are referred to

as rotational discontinuities, and occur when we have fluid flow, and a constant density
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across the discontinuity (vn , 0 and {ρ} = 0), therefore,

{p} = 0 , {vn} = 0 , {B2
t } = 0 , M2

An1 = M2
An2 = 1 ,

{vt} = {Bt} , 0 .

We see that all the thermodynamic variables, as well as the magnitude of B are contin-

uous across the interface. However the tangential component, Bt, rotates in the plane

of the discontinuity, through an angle φ,

φ ≡ 2arcsin
(

1
2
|{Bt}|

Bt

)
, (2.79)

hence the name rotational discontinuity. The discontinuity propagates at a velocity

vn = vAcosθ relative to the rest frame of the fluid, therefore for small angles a rotational

discontinuity is a transverse Alfvén wave. θ is the fixed angle of the vector magnetic

field with the shock normal,

θ = arctan
(

Bt

Bn

)
. (2.80)

The second type of discontinuity possible with mass flow across the interface are the

magnetohydrodynamic shocks. When both the density and normal velocity are discon-

tinuous ({ρ} , 0, {vn} , 0) across the discontinuity the full system of jump conditions

must be used for analysis, with the essential features given by,

M2
An1 , M2

An2 , {p} , 0 , {B2
t } , 0 ,

{vt} = {Bt} ∥ Bt1 ∥ Bt2 , (M2
An1−1)Bt1 = (M2

An2−1)Bt2 .

So all thermodynamic variables and the magnitude of B change across the interface,

and that {vt}, {Bt},Bt1,Bt2 and n are parallel to each other and all lie on the same plane.
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To help simplify the analysis of such shocks, it is useful to exploit the de Hoffman-

Teller reference frame. In this frame the tangential velocities and magnetic fields are

aligned by choosing a coordinate system in which the electric field before and after the

shock is equal to zero, E = −v×B = 0. Within this frame the upstream plasma flow and

upstream magnetic field are parallel and in the same plane, with the same true for the

downstream case, and as such the problem has been reduced from a 3-D to 2-D problem

(Figure 2.7). The de Hoffmann-Teller frame can be extended to the entire shock region

provided the electron flow velocity and local magnetic field remain parallel (Scudder,

1987). For the interested reader more in-depth explanations of the de Hoffmann-Teller

frame can be found in de Hoffmann & Teller (1950) and Kirk & Heavens (1989).

2.4.4 Classification of MHD Shocks

The discussion is now restricted to just the MHD shocks. The next step in analysing

these phenomena requires the determination of the normal component of the upstream

velocity (vn), as a function of the upstream parameters. This will provide us with the

propagation speed relative to the upstream plasma, and will enable the further classi-

fication of the observed shock. The shock jump conditions can be re-expressed using

the de Hoffmann-Teller transformation, resulting in a set of equations that specify the

upstream and downstream parameters. For an exhaustive list of embodied equations

and their associated relationships, see the work of Goedbloed et al. (2019a) . However,

from Goedbloed et al. (2019a) we are able to attain the following for the main upstream

and downstream parameters,


vn1 = M2

An1Bn = −M2
An1

vt1 = M2
An1Bt1 = M2

An1 tanθ1
⇒


vn2 = M2

An2Bn = −M2
An2

vt2 = M2
An2Bt2 = M2

An2 tanθ2
, (2.81)

Bt2 =
M2

An1−1

M2
An2−1

Bt1 , (2.82)
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B1,v1
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Figure 2.7: Top Panel: Field geometry of an MHD shock, viewed normal to the plane
of the discontinuity. The normal n̂ is directed towards the observer, up, out of the page.
Bottom Panel: de Hoffmann-Teller frame of the same MHD shock. The magnetic field
B and velocity v are parallel in both upstream and downstream of the interface. Figure
adapted from Gurnett & Bhattacharjee (2017).

p2 = p1+ (M2
An1−M2

An2)
1− 1

2
B2

t1

M2
An1+M2

An2−2

(M2
An2−1)2

 . (2.83)

It is also necessary to introduce three new parameters, the sound speed, vS, sonic mach

number, MS, and the shock strength, δ,

v2
S =
γp
ρ
, (2.84)

MS =
vn

vS
= vn

√
ρ

γp
, (2.85)
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Figure 2.8: The shock propagation velocity vn as a function of the shock strength δ,
with a constant angle θ, Alfvén velocity VA1 and sound speed vS1. The green line
represents the slow shock solution, the red line is the intermediate shock and the blue
line shows the solution for the fast shock. The black dashed lines indicate the shock
strength corresponding to the maximum shock strength δm and strength at which slow
and intermediate solutions merge δc.

δ =
ρ2

ρ1
. (2.86)

Using the RH equations in combination with the newly defined variables, it is pos-

sible to eliminate the downstream quantities and generate an equation known as the

shock adiabatic equation (Anderson, 1963). The derivation for this equation is out-

side the scope of this thesis, but for the interested reader it can be found in Gurnett &

Bhattacharjee (2017).

(
v2

n − δv2
A1 cos2 θ1

)2
v2

n −
2δv2

S1

δ+1−γ(δ−1)


− δ sin2 θ1v

2
A1v

2
n

[
2δ−γ(δ−1)
δ+1−γ(δ−1)

v2
n − δv2

A1 cos2 θ1

]
= 0 , (2.87)

where vA is the Alfvén speed. With this equation we are given the propagation speed

of the shock as a function of both the upstream parameters and the shock strength. As
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Figure 2.9: Schematic representing the magnetic field geometry before and after the
discontinuity for MHD shocks. With the slow, intermediate and fast shocks shown by
panels a, b and c respectively.

this is a cubic equation in v2
n , three pairs of roots exist, that correspond to the slow,

intermediate and fast shocks. Figure 2.8 displays the shock speed vn as a function of

the shock strength, for specific initial conditions. It is generated by carrying out a full

numerical solution of Equation 2.87 and provides a useful visual representation of the

differences in slow, intermediate and fast shocks. The shock strength δc is the strength

at which the slow and intermediate solutions merge, and become complex (i.e., non-

propagating), while δm is the maximum attainable shock strength for all three types of

shock, with no solution existing for δ > δm.

It can be shown using Equations 2.81-2.83 that there are both entropy forbidden

jumps, and entropy permitted shocks. With the slow, intermediate and fast being these

entropy permitted shocks that are only permitted in situations where M2
An1 ≥ M2

An2, with

Equation 2.82 producing the following relationships for each shock,

M2
An2 ≤ M2

An1 ≤ 1 ⇒ |Bt1 |≥ |Bt2 | (slow)

M2
An2 ≤ 1 ≤ M2

An1 ⇒ Bt1/Bt2 < 0 (intermediate)

1 ≤ M2
An2 ≤ M2

An1 ⇒ |Bt1 |≤ |Bt2 | ( f ast)

(2.88)

For the fast shocks we have Bt1 ≤ Bt2 and thus the magnetic field will break away

from the normal θ1 ≤ θ2, with the opposite holding true for the slow shock. While the

magnetic field during an intermediate shock will undergo a reversal of direction at the
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interface, with the geometries of each shock displayed in Figure 2.9. When one varies

the directions of the magnetic field several limiting cases are encountered. The first

are parallel shocks, in which the magnetic field is parallel to the normal in both the

upstream and downstream (θ1 = θ2 = 0), and thus from Equation 2.82 Bt1 = Bt2 = 0,

which results in the jump conditions reducing to hydrodynamic jump conditions, hence

why these shocks can be referred to as hydrodynamic shocks. Switch-on shocks exhibit

an upstream magnetic field that is parallel to the normal, as in the parallel case, but the

downstream magnetic fields direction may have changed (θ1 = 0, θ2 , 0). Such a shock

occurs when MAn2 = 1 and MAn1 > 1, and as such they are either intermediate or fast

shocks. The final limiting case is that of the switch-off shock, which is the opposite

case to the switch-on shock (θ1 , 0, θ2 = 0), resulting in a classification of slow or

intermediate (MAn2 < 1,MAn1 = 1).

The classification of the different types of MHD shocks has been completed. There-

fore the final thing to do is classify the shock transitions, for this we follow the approach

of Delmont & Keppens (2011) and categorise the speeds of the upstream and down-

stream states into four types in order of increasing entropy,

(A) super-fast: |vn |> vf ,

(B) sub-fast, super-Alfvénic: vA < |vn |< vf ,

(C) super-slow, sub-Alfvénic: vs < |vn |< vA ,

(D) sub-slow: 0 < |vn |< vs .

In Section 2.4.3 the upstream state is defined as 1, and the downstream as 2, the shock

is of type 1→ 2, resulting in the following possible types of shocks,

• A→ B: fast shocks,

• C→ D: slow shocks,

• A→ B = C: switch-on shocks,
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• B = C→ D: switch-off shocks,

• A→ C, A→ D,B→ C,B→ D: intermediate shocks.

Studies of MHD shocks have been carried out on a large variety of plasmas, with

observations of shocks produced by solar flares (Chen et al., 2015) and the solar wind

(Scudder et al., 1986) alongside numerical simulations (Popescu Braileanu et al., 2019)

striving to improve our understanding of these phenomena. Observing such events in

the chromospheric layers of active regions has been a challenging proposition for solar

physicists, and as such the majority of studies have been restricted to observations of

slow shocks in the form of umbral flashes (Beckers & Tallant, 1969). However, recent

work carried out by Grant et al. (2018) along with work presented in this thesis provide

the first observational evidence of other forms of MHD shocks within chromospheric

active regions.
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Chapter 3

Inversions

HAL: I’m sorry, Dave, I’m afraid I can’t do that.

–2001: A Space Odyssey



The scientific method is comprised of four pillars, observation of phenomena, form-

ing hypotheses, testing these hypotheses, and finally establishing a theory based off

verification of said hypotheses. In the solar physics and astrophysics community in

general our ability to apply the third pillar is lacking. It is not currently possible to

send instruments such as thermometers or magnetometers to the solar surface to get

in-situ measurements of the physical conditions of the Sun. Therefore, at present to

attain physical parameters, we have to use indirect methods and make inferences using

measurements of the light emitted. A consequence of such an approach is that uncer-

tainties arise from both the instruments and the assumptions used to infer the parame-

ters. Instrumental and technology restrictions limit the detail that can be obtained, as

compromises must be made in terms of what quantities to measure so that the measured

values have a large enough signal-to-noise.

Electromagnetic light consists of two components, electric and magnetic fields, that

oscillate perpendicular to the direction of travel. These electric and magnetic fields

are always perpendicular to each other, but the orientation of the electric vector is the

deciding factor in deducing the polarisation of the incident light. This electric vector

contains two components, one in the x-direction, the other in the y-direction, assuming

that the wave is travelling in the z-direction.

Ex = E0xcos(ωt −ϕ1) (3.1)

Ey = E0ycos(ωt −ϕ2) (3.2)

where E0x and E0y are the wave amplitudes in the x and y direction respectively, with

ϕ1 and ϕ2 the phase for each component.

In most cases the vector will trace out an elliptical path in the x-y plane, however,

there exist specific cases whereby either a straight line or circle will be traced out. It is

these specific cases that are of interest, as they are useful as a measurement tool. If the

phases of the x and y components are equal, a straight line will be traced and the light
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is described as being linearly polarised. In this situation the electric vector orientation

is dependent only on the magnitudes of Ex and Ey.

Ex = E0xcos(ωt) (3.3)

Ey = E0ycos(ωt) (3.4)

To trace out a circle in the x-y plane, the x and y components must be π/2 radians

out of phase. If ϕ1 = 0, the equations become:

Ex = E0xcos(ωt) (3.5)

Ey = ±E0ysin(ωt) (3.6)

The light in this situation is circularly polarised. The vector can move in both clockwise

and anti-clockwise directions. If, from the perspective of the observer the light moves

clockwise as it approaches them, the light is left hand circularly (LHC) polarised, if

anti-clockwise it is right hand circularly (RHC) polarised.

The relations describing the polarisation states mentioned can be expressed in terms

of intensity. This is useful as it allows one to identify them in the incident light produced

by the solar atmosphere. There are four of these intensity parameters. They are known

as Stokes parameters and combine to form the Stokes vector, S⃗. The Stokes vector

includes unpolarised, partially polarised and full polarised light. The four parameters

describing the polarisation state are; I, Q, U and V. I represents the intensity of the

electromagnetic radiation as a function of wavelength, Q is the intensity difference

between vertical and horizontal linear polarisation, U the difference between linear

polarisation at +45◦ and −45◦, and V describes the difference between RHC and LHC

polarisation.
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S⃗ =



I

Q

U

V


=



E2
0x +E2

0y

E2
0x −E2

0y

2E0x E0y cos θ

2E0x E0y sin θ


=



Intensity

I (0◦)− I (90◦)

I (45◦)− I (135◦)

I (RCP)− I (LCP)


The light generated by the Sun is initially unpolarised, but there are a number of

processes which can introduce polarisation. These polarisation signatures contain in-

formation about the physical properties of the environment that generated them. Solar

magnetic fields play a major role in polarisation. The Zeeman effect is a consequence

of these magnetic fields and is one of the most important mechanisms for inducing po-

larisation signatures. The Zeeman effect describes how the presence of a magnetic field

can cause the splitting of atomic and molecular energy levels into different magnetic

sub-levels. A level that has a total angular momentum J splits into (2J + 1) sub-levels.

Zeeman components are defined as the transitions between these sub-levels and are cat-

egorised into three groups, π, σred and σblue. The top right section of Figure 3.1 shows

a simple case of the splitting into the various components.

The type of polarisation observed depends on the orientation of the magnetic field

with respect to the position of the observer. The π components are only linearly po-

larised and are not observable if the magnetic field is parallel to the observer’s line of

sight. The σ components can be both linearly and circularly polarised, depending on

the angle of observation. The σ components are shifted in wavelength from the central

wavelength of the line (λ0) by a value ∆λB, known as the Zeeman splitting,

∆λB = 4.67×10−13λ2
0B. (3.7)

The longitudinal Zeeman effect occurs when the magnetic field is parallel to the line of

sight. From Figure 3.1 we see that the atomic level splits into two circularly polarised

components, that are polarised in opposite directions. In this situation Stokes V has
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from field intensities as low as 1 milligauss to many thou-
sands of gauss. The second part of the article shows some
recent applications in solar physics with emphasis on the
hidden magnetic fields of the photosphere, chromosphere
and corona.

2. GENERATION OF POLARIZED RADIATION

It is suitable to begin by recalling that the state of polar-
ization of a quasi-monochromatic beam of electromag-
netic radiation can be conveniently characterized in terms
of four quantities that can be measured by furnishing our
telescopes with a polarimeter. Such observables are the
four Stokes parameters (I, Q, U, V ), which were formu-
lated by Sir George Stokes in 1852 and introduced into
astrophysics by the Nobel laureate Subrahmanyan Chan-
drasekhar in 1946. The Stokes I(λ) profile represents
the intensity as a function of wavelength, Stokes Q(λ)
the intensity difference between vertical and horizontal
linear polarization, Stokes U(λ) the intensity difference
between linear polarization at +45◦ and −45◦, while
Stokes V (λ) the intensity difference between right- and
left-handed circular polarization (cf. Born &Wolf 1994).
Note that the definition of the StokesQ andU parameters
requires first choosing a reference direction for Q > 0in
the plane perpendicular to the direction of propagation.

Let us now review the most important mechanisms that
induce (and modify) polarization signatures in the spec-
tral lines that originate in stellar atmospheres: the Zee-
man and Paschen-Back effects, scattering processes and
the Hanle effect.

2.1. The Zeeman effect

As illustrated in Figure 1, the Zeeman effect requires the
presence of a magnetic field which causes the atomic
and molecular energy levels to split into different mag-
netic sublevels characterized by their magnetic quantum
numberM (Condon & Shortley 1935). Each level of to-
tal angular momentum J splits into (2J + 1) sublevels,
the splitting being proportional to the level’s Landé fac-
tor, gJ , and to the magnetic field strength. As a re-
sult, a spectral line between a lower level with (Jl, gl)
and an upper level with (Ju, gu) is composed of several
individual components whose frequencies are given by

νJuMu
JlMl

= ν0 + νL(guMu − glMl), where ν0 is the fre-
quency of the line in the absence of magnetic fields and
νL = 1.3996×106B is the Larmor frequency (with B
the magnetic field strength expressed in gauss). In par-
ticular, a line transition with Jl = 0and Ju = 1has
three components (see Fig. 1): one π component cen-
tered at ν0 (or at λ0), one σred component centered at
ν0 − guνL (or at λ0 + gu∆λB), and one σblue compo-
nent centered at ν0 + guνL (or at λ0 − gu∆λB), where
∆λB = 4.6686×10−13λ2

0B (with λ0 in Å and B in
gauss).

The important point to remember is that the polarization
signals produced by the Zeeman effect are caused by the
wavelength shifts between the π (∆M = Mu −Ml = 0)
and σb,r (∆M = ±1) transitions. Such wavelength shifts
are also the physical origin of the spectral line polariza-
tion induced by the Paschen-Back effect discussed below
in Section 2.5, since the only difference with respect to
the linear Zeeman effect theory considered here lies in
the calculation of the positions and strengths of the vari-
ous π and σ components.

Figure 1. The oscillator model for the Zeeman effect indi-
cating the characteristic shapes of the circular and linear
polarization profiles as generated locally via the emission
process. It is important to note that the Stokes V (λ) pro-
file changes its sign for opposite orientations of the mag-
netic field vector, while the Stokes Q(λ) profile reverses
sign when the transverse field component is rotated by
±90◦.

The Zeeman effect is most sensitive in circular polar-
ization (quantified by the Stokes V parameter), with a
magnitude that for not too strong fields scales with the
ratio between the Zeeman splitting and the width of the
spectral line (which is very much larger than the natu-
ral width of the atomic levels!), and in such a way that
the emergent Stokes V (λ) profile changes its sign for op-
posite orientations of the magnetic field vector. This so-
called longitudinal Zeeman effect responds to the line-
of-sight component of the magnetic field. Accordingly, if

Figure 3.1: Simple schematic showing the Zeeman effect indicating the polarisation
profiles of various components and how their observation depends on the direction of
the line of sight. The Stokes V profile changes its sign for opposite orientations of the
magnetic field. Stokes Q reverses sign when the transverse field component is rotated
by ±90◦. Adapted from Trujillo Bueno (2005).

a strong signal as we only have circular polarisation. The transverse case describes

when the magnetic field is perpendicular to the line of sight. Three linearly polarised

components are seen, a π component and two σ components, perpendicular to the π

component. Stokes Q and U quantify linear polarisation and therefore have stronger

signals in this case (Stokes Q profile Figure 3.1).

Another mechanism to be considered in regards to polarisation is the Hanle effect.

This phenomenon describes the modification of atomic level polarisation under the

influence of a weak magnetic field. The observed effects are dependent on geometry

and can either cause linear polarisation or destroy it, therefore influencing the observed

Stokes Q and U profiles. The Hanle effect allows one to diagnose stellar magnetic fields

with intensities ranging from milligauss to a few hundred gauss, a parameter domain
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within which the transverse Zeeman effect is ineffective (Trujillo Bueno, 2005).

If one wishes to gain a complete understanding of the atmosphere and its quantities,

they must base their inferences off solutions to the radiative transfer equations (RTE),

which describes the generation and transport of electromagnetic radiation through the

solar atmosphere. This equation relates the observed Stokes spectra with the physi-

cal parameters describing the atmosphere and following the convention of Borrero &

Ichimoto (2011) can be written as:

dIλ (X[τc])
dτc

= Kλ (X[τc])[Iλ (X[τc])−S(X[τc])], (3.8)

where Iλ (X[τc]) is the standard notation for the Stokes vector S⃗ at a given wavelength

λ, τc is the optical depth at the continuum wavelength, Kλ is the propagation matrix,

which is defined by a mtrix containing absorbing properties of the atmosphere with

respect to polarisation states and parameters describing magneto-optical effects, it is

used to analyse the propagation of waves of specific wavelength through the plasma (del

Toro Iniesta, 2003). S(X[τc]) is the source function, which is unpolarised, therefore,

only contributes to Stokes I, with the final parameter X[τc] representing the physical

parameters of the atmosphere:

X(τc) = [B(τc),T (τc),Pg (τc),Pe(τc), ρ(τc),Vlos (τc),Vmic(τc),Vmac(τc)] (3.9)

Equation 3.8 therefore describes how the Stokes vector varies with optical depth. Solv-

ing this and inputting Stokes profiles allows for the derivation of physical parameters

including, magnetic field vector (B(τc)), gas (Pg (τc)), & electron pressure (Pe(τc)),

temperature (T (τc)), density (ρ(τc)), line of sight (LOS) velocity (Vlos (τc)), in addition

to the macro (Vmac(τc)) and micro (Vmic(τc)) turbulent velocities.

Any parameter inference must be obtained mathematically by mapping between
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the observations and the physical quantities. To accomplish such mapping an inversion

code is generally used. In solar physics inversion codes comparisons are made between

observed Stokes profiles and synthetic generated profiles to determine the values of

parameters that minimise the difference between the profiles. All inferences made for

the synthetic profiles are based on solutions of the RTE as it relates Stokes spectra to

physical quantities. The synthetic solutions are normally refined through an iterative

process, with the most basic methods using trial and error, such as Monte Carlo meth-

ods, that rely on repeated random sampling. The method of solving by trial and error

may not even converge to give reliable parameter values, it may also not be suitable in

cases where a large number of parameters are used. As such more advanced techniques

need to be considered for obtaining solutions to the RTE and performing large scale

inversion processes.

A number of different methods for solving the RTE have been suggested over the

years, with generally increasing levels of complexity. The main methods will be briefly

discussed before moving on to a discussion of the specific inversion codes used for this

thesis.

3.1 Radiative Transfer Solutions

The most basic approximation of the RTE used is that of the weak-field approximation.

The weak field approximation is used in situations where one can assume that the mag-

netic field is weak and constant with depth. The weakness of the field is guaranteed

provided the Zeeman splitting (Eqn 3.7) of the particular spectral line is much less than

the Doppler width of the line (∆λD),

ge f f
∆λB

∆λD
≪ 1 (3.10)

where ge f f is the effective Landé factor. In this approximation the Stokes V profile is

proportional to the longitudinal magnetic field component. Centeno (2018) showed that
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this method is reliable for obtaining LOS magnetic fields from chromospheric lines for

field strengths < 1200G, while horizontal components and azimuth angles have errors

of ≥ 10% and ∼ 10◦, respectively. Due to the restrictions and intrinsic errors resulting

from such a technique more advanced inversion solutions are favoured.

The most commonly used type of inversion code uses the Milne-Eddington approx-

imation as a solution for the RTE. This approximation is more complex than that of the

weak-field, but is still relatively simple. The Milne-Eddington approximation (Auer

et al., 1977; Landolfi & Landi Degl’Innocenti, 1982) assumes that the thermodynamic

processes are accurately described by a source function that depends linearly on optical

depth,

S = (S0+ S1τc)e0, (3.11)

where e0 ≡ (1,0,0,0)T , with the other physical parameters such as magnetic field

strength, LOS velocity and azimuth (B,vlos, γ), constant throughout the atmosphere.

This leads to a constant propagation matrix, and under such assumptions the RTE has

an analytical solution,

I(0) = (S0+K−1S1)e0. (3.12)

Due to physical parameters remaining constant with optical depth, a Milne-Eddington

approach is not capable of reproducing asymmetric Stokes profiles. Another constraint

from using this method is that it is usually limited to one spectral line, unless the spec-

tral lines used are close in wavelength and formation height, because the different layers

have very different physical conditions. Therefore, the Milne-Eddington model is not

able to fully reproduce profiles. However, Skumanich & Lites (1987) showed its use for

inferring average values of the magnetic field vector and LOS velocity. Owing to these

reliable inferences and the simplicity of the analytical solution, Milne-Eddington inver-
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sion codes such as the Very Fast Inversion of the Stokes Vector Inversion code (VFISV;

Borrero et al., 2011), and the Helium Line Information eXtractor (Helix+; Lagg et al.,

2004) are still widely used by the solar physics community.

A more complex approach often employed is that of a Local Thermodynamic Equi-

librium (LTE) approximation. Such a method treats intensity emission as a blackbody

source. The population of atomic energy levels and the population of other ionic species

are dependent on local temperature and density values, and are evaluated using the

Boltzmann and Saha laws (Gray, 2005) of thermodynamic equilibrium. With this ap-

proach it can be shown that if Kirchoff’s law is assumed the source function is reduced

to

S = (Bv (T ),0,0,0)T, (3.13)

where Bv (T ) is the Planck function corresponding to the local temperature. Using

this approach one removes the need for iterative procedures to synthesis the Stokes

profiles of a given spectral line. Such an assumption is only applicable when applied

to situations where the mean free photon path is small compared to the scale over

which the physical quantities vary. As such, this method is best suited to inversions of

spectral lines that form in the more dense lower atmospheric regions. LTE inversion

methods are relatively simple and computationally quick to run, with an example of

an inversion code using the LTE approximation being the Stokes Inversion based on

Response functions (SIR; Ruiz Cobo & del Toro Iniesta, 1992)

The most complex inversion method is one that requires Non-Local Thermody-

namic Equilibrium (NLTE) calculations, which describe a process whereby non-local

interactions of light and matter are taken into consideration in a non-linear fashion.

Before a NLTE inversion can be used, a model atmosphere must be created. A model

atmosphere will contain the set of thermodynamic variables (temperature, pressure),

dynamic variables (LOS velocity, magnetic field vector, among others) along with vari-
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ables such as microturbulence and macroturbulence. Each of these variables are spec-

ified as a function of optical depth and are usually based of atmospheric models, for

instance the VAL-C (Vernazza et al., 1981), or Maltby (Maltby et al., 1986) models

that represent quiet Sun and sunspot atmospheres respectively. The model atmosphere

allows for the solutions to the RTE and statistical equilibrium equations (SEE) to be

calculated, with the SEE providing the populations of the atomic energy levels. The

RTE solution is compared with the model parameters, where a threshold is used to de-

termine how the model parameters should be perturbed to approach convergence. This

iterative process to achieve the Stokes spectrum for a spectral line is very complex, and

does not have an analytical solution. A consequence of this complexity is that these

inversion codes are the most accurate, but the computational processing required to run

them means that it can take much longer to get the final results. NLTE codes are very

effective and are especially useful for obtaining physical parameters in the diffuse chro-

mosphere region when compared to LTE and Milne-Eddingtion approximations, with

one of the best examples of a NLTE inversion code being the NLTE Inversion Code

based on the Lorien Engine (NICOLE; Socas-Navarro, 2015).

3.2 HAZEL

The HAnle and ZEmann Light (HAZEL; Asensio Ramos et al., 2008) code is a diag-

nostic tool used for the synthesis and inversion of Stokes profiles resulting from joint

action of the Zeeman and Hanle effects. In particular, it focuses on the spectral lines

pertaining to the He I 10830 Å and 5876 Å multiplets. The motivation behind HAZEL

is to provide a robust tool for interpreting spectro-polarimetric observations. It uses a

forward modelling code with an efficient global optimisation method for the inversion

solution and assumes a constant property slab of He I atoms, a height h above the visible

solar surface. It is assumed that all atoms within this slab are illuminated by unpolarised

photospheric continuum radiation. This radiation produces population imbalances and

quantum coherences between sub-levels. The Zeeman wavelength shifts between π

and σ components, along with the atomic level polarisation causes spectral line po-
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larisation. At each step through the iterative process this spectral line polarisation is

calculated by solving the Stokes vector transfer equation of the slab. To enable these

calculations, HAZEL applies the quantum theory of spectral line polarisation (Landi

Degl’Innocenti & Landolfi, 2004), and uses several methods of varying complexity to

solve the RTE, and obtain emergent Stokes profiles.

The numerical solutions are the most general case used by HAZEL for solving the

RTE. In this case the slab properties vary along the path of the radiation. There are two

analytical solutions, both of which assume a slab with constant properties, they are the

exact and approximate analytical solutions. The exact solution for a slab of arbitrary

optical thickness is given as,

I = e−K∗τIsun+ [K∗]−1(1− e−K∗τ)S, (3.14)

where, Isun is the Stokes vector that illuminates the slab boundary most distant to the

observer. The analytical solution is obtained using the case,

I = [1+Ψ0K′]−1[(e−τ1−ΨMK′)Isun + (ΨM +Ψ0)S], (3.15)

where ΨM and Ψ0 are coefficients that depend on slab optical thickness. This is an

approximate solution except when considering an optically thin slab problem, because

it assumes the Stokes vector varies linearly with optical distance. The final and most

simple solution is obtained when taking an optically thin limit of τ≪ 1, giving,

I = I0+ τ(S− I0). (3.16)

The He I atoms, which make up the slab are described by L-S coupling, a method

of describing the total angular momentum of an atom as a combination of the orbital

angular momentum (L) and spin angular momentum (S) of the individual electrons.
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Fig. 2.— Model atom of the triplet system of He I used in this investigation. This work

focuses on the polarization properties of the 10830 Å multiplet between the 2p3P and 2s3S
terms and on the D3 multiplet between the 3d3D and 2p3P terms. The energy of each J-level

is taken from Drake & Martin (1998) and it is given in cm−1 above the fundamental energy
level (1s2 1S0). Note that the separation between the J-levels pertaining to each term is not
drawn to scale.

Figure 3.2: Model atom of the He I triplet system used by HAZEL. The energy of each
J-level is taken from (Drake & Martin, 1998). Separation between J-levels is not to
scale. Figure taken from (Asensio Ramos et al., 2008)

Figure 3.2 displays the model atom of the triplet system of He I used. The energy

separation between different J-levels in the same term is much less than the separation

between different terms. The magnetic fields experienced in the solar atmosphere can

lead to crossings and repulsions of J-levels, and therefore one must allow for coherences

between different J-levels of the same term but not different terms. This allows the

atoms to be represented using the multi-term atom (Landi Degl’Innocenti & Landolfi,

2004). HAZEL uses a five term atomic model to describe the neutral helium system. It

was confirmed by (Bommier, 1980) that this model is suitable to calculate the atomic

polarisation for both the 10830 Å multiplet and the 5876 Å (D3) multiplet.

The inversion code itself uses the Levenberg-Marquardt (LM; Press et al., 1986)

method for minimising the χ2 function, which quantifies how well the synthetic pro-

files fit the observed profiles. The number of parameters for the slab model lies between

five and seven (Table 3.1), with seven corresponding to the case of an optically thick

slab. The thermal velocity, magnetic field vector and macroscopic velocity are always

required, and are enough parameters to describe the optically thin case. The line damp-

ing parameter is only required if Voigt profiles are used to fit the Stokes profiles. The

DIRECT algorithm (Jones et al., 1993) is used as a global optimisation method to pre-

vent getting trapped in a local minimum of χ2. Through each iteration the location of
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Table 3.1: HAZEL inversion parameters

Free Parameter Description Units
β Magnetic field strength gauss
θ β Inclination of magnetic field vector deg
χ β Azimuth of magnetic field vector deg
vth Thermal velocity kms−1

vmac Bulk velocity of plasma kms−1

∆τred Optical depth of line ...
a Line damping parameter ...

the global minimum is found with increased precision. The algorithm quickly finds the

region where the local minimum is located but struggles to determine an exact loca-

tion, due to having poor local convergence properties. The full inversion process goes

through 4 steps. Initially the DIRECT method uses only Stokes I profiles to estimate the

parameters vmac, vth, ∆τred and a (see Table 3.1). For the second step the LM method is

used to refine these results. The third step applies the DIRECT method to all the Stokes

profiles to obtain the remaining parameters. These results are again refined using the

LM method in the final step.

The inversions of the He I 10830 Å line are of particular interest to this thesis, as

they can be used to investigate magnetic properties of structures in the chromosphere

and corona, as the formation height of the He I 10830 Å line is synonymous with the

start of the transition region (Vernazza et al., 1981; Avrett et al., 1994). Another major

benefit is the nearby photospheric Si I 10827 Å line, which makes this region suitable

for probing both the photosphere and chromosphere. The newly updated version of

HAZEL, HAZEL 2.0, now incorporates the SIR inversion code to extract physical pa-

rameters from the photospheric Si I 10827 Å line. These parameters are then used as the

input parameters for the inversion of the chromospheric He I 10830 Å line. This con-

strains the chromospheric parameters to a smaller window and therefore ensures that

the time for convergence to the input Stokes profiles is minimised, as less iterations are

required. The code has also been developed to be efficient for a wide variety of cases, it

also allows for parallelisation, enabling in-depth studies of large datacubes. At present
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the HAZEL inversions cannot compete with strategies based on lookup tables (Casini

et al., 2003; Merenda et al., 2006) with approximately 30-60 seconds needed for the

inversion of a single set of Stokes profiles.

3.3 NICOLE

The NLTE Inversion Code based on the Lorien Engine (NICOLE; Socas-Navarro et al.,

2015) is an inversion code capable of performing analysis of chromospheric spectral

lines and their Stokes profiles in the Zeeman regime. It has been designed to allow

users to both synthesize and invert spectral lines that span a wide range of heights from

the photosphere to the chromosphere. It shares some features with existing NLTE codes

such as RH (Uitenbroek, 2001), but has some unique features of its own, with a number

of approximations used in the design of the code.

The atomic populations do not consider effects such as time-dependent ionisation,

meaning that they are in statistical equilibrium as the populations are assumed to in-

stantly balance between all transitions at each atomic level. When a photon is emitted

from an excited state, both its frequency and direction is independent of the frequency

and direction of the photon that was absorbed by the system. Uitenbroek (1989) con-

firmed that such an approximation works well for the Ca II infrared triplet. NICOLE

solves the statistical equilibrium equations by neglecting the magnetic field presence,

due to lines in most cases being much broader than the Zeeman splitting (Rees, 1969).

The calculations can include a number of spectral lines as long as all the NLTE lines are

of the same element. NICOLE has the ability to work with 3-D datacubes, but the code

treats each column of a given datacube independently, performing 1.5-D calculations,

which means that each column is treated as if it were infinite in the horizontal direction.

As a result the populations are dependent on the conditions of the surrounding environ-

ment. The user is able to select specific locations for inversion nodes along with the

total number of nodes required. The inversion nodes are the locations in optical depth,

where the input model atmospheres are perturbed, to enable convergence of synthetic
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and input Stokes profiles. The ability to use non-equidistant spacing allows for more

nodes at locations where more information is available.

For the calculations involved in the NLTE processes, the plasma conditions must

be defined by a number of parameters, these include, temperature, gas pressure, gas

density, and electron pressure. Number densities are also required for calculation of

background opacities, with protons (H+), neutral hydrogen atoms (H), negative hydro-

gen ions (H−), hydrogen molecules (H2) and finally ionised hydrogen molecules (H+2 )

all required. The user can supply all of the above parameters in the input model atmo-

sphere if all the required information if available. If that is not the case two parameters

can be supplied, with the temperature a requirement, along with either the density, gas

pressure or electron pressure. In this situation NICOLE will solve the equation of state

(EOS) to determine the remaining variables. The calculation of the EOS is split into two

steps, with the first step calculating the populations of the various H states, while the

second step uses the relationships between the thermodynamic parameters (T, ρ,Pg,Pe).

NICOLE users have three different options for each step of solving the EOS. For the

initial step of determining atomic populations, the chemical equilibrium for all possible

molecules is also required. The first method implements what is known as the instan-

taneous chemical equilibrium (ICE) calculation (Asensio Ramos et al., 2003; Asensio

Ramos & Socas-Navarro, 2005), that uses 273 molecules. The next option is the re-

stricted ICE solution that uses only two molecules, H2 and H+2 , leading to a faster and

more stable calculation. The final solution is recommended as it is the most stable and

fasted solution of the three. It involves the use of an artificial neural network (ANN)

and algorithms based off those in Socas-Navarro (2003) and Socas-Navarro (2005). Af-

ter the H populations have been calculated, the thermodynamic variables are calculated

using one of three methods. The Wittmann method (Wittmann, 1974) considers only

H molecules and is a good approximation for most conditions, excluding cool plasma.

ANNs can be used to solve for both electron and gas pressure, although this method

comes with accuracy limitations, with errors on the order of 15%. The final method
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Figure 3.3: CPU time as a function of the inverse number of processors. The dashed
line represents the ideal scenario for parallelisation. Figure taken from Socas-Navarro
(2015).

uses a similar approach to that of the NICOLE method, by using an ANN to get the

molecular H population, before solving the Saha ionisation equation for other atomic

species to determine electron number densities.

Once the atom population densities are known, NICOLE solves the NLTE RTE in

1-D. The full Stokes vectors are calculated for Zeeman induced polarisation, the Hanle

effect is not considered. The formal solution to the RTE follows the Bezier-spline

interpolants approach outlined by Auer (2003), that has been used in radiative transfer

(Multi3d; Leenaarts & Carlsson, 2009) and 3-D MHD codes (BIFROST; Hayek et al.,

2010).

The NICOLE inversion code is of great interest to this thesis, as it has the abil-

ity to probe both photospheric and chromospheric depths. The parameters obtained

from the inversions are expressed as functions of optical depth, allowing one to study

a chromospheric line such as Ca II 8542 Å and attain simultaneous photospheric and

chromospheric information. The code has been developed to be user friendly and effi-

cient. NICOLE uses the MPI library to implement parallelisation, and therefore enables

inversions of large scale data sets, which will be prevalent in upcoming years. NICOLE

achieve the goal of ideal parallelisation, where the CPU time is inversely proportional

to the number of processors, and holds independently of the number of processors (Fig-

ure 3.3
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Chapter 4

MHD Wave Observations in the

Solar Atmosphere

There, peeping among the cloud-wrack above a dark tor high up in the mountains,

Sam saw a white star twinkle for a while. The beauty of it smote his heart, as he

looked up out of the forsaken land, and hope returned to him. For like a shaft, clear

and cold, the thought pierced him that in the end the Shadow was only a small and

passing thing: there was light and high beauty for ever beyond its reach.

– The Lord of the Rings. The Return of the King



The properties of wave oscillations in the solar atmosphere and their effect on the

local plasma are of great interest in terms of atmospheric heating. The compressible

waves characterised in Section 2.2.2 by k.v1 , 0, have the ability to perturb the local

plasma density, leading to intensity fluctuations. These oscillations had been under-

stood in a theoretical sense long before the first observations of such waves were made

in the 1960s, when Leighton (1960) identified periodic velocity and intensity fluctua-

tions. Such observations were backed up by a number of other observational studies

verifying that there are indeed wave oscillations within the solar atmosphere (Stein &

Leibacher, 1974; Deubner, 1975), although they were considered to be purely acoustic

in nature. These early observational studies made no estimation on the energetics of

the oscillations, and it wasn’t until later studies that the magnetic field was considered

as a contributor to the wave dynamics (Mein & Mein, 1976).

To gain a more detailed observational understanding of the wave oscillations and

dynamics, researchers have had to wait for improvements in the resolution of both space

and ground based observing facilities, along with refining of processes to reduce atmo-

spheric seeing effects. The commissioning and subsequent launch of satellites such

as the Transition Region and Coronal Explorer (TRACE; Handy et al., 1999), Hinode

(Kosugi et al., 2007) and SDO (Pesnell et al., 2012) has provided the high resolution

observations required for in-depth analysis. Initial studies of quiet Sun oscillations by

Fossum & Carlsson (2005, 2006) determined that purely acoustic waves, which are

ubiquitous in the solar atmosphere did not have sufficient power in the chromosphere

to be the dominant heating mechanism. This was due to much of the high frequency

oscillations being reflected at the boundary of the photosphere and chromosphere. As

a result the focus has changed to the study of MHD waves (Chapter 2) in highly mag-

netised environments, such as sunspots and pores. The magnetic waveguides in such

regions provide ideal conduits for propagation of waves to higher atmospheric layers,

increasing wave power of higher frequency waves in such locations. Magnetoacous-

tic wave dissipation, in the form of p-mode leakage and shock formation, has been

identified as a viable source of providing the necessary basal heating required for the
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chromosphere (De Pontieu et al., 2004; Bello González et al., 2009; Stangalini et al.,

2011). The following chapter provides an overview of the recent studies and current

state of understanding of MHD wave energy dissipation in the lower solar atmosphere,

with particular attention paid to their behaviour in highly magnetic regions such as

sunspots and pores.

4.1 Lower Atmospheric Oscillations

The behaviour of photospheric oscillations in quiet Sun regions has been observed for

decades through the use of both oscillations in the LOS plasma velocity alongside inten-

sity fluctuations, with 5-minute period p-mode oscillations being shown as ubiquitous

in the photosphere (Edmonds & McCullough, 1966). Within sunspots it was quickly

found that the fluctuations in the LOS velocity were reduced (Howard et al., 1968),

with the power reduction in the velocity amplitude of the umbra compared to the quiet

Sun photosphere found to be between 40 and 60% (Lites et al., 1982; Abdelatif et al.,

1984; Braun, 1995), showing that the magnetoacoustic waves in these regions exhibit

less power than the acoustic waves in quiet Sun locations. Power spectra of the tempo-

ral variations in the velocity measurements in general show that the maximum power

is concentrated at periods of approximately 5 minutes, with a smaller signal of 3 min-

utes oscillations (Beckers & Schultz, 1972; Lites & Thomas, 1985; Bellot Rubio et al.,

2000). A larger range of wave periods can also be observed with oscillations ranging

from a few seconds (Jess et al., 2007) to over one hour (Demchenko et al., 1985). The

dominant power within a sunspot changes as it traverses from the photosphere to the

chromosphere, with a number of studies providing a consensus that 3 minute oscilla-

tions are amplified and become dominant in the chromosphere (Gurman et al., 1982;

Thomas et al., 1987).

It has been of interest to examine the relationship between these two periodicities,

as both are linked to the global p-mode spectrum, which is on the order of 3-5 minutes

(Goldreich & Keeley, 1977a,b). Schroeter & Soltau (1976) provided the first insight
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Figure 4.1: Upper Panel: The observed dominant periodicity of oscillations within
the Northern section of a sunspot is presented as a function of radial distance from the
umbral centre (solid black line). The plot is divided into three sections, marked by the
dashed lines, moving from left to right these sections represent the umbra, penumbra
and canopy. A solid grey line charts the acoustic cut-off period, which is determined by
magnetic field inclinations. The blue and red lines indicate two distinct gradient slopes
present in the penumbra. Lower Panel: Displays the same information for the values
averaged over the remaining sections of the sunspot (E, S, and W). Adapted from Jess
et al. (2013).

into the relation between the 3 and 5 minute oscillations in sunspot umbrae, whereby

they found that the velocity amplitudes were anti-correlated. Further work by Lites

(1986) showed that the chromospheric regions with high power in the 3 minute band

were uncorrelated to the photospheric 5 minute oscillations. The suppression of the

5 minute oscillations in the chromosphere can be explained by the cut-off frequency

derived by Bel & Leroy (1977). Such a frequency describes the minimum required

frequency to enable propagation to the chromosphere along a magnetic field of a given

angle under the action of the gravitational field. If one considers the centre of a sunspot
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umbra, with vertical magnetic fields, the cut-off frequency is ∼ 5mHz or 200s. The 5

minute oscillations exceed this period and thus are reflected back and remain at photo-

spheric levels. However, the work of Jess et al. (2013) (Figure 4.1) showed that when

moving out from the centre of the umbra towards the penumbra, the more inclined fields

allow longer period waves to propagate up to the chromosphere, thus agreeing with the

cut-off module put forward by Bel & Leroy (1977). There are a number of theories that

attempt to explain the existence of the 3 minute oscillations in the chromosphere, along

with their enhanced wave power, with velocity amplitudes increasing from hundreds

of m/s to several km/s when moving from the photosphere to the chromosphere. The

first postulates that the oscillations are the result of the Lamb effect (Fleck & Schmitz,

1991), whereby a disturbance causes resonant excitation of the acoustic cut-off fre-

quency within a stratified atmosphere (Horace, 1909). Another possible explanation

for the enhanced wave power is that it stems from the formation of shock fronts within

sunspot umbrae, known as umbral flashes. Use of 1D simulations has shown that the

wakes of such shock fronts cause enhanced wave power for 3 minute chromospheric

oscillations (Hansteen, 1997; Bard & Carlsson, 2010), however 3D simulations would

be required to further investigate this explanation. The final hypothesis for enhanced

wave power comes in the form of the acoustic resonator (Hollweg, 1979), whereby

high-frequency waves are reflected due to the temperature gradients at the photospheric

temperature minimum and the transition region. Such an effect was later observed by

Kobanov et al. (2011, 2013). Further studies have refined the chromospheric acoustic

resonator model (Botha et al., 2011).

Detecting LOS velocity fluctuations in the photosphere is relatively easy in com-

parison to detecting intensity fluctuations. This is a result of the high density plasma

present in the photosphere. The wave oscillations produce small perturbations in this

dense environment, leading to small variations in temperature and intensity, which are

negligible when compared with the background plasma. Therefore very stable obser-

vational conditions are required for accurate measurements, with a number of studies
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Figure 4.2: A photospheric G-band intensity image (upper-left) of NOAA 10935, taken
using by the SOT instrument onboard the Hinode satellite on 2007 January 8. The other
panels display the Fourier power maps attained from the intensity data, with frequency
bins corresponding to 0.5−1.5 mHz (667−2000 s), 1.5−2.5 mHz (400−667 s), 2.5−
3.5 mHz (285− 400 s), 3.5− 4.5 mHz (222− 285 s) and 4.5− 5.5 mHz (180− 222 s).
It is clear even in the largest frequency bin that the oscillation power in the sunspot in
suppressed. Taken from Nagashima et al. (2007).

showing the difficulty by failing to attain accurate measurements (Beckers & Schultz,

1972; Bellot Rubio et al., 2000). With the Hinode satellite providing the required sta-

bility, Nagashima et al. (2007) were able to calculate the power distribution of photo-

spheric intensity fluctuations using a G-band filter (Figure 4.2). In recent years intensity

studies have continued, with observations of magneto-acoustic intensity fluctuations in

magnetic pores found by Cho et al. (2013). Krishna Prasad et al. (2015) examined in-

tensity fluctuations in different atmospheric layers to find that magneto-acoustic waves

in sunspots are driven by photospheric p-modes, and tracked them from the photo-
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sphere upward to the corona where they subsequently damped, providing credence to

their ability as transporters of energy to upper atmospheric layers. The omnipresent

nature of sunspot oscillations has also been used to map the magnetic field structuring

in the corona through use of seismological estimations (Jess et al., 2016). Finally Kr-

ishna Prasad et al. (2017) showed that the damping of the magneto-acoustic waves is

dependent on both frequency and height within the atmosphere by examining power

spectra over a wide frequency range.

Moving through the atmosphere from the photosphere to the chromosphere, the

plasma environment undergoes drastic changes, which can modify the behaviour of the

magneto-acoustic waves that traverse into these atmospheric regions. Wave oscillations

within the chromosphere are easier to detect than those in the photosphere, owing to the

reduction in density, temperature and pressure, with velocity signatures amplified in the

chromosphere (Felipe et al., 2010b). With the improved spatial and temporal resolution

of new observing facilities the detection of small scale oscillations has substantially

increased, combining such observations with improved inversion codes and models has

lead to numerous insightful and interesting discoveries. We will therefore focus on the

most recent results involving chromospheric oscillations.

The chromosphere is dominated by 3 minute oscillations of magneto-acoustic

waves. With the plasma properties of the photosphere resulting in the cut-off fre-

quency or period preventing the propagation of waves with periods exceeding 4 minutes

(Yuan et al., 2014). In terms of chromospheric magneto-acoustic wave signatures in

the sunspot umbrae and penumbrae, there are two main types, both of which have been

observed for many years. They are Running Penumbral Waves (RPWs) and Umbral

Flashes (UFs), with the studies of both of these phenomena becoming of great interest

in recent years. In recent years there have been a growing number of studies examining

possible dissipation mechanisms for these incompressible waves, via mode coupling or

shock phenomena.

Running penumbral waves are a common sight in the chromosphere, and were first
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detected as brightness disturbances with concentric wave fronts propagating from the

inner boundary of sunspot penumbra to the outer boundary (Giovanelli, 1972; Zirin &

Stein, 1972; Nye & Thomas, 1974). They have been shown to extend more than 15′′ be-

yond the penumbral boundary (Kobanov, 2000), which suggests that they carry energy

sufficient to overpower p-mode oscillations in the quiet Sun, and have also been shown

to perturb magnetic fields by ∼200G (de la Cruz Rodrı́guez et al., 2013). Bloomfield

et al. (2007) provided evidence to the origin of RPWs being that of upwardly prop-

agating magneto-acoustic waves. They suggested that the waves propagate along the

inclined penumbral magnetic field lines in a low plasma-β regime. With the work of

Jess et al. (2013) and Yuan et al. (2014) confirming that RPWs are a chromospheric

signature of magnetoacoustic waves generated in the photosphere. A detailed discus-

sion on RPWs is outside of the scope of this thesis, and as such I direct the reader to

the review paper by Khomenko & Collados (2015) for a more in-depth examination of

RPWs.

Sunspot umbrae show periodic intensity disturbances at chromospheric heights.

These periodic brightenings have been seen for many years, with the first detections

obtained by Beckers & Tallant (1969) and Wittmann (1969) from observations using

the core of the Ca II K2V line, and would be coined Umbral Flashes. These UFs oc-

cur with a period of ∼3 minutes, can measure a number of arcseconds in diameter

and exhibit a horizontal velocity when moving across the umbra, with the prevailing

direction of travel towards the penumbra, i.e. outwards. The nature of these events,

with their periodic appearance along with their propagation lead to UFs becoming an

area of great interest due to the answers they might hold for the atmospheric heating

problem. It was found that the brightenings are accompanied by periodic oscillations

in velocity, with amplitudes of ±10 km s−1 (Beckers & Schultz, 1972; Phillis, 1975).

Giovanelli et al. (1978) found a phase lag of 12s between the wing and line core in

Hα observations, concluding that the waves are propagating upwards, while Kneer

et al. (1981) found that UFs are ubiquitous across the umbra, and can occur at any

time. While observational studies stalled due to the limited resolution of the available
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instruments at the time, theoretical and modelling work continued to provide unique

insight into the nature of UFs. They were found to be signatures of shock fronts and

are a by-product of the ubiquitous 3 minute magnetoacoustic oscillations that propagate

along field lines from the photosphere to the chromosphere within the sunspot umbra

(Havnes, 1970). By using a 1D radiative transfer model of quiet region bright grains

in Ca II H & K, it was found that as these waves propagate through the density stratifi-

cation of the atmosphere, their amplitude increases and they become highly non-linear,

where the shock front forms when the speed of the wave exceeds that of the local sound

speed. This shock front initially propagates upwards, in the direction of the underlying

magneto-acoustic wave, thus manifesting observationally as blueshifted emission at an

approximate geometric height of 1 Mm above the surface (Carlsson & Stein, 1997).

The shock front results in intensity increases that can be between 60 - 150% above the

background umbral intensity (Bogdan, 2000). This is due to a temperature increase

in the local plasma resulting from the dissipation of energy from the shock, this en-

ables the shock to be freed from propagating along the field lines, and subsequently

propagates isotropically. The shocked plasma then experiences a gradual cooling be-

fore falling back to an equilibrium position and resulting in an observational redshift.

Hollweg et al. (1982) determined that shocks will form preferentially in regions that

experience a large Alfvén speed gradient, which is the case with a sunspot, where the

MFT expands rapidly with height. These shock formation theories have been further

validated by advanced modelling studies (Bard & Carlsson, 2010; Felipe et al., 2011,

2014).

The chromospheric heights that correspond to the location of UF formation are

most commonly probed using spectral lines like Ca II H & K and Ca II 8542 Å. Socas-

Navarro et al. (2000b) used spectropolarimetric data obtained from the German Gregory

Coudé Telescope (Schroeter et al., 1985) at the Teide Observatory to provide new ob-

servational insight into the propagation of UFs. They examined two different sunspots,

the first of which showed no UF behaviour on examination of line core intensity. When

looking at the Stokes-V profiles in said sunspot, asymmetries were present in these
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282 L. H. M. Rouppe van der Voort et al.: Umbral flashes

Fig. 4. Ca II H Dopplershift charts from data set C. The Ca II H image (left) specifies four slit sample locations, with pixel numbers. They
correspond to the four marked columns in the top right panel of Fig. 3. The four strip charts show the temporal evolution of a short spectral
segment containing the central emission feature of the Ca II H line at these locations. The fourth chart samples the inner penumbra close to the
umbral boundary.

less sharp but still present, implying that also running penum-
bral waves possess similar shock-like behaviour along the line
of sight.

Each flash in the Dopplershifts charts can be found back
along the corresponding sampling column in the top-right time
slice in Fig. 3 (with some brightness differences due to slit po-
sition variations caused by spectrograph instability). For exam-
ple, the bright flash near t = 8 min in the third chart (pixel 180)
is part of a curved brightness ridge in Fig. 3 which has flashes
on both sides of the umbra and continues well into the penum-
bra, also on both sides. The Dopplershift charts show a corre-
sponding Z pattern at each sample location, also the penum-
bral one (pixel 135, t = 10 min). Thus, the waves retain
Dopplershift shock signature while they spread out toward and
into the penumbra.

Power maps. Figure 5 shows Fourier power maps for each
Ca II image sequence. In each group of four pairs of diagrams,
the first pair shows the time-averaged H or K intensity, the sec-
ond pair the power distribution for 5-min modulation, the third
pair for 3-min modulation, the final pair for 2-min modula-
tion. Each pair consists of a map, with logarithmic greyscal-
ing for the power maps, and a tracing of the power along the
indicated horizontal cut on a linear scale normalized by the
spatial average. The umbral contours defined by the averaged-
intensity maps are overlaid on the power maps and also added
to Figs. 2–4 for reference.

The five-minute power maps show umbrae dark, the
shorter-periodmaps have umbrae power-bright. In all cases the
spatial distributions are rather patchy. The three-minute and
two-minute maps and tracings show roughly similar patterns.
Together, they describe the spatial occurrence distribution of
the umbral flashes. The linear-scale tracings above the power
maps show that this distribution is often markedly peaked: um-
bral flash power tends to be fairly concentrated, often being
larger in the umbral interior than near the penumbra. However,
the peaks are wide enough and show sufficient morphological
variation between the different data sets that one cannot con-
clude that umbral flashes have mono-location pistons. There
is no indication of increased brightness power at the umbra-
penumbra boundary (as noted above, we found quite striking
power rings initially but regard these as artifacts).

Umbral flashes versus umbral dots. The non-homogeneous
power distributions in Fig. 5 suggest a search for flash localis-
ing agents in the underlying photosphere. This can be done for
the four Swedish-telescope data sets which contain simultane-
ous G-band image sequences. In particular, we were curious to
test whether there is spatial coincidence or avoidance between
umbral dots and flashes. For example, Spruit (1981) has sug-
gested that flashes are overstable oscillations from convective
overshoot in field-free columns marked by umbral dots as in
the Parker (1979) “octopus” model for sunspot structure.

Figure 6 shows results in the form of time-averagedG-band
and Ca II H or K brightness maps that are clipped in brightness

Figure 4.3: Ca II H Dopplershift charts from Rouppe van der Voort et al. (2003) . The
Ca II H image (left) specifies four slit sample locations, with each corresponding to
one of the four strip charts. The charts show the temporal evolution of a short spectral
segment containing the central emission features of the Ca II H line at these locations. A
distinct brightening occurs before a blueshifted velocity is seen, followed by a redshift
due to cooling plasma. Figure taken from Rouppe van der Voort et al. (2003).

profiles, consistent with a two-component atmosphere. One component of this atmo-

sphere shows magnetic field and velocity gradients along the line of sight while the

other is the quiet umbra. From these observations it was established that UFs are not

bulk processes, but a collection of small scale shock events. Due to the two component

atmosphere, UFs will therefore only be visible in line core observations if the filling

factor of the first component is large enough. Thus, the focus of observational studies

has moved to understanding the dynamics and interactions of these small scale shocks.

Rouppe van der Voort et al. (2003) produced Dopplershift charts from high resolution

Ca II H spectrograms. These charts (Figure 4.3) show the characteristic Z or saw-

tooth pattern describing the shock behaviour of umbral flashes. This pattern displays

a rapidly accelerating blueshifts, followed by weaker accelerating redshifts, with peak

blueshift amplitudes of 15 km s−1. They also found that UFs have no effect on the

magnetic field topology of the sunspot as they propagate across it.
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In-depth investigations of perturbations of plasma parameters under the action of

UFs has been made possible in recent years due to advancements in both inversion

techniques and instrumentation. de la Cruz Rodrı́guez et al. (2013) were the first to ex-

amine the heating potential of UFs. They employed the NICOLE inversion code to at-

tain plasma parameters from Ca II 8542 Å spectro-polarimetric data, obtained from the

Swedish Solar Telescope (SST; Scharmer et al., 2003). On examination of two frames

containing UFs, with ∼300 profiles inverted, it was found that on average UFs provide

a temperature enhancement relative to the quiescent umbra of ∼1000 K. Their work

also corroborated the findings by Rouppe van der Voort et al. (2003), that the magnetic

field topology undergoes no changes as a result of their formation and propagation. A

more comprehensive study followed from Henriques et al. (2017), who also used SST

data, but examined many more profiles. Their findings included two solutions for UFs.

The first type are upflowing in the chromosphere, with minimal temperature changes.

The second solution corresponds to strong downflows, with velocities of 5 km s−1 in

the chromosphere, and temperature enhancements equivalent to those found by de la

Cruz Rodrı́guez et al. (2013). However, their examination of magnetic field changes

produces a different outcome from previous work, with both forms of UFs resulting

in a lower field strength on average than the background plasma. The authors suggest

an increase in gas pressure due to the shock formation as the cause of this decrease.

The onset of an UF has been found to change the geometrical height corresponding to

log10 τ =−5 (Joshi & de la Cruz Rodrı́guez, 2018). A detailed statistical study of both

the temperature and magnetic field plasma parameters in relation to UFs is carried out

in Chapter 6, and aims to provide clarification on some of the results outlined above.

A very recent and exiting study was produced by Anan et al. (2019), here, the authors

performed inversions of the He I 10830 Å using a constant property double slab model

with parameters constrained by the RH conditions. They were able to show that a typi-

cal UF provides a heating energy per unit plasma of ∼ 2×1010 erg g−1 per shock cycle,

and that this is insufficient to the heat the chromospheric umbra to the required tem-

perature. It was shown that UFs are weak shocks, as they propagate at the sound speed
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and that they may also cause a suppression of the Mach number in the umbra due to the

energy loss they experience.

It has been discussed above how UFs are the result of magnetoacoustic waves prop-

agating along the density stratification of the atmosphere. However, a groundbreaking

study carried out by Grant et al. (2018) showed that shock development in sunspots

can also be evidence for the dissipation of mode-converted Alfvén waves in the um-

bral chromosphere. Using intensity scans of Ca II 8542 Å obtained at the Dunn Solar

Telescope, the authors identified two preferential locations for the formation of shocks,

the first in central umbral locations, where the magnetic fields are strong and verti-

cally inclined. The second location was towards the umbral edge, with the weaker,

more inclined fields. Through temperature calculations with the CAlcium Inversion

using a Spectral Archive (CAISAR; Beck et al., 2015) code, along with LOS velocities

Grant et al. (2018) were able to distinguish a newly observed type of umbral plasma

shock from conventional UFs. The plasma displays both red and blue shifted plasma

moving perpendicular to the magnetic field, along with temperature enhancements up

to ∼20%. These events occur in regions where the plasma-β=1, and, as such, slow

and fast velocities are equal. This, along with their propagation direction, provides

the first evidence for Alfvén wave-induced shocks, where the magneto-acoustic waves

convert into elliptically-polarised Alfvén modes via mode conversion. The elliptically

polarised Alfvén waves possess fluctuating magnetic field components, causing den-

sity perturbations. When the Alfvén speed diverges from the sound speed, the Aflvén

waves become capable of steepening into shocks (Montgomery, 1959), with fast-mode

shocks (Figure 4.4) produced in this scenario, that propagate at the fast speed, such as

those discussed in Section 2.4. With the finding that Alfvén waves can provide heat

to the local plasma, it opens the door for observational studies of more elusive shocks

such within sunspots. In Chapter 7 we use spectro-polarimetric data and inversions to

attempt to identify previously unseen shock events in chromospheric sunspot umbrae.

Even with the advanced observing suites and inversion codes readily available for
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Figure 4.4: Cartoon representation of sunspot displaying a variety of shock phenom-
ena. Magnetic field lines (orange cylinders) are anchored into the photosphere in the
umbra (bottom) and expand laterally with increasing atmospheric height. The light blue
rings represent the lower and upper extents of the plasma-β=1 regions for the heights
of interest. On the left-hand side of the image we have a schematic of non-linear Alfvén
waves resonantly amplifying magnetoacoustic waves to generate shocks. The conver-
sion region on the right-hand side shows the coupling of magnetoacoustic waves (sinu-
soidal motions) into Alfvén waves (elliptical structures), leading to the development of
blue and red shifted plasma during the Alfvén shock creation. The central portion por-
trays the creation of traditional UFs, through the steepening of magnetoacoustic waves
along the density stratification of the atmosphere. Image taken from Grant et al. (2018).

use, there are still unresolved issues in regard to UFs and especially other shock events

in active regions. The launch of the IRIS mission has enabled the detection of UFs

within the transition region (Madsen et al., 2015). They suggest that the apparent veloc-

ities of UFs are the result of successive shock events propagating along the gradually

more inclined magnetic field lines. This picture does not take account for the cases

where counter propagating UFs have been identified (Rouppe van der Voort et al.,

2003). Zhugzhda & Sych (2019) have suggested that there exists a separate class of

UFs, which they refer to as powerful UFs. These are observed to be single or re-
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current pulses, with intervals of ∼20 minutes, compared to the more well known 3

minute flashes. Large studies of preferential formation location are still to be carried

out. Yurchyshyn et al. (2015) have stated that they are more likely to form near light

bridges, although conclusive proof is still needed. There are still many questions sur-

rounding compressible and incompressible MHD wave modes in the solar atmosphere.

Energy dissipation via compressible modes has been readily observed in highly mag-

netised chromospheric regions, whereas only one study has been able to show energy

dissipation of an incompressible wave mode. Further investigation into the dissipa-

tion from both types of modes is required to continue the work of understanding the

atmospheric heating problem.

Studies of shock events within the atmosphere have been restricted to highly mag-

netic regions such as sunspots, as the main detection methods (some are outlined in

Chapters 6 & 7) for these events are reliant on observing intensity enhancements. Such

enhancements are much easier to detect within active regions due to the magnetic field

suppression of the convective plasma resulting in a darker background. Some possible

avenues for identifying shock events in quiet Sun regions are outlined in Chapter 8, with

detection of such events in quiet Sun regions an important step into providing insight

into their potential as a possible source of energy deposition in the upper atmospheric

layers and wether they can provide the necessary basal heating for the atmosphere.

Within the next few years, a wealth of new observing suites will be available to con-

tinue the required analysis and provide unique insight into these important phenomena.
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Chapter 5

Instrumentation

Principal Skinner: Ah, there’s nothing more exciting than science. You get all the

fun of... sitting still, being quiet, writing down numbers, paying attention... Science

has it all.

Bart: Is that the telescope we’re going to be looking through?

Principal Skinner: Yes, but you won’t be looking through it. [he chuckles] I forbid

it. But you don’t need a telescope to enjoy astronomy, Bart. [pointing] There are all

the constellations you’ve heard so much about. There’s Orion, the swan, the chariot

race...

–The Simpsons: Season 6, Episode 14 - Bart’s Comet



The ability to observe and understand celestial objects in greater detail has long

been a goal for humans, since the creation of the first telescopes in the 17th century by

Galileo Galilei. While the general principles of the optical telescope remain the same

the creation of observing facilities has come a long way to become the multi-billion

dollar industry that it is today. The ability of the Sun to emit a myriad of electromag-

netic radiation has led to the creation of a vast number of facilities each with a specific

focus. Such facilities can range from local university telescopes operated by a few

people, to large diameter ground telescopes or space based instruments run by large

international partnerships. The use of a number of facilities in conjunction with one an-

other often leads to the most promising results, as one can probe multiple atmospheric

layers simultaneously, with many advancements in the study of atmospheric heating

and plasma dynamics resulting from such studies. Future facilities point towards more

exciting advancements with such fields due to improved spatial, spectral and temporal

resolution.

Ground- and spaced-based observations each have their own unique merits and pit-

falls. Within this chapter each method of observing will be discussed, along with an

overview of the facilities used to obtain the data used in this thesis.

5.1 Ground Based Observing

Ground based observing is the most popular method of observation. This, for the most

part, is due to the cost of production of ground based facilities and associated mainte-

nance. Even though the technology to produce satellites and send them into space is

readily available, the in-ability in most situations to maintain such an instrument leads

to the preference for ground based observing. Access to a facility is a major advantage

not just in terms of maintenance, but also for data access and upgradability. Physical

access to onsite data allows for a user to download required data onto hard drives on the

same day that observations are taken. The rate of technological advancement, with the

improvements in lens and filter production, along with more effective charge coupled
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devices (CCDs), means that new instruments are constantly being made, with older

ones being updated. The ability to switch in these state of the art instruments is one of

the major advantages of using ground based observations.

The main issue that ground based observations have to contend with are those

caused by atmospheric fluctuations, often referred to as ‘seeing’ effects. Some of the

earliest references of ‘seeing’ date back to Aristotle, who observed stellar scintillation,

others such as Newton even stated that “the air through which we look is in perpetual

tremor”. The Earth’s atmosphere experiences turbulence, caused by convection, wind

shears and the movement of wind over objects. Accurately modelling turbulence is a

complex unsolved problem, but the basic idea is that there exists large scale stirring.

We have large scale motions, which break up into smaller and smaller motions, until

the viscous dissipation scale is reached, with this process known as the turbulent cas-

cade. With Kolmogorov (1941) showing that these small scale turbulent motions are

isotropic. If the atmosphere were to be completely homogenous then turbulence would

have no effect on incoming radiation. However, the atmosphere is inhomogeneous due

to small variations in temperature and density. Different densities cause changes to

the refractive index, and hence the incident radiation experiences different degrees of

refraction. The movement of these regions due to turbulence means that the refrac-

tive index of each part of the atmosphere is constantly changing, resulting in images

exhibiting fluctuations in intensity and position.

The quality of optical transmission through the atmosphere due to the inhomoge-

neous refractive indices can be quantified by the Fried parameter. It is wavelength

dependent, with units of length and defines the scale length over which phase errors in

a wave front are of the order of 1 radian. At a given wavelength it can be expressed as

r0 =

(
0.423k2

∫ ∞

0
C2

n (z)dz
)−3/5

, (5.1)

where C2
n is the atmospheric turbulent strength, with z the path of the incoming
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optical light assuming a path in the vertical direction. The larger the value of r0, the

weaker the seeing, with typical observatory locations displaying r0 values at a 500nm

wavelength, of 10-20cm. The wavelength dependence of the Fried parameter result-

ing from the wavenumber (k = 2π/λ) can be thought as a proportionality relationship

shown by Equation 5.2,

r0 ∝ λ6/5 . (5.2)

Therefore, shorter wavelengths such as those corresponding to UV and Optical emis-

sion are more susceptible to turbulent effects than the longer wavelengths of infrared

and radio.

5.1.1 Adaptive Optics

While atmospheric turbulence effects can be reduced by placing telescopes in locations

of high altitude, low rainfall and predominantly laminar wind flow, there are still ‘see-

ing’ effects that alter the incoming solar radiation. To further improve image clarity

and quality, optical systems with adaptive optics (AO) technology are implemented.

AO systems have the ability to adapt to further compensate for any distortions caused

by the turbulent atmosphere. Under ideal conditions, the resolution of an optical system

can be defined by the Rayleigh criterion,

α = 1.22
λ

D
, (5.3)

where D is the diameter of the aperture and λ is the wavelength of the incoming light.

With α, the diffraction limited angle indicating the minimum resolvable angle in radi-

ans. With ground based observing these diffraction limits are difficult to attain, but with

an adaptive optics system (Figure 5.1) it is possible to approach this limit and therefore
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Figure 5.1: Schematic showing how an adaptive optics system senses and compensates
for perturbed incoming light rays. The light is split, with some fed into the wavefront
sensor, while the rest is collected by the observing instruments. Both the science out-
put and sensor analysis are used to iteratively improve upon the performance of the
deformable mirror. Adapted from the Center for Adaptive Optics.

resolve finer structures on the solar surface.

If we wish to understand how adaptive optics works, we should first consider a

single beam of light. This light when propagating through the vacuum of space, with

a certain phase, travels at a constant speed. When interacting with a constant medium

the speed of the beam is altered uniformly. Propagating through the atmosphere, which

is a non-uniform medium leads to different parts of the beam travelling at different

velocities, and therefore reaching the detector at different times. To account for this, an

AO system using a Shack-Hartmann sensor (Figure 5.2) can be used. This system uses

lenslets to create an array of dots that can represent the amount of distortion present in a

wavefront. With an ideal, plane wavefront a grid of uniform dots is attained. In the case

of a distorted wavefront these dots are displaced. These displacements are then used to
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Figure 5.2: Wavefront sensing using a Shack-Hartmann configuration. The top di-
agram shows the resulting image formed from light travelling through a uniform
medium. The bottom diagram shows a possible deforming slope given to the phases of
light travelling through a non-uniform medium. Wavefront slopes are measured from
the imaged formed and compensated for by manipulating a deformable mirror. Adapted
from the Center for Adaptive Optics.

determine the wavefront slope, with an array of wavefront slopes used to reconstruct

the actual wavefront. The information is then used to apply an equal, but opposite

cancelling distortion to the wavefront, to correct the pattern. For such as system to

work well it requires the constant re-evaluation of the atmospheric conditions, with

high-cadence imaging providing updates to the mirror’s shape hundreds of times every

second (Roddier, 1999). Although there are still limitations to AO systems, they are

now ubiquitous at ground based observing facilities and have allowed for the resolution

of dynamics on an unprecedentedly small scale.

An overview of ground based observing, the advantages, limitations and different

systems involved has been provided. Now, the specific observatories and instruments

used to obtain the data for this thesis will be discussed.
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Figure 5.3: Optical path schematic for Richard B. Dunn Solar Telescope
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5.1.2 Dunn Solar Telescope

The Vacuum Tower Telescope was constructed in 1969 as the world’s premier solar

observing facility, and would later be renamed the Richard B. Dunn Solar Telescope

(DST) in 1988 after its designer. The facility sits at an elevation of 2800 m at the Na-

tional Solar observatory (NSO) site atop Sacramento Peak, in the Sacramento Moun-

tains of New Mexico, USA.

The optical system at the DST (Figure 5.3) is designed to mitigate atmospheric

distortions and allow for year round observing of the Sun. This evacuated tower is

comprised of three principle mirrors, and is over 100 m in length. The portion of the

telescope above ground is painted white and extends 41.5 m above the surface in an

attempt to reduce the effects of thermal structures on the ground. The sunlight enters

the tower through a 0.76 m diameter quartz window, where it is then guided through the

remainder of the tower by a pair of 1.1 m diameter mirrors, with these mirrors acting as

a heliostat, to allow for accurate tracking of the Sun as it moves across the sky in both

elevation and azimuth.

The width of the telescope tube increases near the base to allow for off-axis focusing

of the beam at the 1.6 m diameter primary mirror, located near the base of the tower,

58.8 m underground. The focused beam is extracted through a 0.6 m diameter quartz

window to the observing area at ground level, where it can be used by multiple scientific

instruments.

The entire optical system is suspended just below the top of the tower on a rotat-

able float bearing containing 120 gallons of liquid elemental mercury, with three bolts

supporting the entire 350 ton telescope. The use of such a mount allows for constant

observing as the observing table floor can be rotated to compensate for time-dependent

image rotation. In 2004 the telescope was upgraded with a high order AO system that

uses a Shack-Hartmann sensor, consisting of 76 lenslets (Rimmele et al., 2004), that

enables resolving of fine scale structures.
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Table 5.1: Optical bands used at DST

Filter Name Central Filter Typical Height of
Wavelength Bandpass Exp Time Formation

(Å) (Å) (ms) (km)
Ca II K core 3933.7 1.00 28a,b ∼ 800b

Blue continuum 4170.0 52.00 8a ∼ 0c

Blue continuum 3501.0 102.00 80d ∼ 0
G-band 4305.5 9.20 10a ∼ 75c

Na I D1 (UBF) 5895.9 0.21e 45a < 800 f

Mg I b2 (UBF) 5172.7 0.21e 40a < 900g

Hα core (Zeiss) 6562.8 0.25 25h < 2500i

a : ROSA Jess et al. (2010b)
b : CSUNcam Grant et al. (2015)
c : Beebe & Johnson (1969)
d : Jess et al. (2012b)
e : Beckers et al. (1975)
f : Simoniello et al. (2008)
g : Athay (1963)
h : Jess et al. (2012a)
i : Leenaarts et al. (2012)

The atmosphere absorbs certain wavelength ranges, and therefore they are not ob-

servable at ground based facilities. These include gamma-rays, x-rays and ultraviolet.

However, optical and near-infrared wavelengths within the range ∼ 330−2200 nm, can

be observed from the ground. These wavelengths sample multiple atmospheric heights

and as such are of interest to the studies presented in this thesis.

The sunlight that reaches the observing area is split into ‘red’ and ‘blue’ channels.

These channels are directed to the relevant instruments, with the optical bands studied

at the DST outlined in Table 5.1. There will now be in-depth discussion on each of the

DST instruments used for data acquisition for the studies in this thesis.

5.1.3 Facility InfraRed Spectropolarimeter

The Facility InfraRed Spectropolarimeter (FIRS; Jaeggli et al., 2010) is an advanced

dual beam imaging spectropolarimeter, developed by the University of Hawai’i and

the National Solar Observatory. The instrument is a classic slit based spectrograph

and is used to provide diffraction limited spectropolarimetry of visible and infrared
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Table 5.2: Properties of FIRS low and high resolution modes

Property Low (f/36) High (f/108)
Rayleigh limit (6302Å) 0.21′′ ...
Rayleigh limit (10830Å) 0.36′′ ...
Rayleigh limit (15648Å) 0.52′′ ...
Field of View 174′′×75′′ 58′′×25′′

Spatial Sampling (Visible) 0 .′′30×0 .′′08 pix−1 0 .′′10×0 .′′03 pix−1

Spatial Sampling (InfraRed) 0 .′′30×0 .′′15 pix−1 0 .′′10×0 .′′05 pix−1

Scan Time 18 min 25 min
Spectral Resolution (6302Å) 0.01Å ...
Spectral Resolution (10830Å) 0.04Å ...
Spectral Resolution (15648Å) 0.05Å ...

wavelengths. The dual arm design enables the simultaneous observing of the visible

Fe I 6302Å and one of the infrared Fe I 15648Å or He I 10830 Å lines.

FIRS has the ability to operate in a multi-slit mode, as the slit unit contains four

parallel slits. This enables the imaging of four areas simultaneously, with the added

benefit of greatly reducing the time required to observe large areas on the solar disk,

however this also reduces the wavelength window available and it is up to the observer

to decide whether they want speed or wavelength coverage. The upgraded AO system

on the DST provides diffraction limited image quality, with a system of interchangeable

optics on the FIRS system allowing for either low (f/36 174′′×75′′) and high resolution

(f/108 58′′ × 25′′) fields of view, with the properties of both resolution modes when

using a 40 micron slit outlined in Table 5.2.

The optical path and setup of the instrument is displayed in Figure 5.4. Light which

has been passed through the AO system passes through a 95/5 beam splitter, where 95%

of the incident light is sent to the dual arm spectrograph section, with the remaining 5%

used to generate a contextual white-light slit-jaw image of the observed region. A large

off-axis parabolic mirror acts as both a collimator for the beam of light, and as camera

optics. The collimated beam is then dispersed by a large Echelle grating in a Littrow

configuration at a blaze angle of 63.5◦. An Echelle grating is a type of diffraction
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Figure 5.4: FIRS schematic adapted from Jaeggli et al. (2010)

grating, that for a specific wavelength has been optimised to achieve the maximum

diffraction efficiency from a given incident power P0,

η =
P
P0
, (5.4)

where P is the diffracted power and η is the efficiency. With an optical grating, there

is a constant spacing d, between the grating steps, with this spacing determining the

magnitude of the wavelength splitting. The grating steps have a triangular, tooth like

shape. The angle that these steps make with respect to the surface is known as the

Blaze angle, with Echelle gratings possessing large Blaze angles exceeding 45◦. The

Littrow configuration refers to a specific geometry setup for a blazed grating, and plays

an important role in spectrometers. In this configuration the angle of incident and
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diffracted light are equal.

With FIRS in a standard setup Fe I 6302Å has a diffraction order of 90, Fe I 15648Å,

36 and He I 10830 Å, 34. These high orders result in a wide angular separation of the

two simultaneously observed wavelengths due to the grating equation,

nλ = d(sinθ + sinθ′), (5.5)

where n is the diffraction order, λ is the wavelength, d is the line spacing, θ is the

incidence angle and θ′ is the diffraction angle. FIRS observes in high orders, and as

such the spectrograph is no longer in the Littrow configuration so θ , θ′.

The beam that has been dispersed by the Echelle grating travels back to the primary

mirror where it is refocused, before travelling to the visible or infrared detectors via

the use of pick-off mirrors that select wavelengths from their proper orders. Both the

visible and infrared arm optics are identical, with the beam size and focus adjusted by

2 lenses either side of a set of liquid crystal variable retarders (LCVRs) that are used

to modulate the polarisation. Dense wavelength division multiplexing (DWDM) filters,

which are essentially narrow band filters made for specific wavelengths, are used to

isolate the lines of interest and prevent any overlap from the spectra of adjacent slits.

The final optical element that the beam passes through before reaching the focal plane,

is a Wollaston prism. These prisms are used to split linear polarised light into two

beams with orthogonal polarisation.

The detector used on the visible arm is a Kodak 2k x 2k CCD, with the infrared

detector Raytheon Virgo 1k x 1k HgCdTe array. The use of DWDM filters provides a

wavelength coverage of 6302±2 Å, 10832±5 Å and 15648±8 Å. The ease at which one

can change between the two infrared filters, along with the ability of FIRS to sample

multiple atmospheric layers simultaneously, make it a valuable instrument for exploring

the magnetic activity of the solar atmosphere.
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The FIRS instrument has a ready made publicly available pipeline for reduction

and processing of the raw instrumental data1. The data is processed in four main steps.

Initially the user will identify the files to be used as input for the reduction code and the

necessary header information will be extracted to identify the base files needed for the

rest of the reduction. The data will then undergo a process of flat fielding to correct for

small and large-scale inhomogeneities in the spectra. The third step involves calibrating

both the instrument and the telescope to correct for polarisation introduced by both the

instrument and telescope. The final step involves the correction for dark current, cross

talk, compensation for the CCD orientation among numerous other processes.

5.1.4 Fabry-Pérot Interferometers

The FIRS instrument described previously, is an excellent slit based spectrograph, pro-

viding high resolution observations of Stokes profiles within a narrow field of view.

If one wants to obtain simultaneous Stokes profiles over a large 2-D FOV, then a slit

based spectropolarimeter is limited due to the need to step the slit across the FOV with

a non-zero cadence. To solve this problem, a Fabry-Pérot Interferometer (FPI), also

known as a spectral imager, can be used. FPIs are narrow-band filter systems that are

increasingly used at major solar telescopes, as they use a polarising beam splitter near

the final focal plane to reduce cross talk from atmospheric seeing. Some instruments

even employ double FPI systems such as the Interferometric BIdimensional Spectrom-

eter (IBIS; Cavallini, 2006) and CRisp Imaging SpectroPolarimeter (CRISP; Scharmer

et al., 2008). An FPI is comprised of an optical cavity, usually filled with air, that is

bounded by two partially reflective plane mirrors, that are parallel (Figure 5.5). The

light in the cavity is partially reflected and transmitted, with each interaction at a mirror

surface. Multiple reflections off the mirrors can cause both constructive and destructive

interference. Constructive interference occurs if the beams are in phase, producing a

high transmission peak, whereas destructive interference occurs when the beams are out

1For the FIRS reduction pipeline please visit https://www.nso.edu/telescopes/

dunn-solar-telescope/dst-pipelines/
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of phase causing a transmission minimum. The transmitted beam phase is dependent

on the wavelength λ, with the phase difference,

δ =

(
2π
λ

)
2nl cosθ, (5.6)

where l is the mirror separation, θ is the angle of the light path, normal to the surface,

n is the refractive index of the cavity medium. For the constructive interference case,

δ must be an integer multiplied by 2π, thus giving the wavelength dependent equation

for constructive interference,

mλ = 2nlcosθ, (5.7)

where m is an integer number indicating the orders of interference. This relation can

be simplified by assuming an incidence angle θ→ 0, and using air (n = 1) as the cavity

medium,

λ =
2l
m
. (5.8)

This condition shows that the transmitted wavelength in an FPI is dependent on the

separation of the parallel mirrors. Therefore one has the ability to tune the transmitted

wavelength by using an FPI with adjustable mirror separation, allowing for studies of a

number of wavelengths, corresponding to different atmospheric heights.

When using an FPI for spectrum analysis one must achieve a sufficiently large free

spectral range (FSR). FSR in a cavity of constant length is defined as the spacing in

wavelength of adjacent constructive interference transmission peaks, and is given by,

∆λ =
λ2

0

2nlcosθ
, (5.9)
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Figure 5.5: The typical setup of Fabry-Pérot Interferometer. Two partially reflective
mirrors reflect and transmit light in an optical cavity. The transmitted beams can un-
dergo constructive interference if in phase.

where λ0 is the central wavelength of the transmission peak. The FSR describes the

wavelength range that can be measured without overlapping of interference orders.

The finesse, F, describes the optical quality of an optical resonator. The finesse

value is a measure of the number of interfering beams within the optical cavity, with

larger values indicating sharper transmission peaks. The finesse is therefore dependent

on the reflectivity, R, of the parallel mirrors, with the finesse generally approximated

for conditions where R > 0.5,

F =
π
√

R
1− R

. (5.10)

The higher the reflectivity, the greater the distance each photon will travel before it

is transmitted. Therefore slight phase shifts at each reflection can build up over time,
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leading to destructive interference and as a consequence, higher finesse values results in

lower overall transmission. These larger finesse value causes narrowing of transmission

peaks. The width of these peaks can be characterised by the full-width half maximum.

This parameter is a measure of the resolving power of the FPI and is otherwise known

as the spectral resolution and is related to both the FSR and finesse,

δλ =
FSR

F
. (5.11)

With the basic description of how a standard FPI is used to obtain spectral imaging

data of different wavelengths, completed, we will now discuss the characteristics of the

spectral imager used to obtain data for this thesis.

5.1.5 Interferometric BIdimensional Spectrometer

The Interferometric BIdimensional Spectrometer (IBIS; Cavallini, 2006) is a dual FPI

spectral imaging instrument used at the DST. The dual FPIs are 50mm in diameter and

are set in series using a collimated mount. The system allows for the measurement of

wavelengths in the range 5800-8600 Å. It uses narrow interference filters of FWHM 3

and 5 mÅ to measure the spectral ranges of 5800-7500 Å and 7500-8600 Å respectively.

The optical path of the instrument uses light that has exited the high-order AO

system used at the DST. A pupil image is generated at the focus of the first lens using

a folding mirror. This lens and 2 subsequent mirrors then form the solar image of the

instrument. The light then passes through three lenses and a folding mirror to collimate

the beam, before heading to the two FPIs. In between the lenses and FPIs is the system

filter wheel, which can hold up to a maximum of 6 narrowband filters. All available

filters are outlined in Table 5.3.
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Line Wavelength (Å)
Fe I 5343

He I D3 5876
Na I D2 5890
Na I D1 5896

Fe I 6173
Fe I 6301
H I 6563
Ni I 6768
Fe I 7090
Fe II 7224
K I 7699

Ca II 8542

Table 5.3: Spectral line filters available for use on the IBIS instrument

Figure 5.6: Sample IBIS scan showing the non-equidistant wavelength spacing for
sampled wavelengths. The dashed lines show the locations where observations are
taken, with reduced spacing about the line core.

IBIS has the ability to use non-equidistant sampling of a spectral line, with the

number of wavelengths sampled left to the observer. It is beneficial to have a smaller

wavelength separation of the sampled locations at the line core, as that is the region that

provides information about the atmospheric region corresponding to the filter used.

Figure 5.6 shows an example of this non-equidistant sampling. IBIS employs a fast

acquisition system to adjust the etalon spacings and generate 2-D frames at a rate of
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8 frames per second, which can be increased to 14 if sampling a fixed wavelength

position.

In the classic spectral imaging mode, the IBIS field of view is a circle with a diame-

ter of 97′′, with a pixel size of 0.098′′×0.098′′ and a spectral resolving power between

200,000 - 270,000. The use of a collimated mount introduces a wavelength dependent

blueshift into the observations that has to be corrected in the reduction pipeline. The

data is recorded using 1000×1000 pixel2 Andor iXon+ cameras, with the final output

for each spectral-scan a 3-D map (x, y, λ), containing the 2-D maps at each wavelength

position corresponding to individual time steps. The final images represent the full po-

larised and unpolarised light incident (Stokes I), with Figure 5.7 showing the 2-D maps

corresponding to differing wavelength positions.

IBIS has the ability to function in spectropolarimetric mode by using a beam splitter

placed in-front of the detector. The beam splitter reduces the overall FOV to 40′′×90′′,

but the final data products are now represented by 4-D maps (x, y, λ, S⃗). Using IBIS

in the spectropolarimetric mode increases the time cadence by a factor of 4 due to the

extra polarisation states required to be sampled.

The 3-D maps are very useful for identifying regions of intensity enhancement, and

for calculation of LOS velocities (Chapter 6), while the 4-D maps can be used to do

in-depth inversion studies, examining magnetic field perturbations in both the LOS and

transverse directions (Chapter 7).

The IBIS instrument as with FIRS has a publicly available reduction pipeline2. The

reduction pipeline follows similar steps to that of the FIRS pipeline, however in the

IBIS pipeline there are many more and each scan is reduced one at a time. Initially

dark and flat field calibrations are generated, following this the image scale, offsets and

rotation between the narrowband and broadband channels are determined. The flat field

calibrations are used to calculate the systematic wavelength shift. Optionally speckle

2For the IBIS reduction pipeline please visit https://www.nso.edu/telescopes/

dunn-solar-telescope/dst-pipelines/
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Figure 5.7: A spectral imaging scan, taken by IBIS on 2016 July 14 across the
Ca II 8542 Å spectral line. The images in the upper and middle panels show the field of
view used observing a sunspot. The lower panel shows the ‘at rest’ profile, with the red
vertical dashed lines representing the wavelengths used to show the 2-D images. As the
wavelength values move towards the line core, the more diffuse chromospheric quiet
Sun regions become more prominent. This shows the ability of the IBIS instrument to
probe the chromosphere using this spectral line. Images based on data presented by
Houston et al. (2018).

reconstruction can be performed on the images at this stage. Next the narrowband

channel is calibrated for dark, systematic wavelength shifts and image distortions (using

a destretching algorithm). Finally the polarimetric calibration curves are generated to

find the polarimetric response and calibrate for instrument polarisation.
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5.2 Space Based Observing

The Earth’s atmosphere provides constraints on the ability of observers to make full use

of emitted solar radiation. Solar flares and other energetic events emit X-rays and UV

radiation that cannot be observed by a ground-based solar telescope and therefore it is

essential that space-based facilities are used to overcome these constraints. It wasn’t

until 1946, when Werner von Braun’s A4 rocket engines became available to scientists

that space based instruments could begin to be constructed. NASA took the lead on

the construction and launching of solar satellites in the 1960s with their Orbiting So-

lar Observatory (OSO) series of unmanned satellites. These missions along with the

manned Skylab mission, that carried eight separate instruments, provided outstanding

imagining of the Sun at UV, EUV, X-ray and gamma-ray wavelengths. Many of these

results have provided the base for much of solar science today, and showed the value in

space based observations, with other nations following in NASA’s footsteps.

Space based instruments are incredibly valuable and have provided exceptional in-

sight into solar phenomena, but they also experience challenges that are not present with

ground based observing. The design, manufacture and eventual launch of a satellite is a

very timely and costly process. The margin for error is non-existent as there is usually

no scope to fix the satellite once it has been launched. Increased solar radiation needs

to be considered, with instrumentation shielded appropriately. Within this thesis the

use of ground-based instruments is more prominent, but space-borne observations are

used to complement the ground based results, with the space instrument used outlined

in the upcoming section.

5.2.1 Helioseismic and Magnetic Imager

The Solar Dynamics Observatory (SDO; Pesnell et al., 2012) is the predominantly used

space-based solar satellite in operation today. It began its 10 year mission on the 11th

February 2010, where is was placed in a geosynchronous orbit. It houses three ob-
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serving suites that enable observers to probe a wide variety of solar phenomena over

the entire solar disk. These instruments are, the Atmospheric Imaging Assembly (AIA;

Lemen et al., 2012), the Extreme ultraviolet Variability Experiment (EVE; Woods et al.,

2012), and finally the Helioseismic and Magnetic Imager (HMI; Schou et al., 2012).

The HMI instrument is employed during the data analysis sections of this thesis, and

so an outline description of it is provided below. The design of HMI is largely based

on the Michelson Doppler Imager (MDI; Scherrer et al., 1995) onboard the SOHO

satellite. It is designed to measure the Doppler shift, LOS magnetic field, vector mag-

netic field and intensity of the photosphere by observing the Fe I 6173 Å absorption

line. HMI is described as a filtergraph, where it takes series of images at different po-

larisations and wavelengths, which are then combined to obtain physical parameters.

Incident light passes through a 50 Å front window filter, which blocks the majority of

solar emission. The light that passes through this filter encounters a polarising beam-

splitter that sends the s-component light to a tunable Lyot filter. The final two filters

are tunable Michelson interferometers. After passing through all the filters the light is

measured by two 4096×4096 pixel CCD cameras with mechanical shutters and control

electronics. The images generated by HMI follow a sequence of tuning and polarisa-

tions, with a 4 second cadence for each camera, resulting in full Stokes profiles. One

camera is dedicated to a Doppler and line-of-sight field sequences, with the sequence

completed every 45 s, while the other camera measures vector field in a 90 s sequence.

All image data is continuously streamed to Stanford University at a rate of 55 Mbit s−1.

In this thesis we use the HMI full vector magnetogram data that is generated every

720s, with a spatial sampling of 0 .′′5. The Very Fast Inversion of the Stokes Vector

(VFISV; Borrero et al., 2011) inversion code is applied to the magnetograms to provide

photospheric magnetic field parameters that are used in conjunction with ground based

observations to produce the results outlined in this thesis.
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Chapter 6

A High Resolution Investigation

of Umbral Flashes

Homer: I’m with you, Marge. Lisa! Get in here.

[Lisa walks in, chuckling nervously]

Homer: In this house, we obey the laws of thermodynamics!

–The Simpsons: Season 6, Episode 21 - The PTA Disbands



The study of magnetic field fluctuations in the solar atmosphere have mainly fo-

cused on photospheric oscillations to determine how MHD waves propagate and subse-

quently deposit their energy into the chromospheric and coronal layers. In this chapter

we focus on these magnetic field fluctuations and oscillations in highly magnetic re-

gions of the more diffuse chromosphere.

Early forays into studying chromospheric magnetic field perturbations have done

so through the analysis of non-linear shock fronts in sunspot umbra. These shocks are

known as Umbral Flashes (UFs), and are formed when magneto-acoustic waves steepen

as they propagate through the density stratification of the atmosphere. UFs are ideal to

study chromospheric magnetic field fluctuations, as they are highly non-linear and en-

ergetic, with well defined properties. To observe these events chromospheric spectral

lines such as Ca II 8542 Å and He I 10830 Å are used. UFs are shown to exhibit a

periodicity of 3 minutes, consistent with the dominant wave periods at chromospheric

heights and a consequence of their source, magneto-acoustic p mode waves. Observa-

tionally the shock fronts manifest as blue-shifted emission from upwardly propagating

plasma, followed by a red-shift due to the system returning to equilibrium. The emis-

sion seen in line core observations is of great interest to the community because it is

the result of localised plasma heating from the shock front, and as such their ability to

perturb local plasma parameters and possibly provide the necessary basal heating for

the chromosphere .

Examinations of small-scale interactions in the solar atmosphere due to UFs are de-

pendent on the inference and modelling tools available. Initially such methods would

assume a plasma that obeys local thermodynamic equilibrium (LTE). In recent times a

push has been made to use non-LTE methods which take into account the more intri-

cate physics at play in the atmosphere. Through use of such techniques, observations

have shown temperature increases due to UFs of ∼1000 K, along with changes in local

total magnetic field strength. Even with all the observing suites and inversion codes

at our disposal there are still many unanswered questions regarding these events, can
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they cause dynamic fluctuations of both the longitudinal and transverse components of

the vector magnetic field, and are they a major contributor to the energy requirements

needed to maintain chromospheric and coronal temperatures. Therefore examining

their evolution using high resolution observations in conjunction with modern inver-

sion codes to extract plasma parameters provides an excellent opportunity to increase

understanding.

In this chapter we present the first large scale statistical study of magnetic field

perturbations due to UFs in sunspot umbra. High spatial and temporal resolution data

was obtained from the IBIS and FIRS instruments at the DST (Chapter 5). Using the

HAZEL inversion code we examine fluctuations in both the transverse and longitudinal

component of the vector magnetic field for almost 100 000 He I 10830 Å spectropo-

larimetric profiles, providing unique insight into the ability of UFs to affect the local

magnetic field structuring in a sunspot.

6.1 Observations and Data Reduction

The data presented in this chapter is an observational sequence obtained during 13:42 –

14:30 UT on 2016 July 14 with the DST, approximately 2 years after the maxmium of

solar cycle 24. The telescope was focused on active region NOAA 12565, positioned at

heliocentric coordinates (−582′′, 30′′), corresponding to a heliocentric angle of 38◦ (µ≃

0.79), or N05.2E38.1 in the conventional heliographic co-ordinate system. Good seeing

conditions were present throughout the observing period. Three instruments were used

to observe the active region, FIRS provided spectro-polarimeteric data, IBIS spectral

imaging and the Rapid Oscillations in the Solar Atmosphere (ROSA; Jess et al., 2010b)

imaging system was used to provide contextual 4170 Å continuum images. This study

focuses primarily on the FIRS and IBIS observations.

The IBIS instrument was utilised to sample the chromospheric Ca II absorption

profile at 8542.12 Å, with 47 non-equidistant wavelength steps employed (Figure 5.6).

IBIS imaged a circular field-of-view with a diameter of 97′′ centered around the
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sunspot, resulting in a spatial resolution of 0 .′′098 per pixel. The seeing conditions

along with the wavelength grid used, resulted in IBIS observations with high temporal

resolution, with a cadence of 9.4 s per imaging scan, with a total of 303 full spectral

scans acquired. A whitelight camera, in sync with the main narrow-band feed, was

utilised to enable processing of the narrowband images, in conjunction with the use of

high-order adaptive optics to improve image quality. The data was reduced using stan-

dard techniques such as dark subtraction and flat fielding, along with correction of a

radial blueshift that results from the use of a classic etalon mounting. In addition the im-

ages were aligned and further corrected by using de-stretching vectors. De-stretching is

a local correlation method that enables the removal of atmospheric distortions. It works

by taking a series of high cadence images with each image broken up into a grids to

evaluate local offsets between successive images. The grids are then shifted to ensure

cross correlation, enabling compensation for spatial distortions due to turbulence. The

middle and bottom left panels of Figure 6.1 show snapshots of the photospheric and

chromospheric IBIS field-of-view respectively.

The FIRS instrument was employed to simultaneously provide diffraction limited

spectropolarimetry of the He I 10830 Å chromospheric line. FIRS sampled a region of

75′′× 1 .′′125 on the solar disk, with the slit passing through the centre of the sunspot

umbra (Figure 6.1), with the width of the slit corresponding to 0 .′′225. The spatial

sampling per pixel along the slit was 0 .′′15, with a 5-step raster of the umbra employed

by moving the slit 0 .′′225 each step, resulting in the 1 .′′125 wide region. To increase

the signal-to-noise ratio, at each step position in the raster 12 consecutive modulation

sequences were co-added, leading to a cadence of 14.6 s per position. A total of 195

individual slit steps were sampled during the observing period, or a total of 39 raster

scans. FIRS uses a spatial sampling of 0.04 Å for the He I 10830 Å spectra. Data re-

duction and processing was carried out by using the publicly available National Solar

Observatory FIRS pipeline1, which performs flat fielding to remove persistent inhomo-

1For the FIRS reduction pipeline please visit https://www.nso.edu/telescopes/

dunn-solar-telescope/dst-pipelines/
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Figure 6.1: Top Left: ROSA 4170 Å continuum image of active region NOAA 12565.
Middle Left: IBIS blue-wing snapshot acquired at 8540.82 Å (line core − 1.3 Å). Bot-
tom Left: IBIS Ca II 8542 Å line-core image, where the green contour represents the
location of the outer umbral boundary. In each panel, the solid red line represents the
orientation and position of the FIRS spectral slit. Right Panel: Velocity–time image
showing the spectral and temporal evolution of the He I 10830 Å Stokes I line profile,
where the black-to-white color scale represents the inverse spectral intensities to aid vi-
sual clarity. The vertical dashed red line represents the rest position of the He I 10830 Å
line core.
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geneities, polarimetric calibration to correct for Stokes I → QUV crosstalk, and dark

current correction. To obtain precise spatial locations and orientation of the FIRS slit,

a slit-jaw camera was used in-sync with the spectropolarimetric observations.

Simultaneous vector magnetograms of the active region were obtained from the

HMI instrument on board the Solar Dynamics Observatory. The outputs of the Very

Fast Inversion of the Stokes Vector (VFISV; Borrero et al., 2011) algorithm, were ap-

plied to the HMI vector magnetogram data, with a time cadence of 720 s and a spatial

sampling of 0 .′′5. Alongside this, one contextual HMI 6173 Å continuum image, ac-

quired at 13:41 UT was used for the purpose of co-aligning the IBIS and FIRS data sets

with the HMI reference data. Sub-fields of 200′′×200′′ where taken from the full-disk

images, with their central pointing close to that of the ground based instruments. This

image was used to define absolute solar coordinates, with the ground based data subject

to cross correlation to provide pixel co-alignment between instruments. Scattered light

corrections were performed on the HMI data (Couvidat et al., 2016; Criscuoli et al.,

2017) to provide more visible fine structuring of the umbral boundary, aiding in the

co-alignment process.

6.2 Flash Identification

The intensity signatures from umbral flashes evolve rapidly in both intensity and wave-

length. These intensity variations can be observed across a range of wavelengths, that

are dependent on the formation height of the shock front and its propagation through the

atmosphere. Such variations are evident in the right panel of Figure 6.1, which displays

intensity excursions into the blue and red wings of the He I 10830 Å line. Such a plot

is referred to as a ‘sawtooth’ plot, where intensity rise in the blue wing represents the

upward propagation of the shock front, followed by the red-shift when the plasma re-

turns to equilibrium. Most identification of UFs so far have used only line core images,

however it is prudent to encapsulate a range of wavelengths that display brightenings

due to UFs. As such for our identification process we use wavelength-integrated IBIS
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images, that extend from line core to 0.2 Å into the blue-wing. This creates a pseudo-

broadened filter that enables one to better capture the dynamic nature of the signatures

generated by UFs in the Ca II 8542 Å spectra. It also ensures that we always capture

the brightest part of each flash in our identification process.

After generation of the wavelength integrated images, it was decided that the umbra

should be isolated from the penumbra and quiet Sun. It is necessary to segregate the

umbra and penumbra to ensure that no extraneous brightenings are included in the

analysis, such as penumbral jets (Katsukawa et al., 2007). It is impractical to perform

intensity thresholding of the umbra for each scan, therefore a time-averaged image of

the wavelength integrated scans was generated to ensure high contrast between umbra

and penumbra. This image was then manually thresholded to generate a contour of the

umbral boundary, from this a binary map was then generated, whereby pixels within

the contour where assigned a value of ‘1’, while those outside where given a value ‘0’.

The wavelength integrated images where then multiplied by this binary map, to create

an image dataset containing purely umbral information, which can then be used for

identification purposes.

In this work, we used a method known as running mean subtraction to identify

umbral flashes in the wavelength-integrated images, similar to the methods used by

Rouppe van der Voort et al. (2003), Madsen et al. (2015) and Grant et al. (2018). When

subtracting a running mean from a time series, we end up with a more accurately nor-

malised series. The removal of any brightenings that exist for longer than the period of

the flashes provides a greater contrast between the flashes and background umbra. For

this study the subtracted mean was calculated by using the 15 images directly before

and after the image in question, corresponding to an approximate ±2.5 minute win-

dow. When images occurred within the first or last 15 images of the series, they were

subtracted by the mean of the first or last 30 images, respectively.

An advantage of using running mean subtraction is the removal of any small-scale

intensity structuring that may have previously existed across the spatial extent of the
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sunspot. With the normalised intensity it is possible to accurately detect UFs in the

umbra through the used of intensity thresholding. Due to the mean subtraction the

wavelength-integrated scans have an average background value of zero. We identified

pixels corresponding to UFs as those that exhibited an intensity excursion of 12σ above

the background, where σ is the standard deviation in the umbral intensity for the time

series. Figure 6.2 shows the percentage of pixels identified as UFs as function of the

intensity threshold used. It should be noted that the exponential line of best fit intercepts

the y-axis at 43%, this is a consequence of the running mean subtraction method applied

to the data, which results in over 50% of pixels having an intensity that is less than

zero. We see that at using a threshold of 5σ results in approximately 10% of umbral

pixels being identified as UFs, this is quite a large percentage, with some of these

detections likely due to smaller-amplitude waves. The 12σ threshold that we settled on

ensures that all the detections are statistically significant, and not due to detector noise

or smaller-amplitude waves. We identify a total of 298 091 individual flash pixels in the

IBIS data set, which is approximately 2.5% of all umbral pixels, within the ∼50 minute

observing period.

The goal of this study is to examine plasma perturbations due to UFs, and to

examine these perturbations we must use the full array of Stokes profiles available

(I,Q,U&V ). Therefore we must examine UFs using the FIRS observations. To ac-

complish this we have to map the UFs detected in the IBIS dataset to the times and

locations that are captured by FIRS via a co-registration process. We used the IBIS

and FIRS cadences of 9.4 s and 14.6 s, to match the IBIS UF detections with the FIRS

spectra that were captured closest in time. After mapping the time, the spatial locations

of the UFs in IBIS had to be mapped to the FIRS slit-jaw image at that time. Any flash

pixels that lay outside the slit location were excluded from further study, while those

that remained were recorded. From the original 298 091 detected flash pixels, 12 988

remained after the co-registration process. Examination of the ‘sawtooth’ profiles of

He I 10830 Å displayed in Figure 6.1, reveals that UFs detected using IBIS, impact the
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Figure 6.2: Scatter plot showing the percentage of pixels within the umbra that are
identified as umbral flashes as a function of sigma threshold used. The orange dashed
line represents and exponential line fitted to the data points.

FIRS observations simultaneously. Due to Ca II 8542 Å and He I 10830 Å both being

chromospheric lines this result is not unexpected, however it confirms the suitability

of using IBIS UF pixels as a marker for extracting spectro-polarimetric data from the

FIRS dataset for further study.

6.3 HAZEL inversion code

To investigate the effects that UFs have on the local magnetic field and temperature, the

co-temporal and co-spatial He I 10830 Å Stokes profiles from the FIRS instrument are

investigated. To extract the physical parameters from Stokes profiles, state-of-the-art

inversion codes are required to accurately model the solar atmosphere and any pertur-

bations caused by the UFs. In this study we use the HAZEL code to perform inversions

of the spectropolarimetric data. After calibration of the FIRS data and prior to the
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inversion process, any residual fringes present in the data must be removed. This is

accomplished by following an approach that is based on the Relevance Vector Machine

method (RVM; Tipping, 2000), similar to the method of Asensio Ramos & Manso Sainz

(2012). To capture the fringes in the spectra, we decompose them as linear combina-

tions in a non-orthogonal dictionary made up of cosines and sines. For identification

of the spectral lines gaussians of different widths and positions are used. The RVM

imposes sparsity constraints on the coefficients to compute the linear combinations.

These sparsity constraints help to avoid mixing between the largely incoherent dictio-

nary of fringes and spectral lines. The de-fringing process is completed by subtracting

the components of the linear combinations associated with the cosines and sines, while

maintaining the rest.

After the de-fringing process a number of steps still remained before the inversion

could be carried out on the FIRS spectra. An initial disk centre quiet Sun spectrum is

created and normalised by the DST light level corresponding with the time the spectra

was taken. A mean quiet Sun spectrum was then established. The continuum of the

mean spectrum was fit by interpolating continuum locations using a 4th order poly-

nomial. The disk centre quiet Sun spectrum was then normalised by the light level

corrected continuum. Full science spectra are then generated, which are normalised by

the DST light level as with the quiet Sun spectrum. The spectra are then normalised by

the light level corrected disc centre continuum. Finally, a wavelength grid calibrated

by the H2O 10832.108 Å telluric line is generated, with the centre of the telluric line

located through the use of gaussian fitting processes.

The ability to run the HAZEL code in parallel along with the efficiency of the code

itself enabled the inversion of the entire FIRS dataset, consisting of 93 991 individual

He I 10830 Å Stokes spectra (12 988 flashing pixels and 81 003 quiescent spectra), to

be carried out in an approximate 36 hour period using 10 CPU cores on a 2.4 GHz

Intel Xeon machine. An in-depth overview of the specifics of HAZEL is provided in

Section 3.2. Within this study we setup the code to assume a constant property slab of
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Figure 6.3: From top-bottom represents sample He I 10830 Å Stokes I, Q, U and V
spectra (solid black lines), each normalized by the average continuum intensity found
in the Stokes I observations. Red error bars in each panel represent the spatially-
and temporally-averaged standard deviations between the input FIRS and synthesized
HAZEL intensities.
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He I atoms at a height of 3′′, or ∼2100 km above the visible solar surface, consistent

with the formation height of He I 10830 Å (Avrett et al., 1994). The inversion process

outputs a number of important physical parameters that are outlined in Table 3.1.

For each pixel we obtain the plasma parameters outlined in Table 3.1. The inver-

sions also generate synthetic Stokes profiles for each of the input spectra, along with

any errors associated with the fitting process. The quality of the fits can be seen on

examination of Figures 6.3 and 6.4. Figure 6.3 displays the Stokes I/Ic, Q/Ic, U/Ic and

V/Ic spectra that correspond to a non-flashing umbral pixel (solid black line). Ic is the

average continuum intensity found in the Stokes I profiles. The red error bars at each

wavelength point indicate the spatially- and temporally-averaged standard deviations

that correspond to the difference between the real and synthetic profiles. In Figure 6.4

the red plots display the Stokes I/Ic, Q/Ic, U/Ic and V/Ic spectra corresponding to an

UF pixel. The grey, shaded regions are representative of the quiescent umbral spectra

and their 1σ errors from Figure 6.3. On examination of Figure 6.4 it is clear to see

their are differences between the quiescent and shocks spectra in the He I 10830 Å

spectral line. Stokes I/Ic profiles exhibit the characteristic blue-shifted and enhanced

emission that is traditionally associated with UFs, resulting from the upward propaga-

tion and non-linear shocking of the magneto-acoustic waves. The linearly polarisied

Stokes Q/Ic and U/Ic profiles exhibit an increase in amplitude, which highlights that

UFs are able to perturb linear polarisation signals with the He I 10830 Å line. In the

Stokes V/Ic profile, the reverse occurs, whereby the amplitude is decreased, and is a

consequence of the interplay between this profile and the Stokes Q/Ic and U/Ic pro-

files. The magnitude of the Stokes V/Ic profiles is much larger than that from either the

Stokes Q/Ic or U/Ic profiles. This is a consequence of the on disk location of the ob-

served sunspot, with it being close to disk centre. Within this study we do not observe

any polarity change in the Stokes V/Ic profiles, with such a finding providing cre-

dence to the two-component model atmosphere for UFs, in which they constitute both

quiescent and shocking plasma within the same location (Socas-Navarro et al., 2001).
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Figure 6.4: From top-bottom represents sample He I 10830 Å Stokes I, Q, U and V
spectra corresponding to an UF (solid red lines), each normalized by the average con-
tinuum intensity found in the Stokes I observations. Grey shaded regions in each panel
represent the spatially- and temporally-averaged quiescent umbral profiles, including
their respective 1σ errors as depicted in Figure 6.3.
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This uniformity in polarity in both the flashing and quiescent profiles indicates that the

He I 10830 Å line is sampling a less energetic phase of the UF. This is a consequence of

the formation height of the He I 10830 Å, which corresponds to upper-chromospheric

levels (Vernazza et al., 1981; Avrett et al., 1994). As a result of this, our work differs

from previous observations of UFs, as they have mainly focused on upper-photospheric

to lower-chromospheric spectral lines, which are close to the formation heights of the

flashes (Grant et al., 2018), and as such a polarity change is observed within the Stokes

V/Ic profiles (de la Cruz Rodrı́guez et al., 2013; Henriques et al., 2017). The large

number of quiescent and flash pixels enables us to provide the first large scale statisti-

cal study of UFs using the He I 10830 Å spectral line. With the excellent data products

and synthetic HAZEL spectra a complete study of the vector magnetic field fluctuations

due to UFs can be carried out.

All previous investigations examining the magnetic field perturbations in the af-

termath of UF phenomena have been restricted to focusing on the line-of-sight (LOS)

components of the magnetic field because of the inherently weak Stokes Q and U sig-

nals within their datasets. However, in this work we have accurately constrained Stokes

Q and U profiles that enable the mapping of both the parallel (Bz) and transverse (Btrans)

components of the magnetic field, with respect to the solar normal, with high precision.

The conversion of the B, θB and χB parameters into their parallel and transverse com-

ponents was carried out by adopting methods similar to those documented by Gary

& Hagyard (1990), with the following equations used to determine the Bz and Btrans

components,

Bz = B cosθB , (6.1)

Btrans = B sinθB , (6.2)

where B is the total magnetic field strength, θB is the inclination angle of the field, Bz

and Btrans are the LOS and transverse components of the magnetic field, respectively.
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Azimuthal disambiguation of the transverse magnetic field vectors was performed

through comparison with the photospheric reference HMI vector magnetograms, and

through use of the algorithms detailed by Rudenko & Anfinogentov (2011) to remove

the fundamental 180◦ ambiguity in azimuth angle resulting from Zeeman effect diag-

nostics. It is also of interest to study the thermal response of the plasma to the shock

formation. To examine this the thermal velocity broadening term output from HAZEL

was transformed into an absolute temperature T by,

T =
v2

thM

2k
, (6.3)

where M and k are the atomic mass (Chaisson & McMillan, 2005) and the Boltzmann

constant, respectively. We note that this calculated temperature represents an upper

limit, as the assumptions used in the calculation do not include possible unresolved

microscopic motions, radiative transfer effects and unresolved turbulent velocities.

6.4 Umbral Flash Parameters

Following on from the inversion of the FIRS spectral data, a thorough examination of

the various plasma parameters was carried out. The changes in each parameter, with

respect to the mean parameter value for that pixel in time was calculated for the en-

tire dataset, including both quiescent and flashing pixels. The results of this analysis

are displayed in Figure 6.5, which details the regressive probability distributions of

the changes in the relevant parameters, notably the absolute magnitude changes in to-

tal magnetic field strength, δB, parallel field strength, δBz, transverse field strength,

δBtrans, field inclination angle, δθB, field azimuth angle, δ χB, and the associated tem-

perature, δT . The red bars in Figure 6.5 represent all the pixels which have been iden-

tified as those demonstrating UF phenomena, the blue bars represent the pixels at non-

flashing locations. The regressive probability histograms used here can be explained as

plots that display the probability, going from 1→ 0 that the variable of interest will have
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Figure 6.5: Regressive probability distributions comparing the change in measured
plasma parameters between UF (red bars) and non-shocking (blue bars) umbral loca-
tions. Clockwise from upper-left are the absolute magnitude changes in the total mag-
netic field, the magnetic field component parallel to the solar normal, the field strength
perpendicular to the solar normal, the inferred plasma temperature, and the azimuthal
and inclination angles of the vector field, respectively.
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a value greater than or equal to the value of the axis marker, which is why all histograms

have a probability of 1.0 at the zero axis marker. Such a histogram type was used to

enable for easy of comparison between the distribution shapes and morphologies of UF

and non-flashing pixels. The quiescent pixels have much higher number statistics and

as such would be dominant if displayed using a standard occurrence histogram.

We first examine magnetic field perturbations, by inspection of the upper panels of

Figure 6.5. The upper-left and upper-middle panels show that UFs produce a much

larger perturbation in both the total magnetic field, B, and its vertical component, Bz,

in comparison to the non-flashing umbral locations. These quiescent locations will be

dominated by small amplitude magneto-acoustic waves and as such perturbations in

these locations are not expected to be large. However, the perturbations in the UF lo-

cations are in contrast with the early studies of de la Cruz Rodrı́guez et al. (2013), who

found no evidence of UFs resulting in any magnetic field fluctuations. This is most

likely due to the number of pixels which were examined in that study, as magnetic field

perturbations were found by Kuridze et al. (2018). The upper-right panel displays the

fluctuations of the transverse component, Btrans, of the magnetic field and is plotted on

the same x-axis range to allow for easy comparison between the magnetic field compo-

nents. The transverse fluctuations are much smaller than those measured in the vertical

component, and is most likely due to the initial propagation of the shock front along

the magnetic field lines. Within sunspot umbra the magnetic field vector is dominated

by the vertical component due to small inclination angles. Therefore the propagation

of the shock along this direction will most likely affect the plasma along the same path,

which results in δBz > δBtrans, and is evident in Figure 6.5. The most important point

to note, however, is that the histograms displaying magnetic field changes whether they

be the total field strength or a component of it, show larger-amplitude fluctuations for

UF pixels in comparison to the quiescent locations.

The lower-left and lower-middle panels Figure 6.5 show the absolute changes in the

inclination and azimuthal directions of the total magnetic field. From inspection of the
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quiescent locations in both panels, we see that approximately 65% of these locations

present fluctuations on the order of δθB ≤ 1◦ and δ χB ≤ 1◦. This is a significant portion

of quiescent pixels that display very small fluctuations, and as such we can say that the

regular plasma motions of the umbra do not alter the magnetic field orientation in any

significant capacity. The results for the UF pixels are in stark contrast to the quiescent

pixels, with approximately 65% of the inverted spectra demonstrating δθB ≤ 3◦ and

δ χB ≤ 3◦. With this increase in the deflections of the magnetic field orientation, via a

combination of both inclination and azimuth changes, we see that shock propagation

can play a significant role in changing the localised umbral plasma. These changes

are most likely a consequence of the shock causing an increase in the local adiabatic

pressure, leading to deflections of the surrounding magnetic field (Henriques et al.,

2017). This explanation is explored in more detail later in the study (Section 6.5).

The bottom-right panel of Figure 6.5 displays the temperature fluctuations as a re-

sult of UFs. It highlights that they result in large excursions from the relatively cool

background umbral plasma. These fluctuations due to UFs can range from tens of de-

grees, into the thousands (∼1100 K). Non-flashing pixels display a much smaller range

in temperature excursions with a mean of 125 K and standard deviation of 105 K.

The mean fluctuation in temperature due to UFs is on the order of a few hundred K,

with this value being much lower than the ∼1000 K fluctuations found by de la Cruz

Rodrı́guez et al. (2013), which is at the very upper end of our temperature excursion

range. Such discrepancies between the results can likely by explained by the differ-

ent spectral lines used to determine the temperature values, with de la Cruz Rodrı́guez

et al. (2013) performing their inversions on spectro-polarimetric Ca II 8542 Å observa-

tions. Subtle differences in the formation heights of the Ca II 8542 Å and He I 10830 Å

spectral lines in the chromosphere (Felipe et al., 2010b) could have a direct influence

on the local plasma heating potential of the propagating shock front. He I 10830 Å

plasma is considered to be optically thin (Avrett et al., 1994), especially in comparison

to Ca II 8542 Å plasma, a consequence of this is that the plasma will be less respon-

sive to any temperature fluctuations than the more optically thick lower-chromospheric
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Figure 6.6: Scatter diagram representing the total magnetic field strengths and temper-
atures induced by all detected UFs, each normalized by their respective pixel means
(red circles). The shaded blue regions represent the associated errors for each of the
data points. The dashed black lines highlighting the origin location.

plasma (Andretta & Jones, 1997) where lines such as Ca II 8542 Å form. UFs have been

shown to form as low as ∼250 km above the solar surface (Grant et al., 2018), while

the formation height of the He I 10830 Å spectral line is ∼2100 km (Vernazza et al.,

1981; Avrett et al., 1994). Therefore, by the time the shock has propagated through the

atmosphere to these upper-chromospheric levels the shock signatures will have mostly

abated, and thus will provide less energy in the form of heat than they would in the

lower chromosphere. Such an assumption remains consistent with the hypothesis that

the high formation height of the He I 10830 Å spectral line in the upper chromosphere,

naturally results in a two component atmosphere (discussed in Section 6.3), and thus

reduces any polarity changes that are observed in spectro-polarimetric signals.

6.5 Relating Temperature and Magnetism

When examining Figure 6.5 we see that UFs generate larger induced temperature and

magnetic field perturbations when compared to the quiescent plasma pixels within the

umbra. These plots show the absolute changes in the plasma parameters from quiescent
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to UF phase, as with this study we were interested in performing a comprehensive

statistical analysis of these fluctuations. Therefore, if we want to examine any possible

relationship between the temperature and magnetic field fluctuations due to UFs, it is

necessary to map the direct, un-signed parameter outputs. These un-signed values for

the magnetic field and temperature fluctuations are displayed in Figure 6.6, which is a

scatter plot for flash locations, where all values are normalised by the mean value of the

pixel from which the parameter was extracted. The blue shaded regions are the errors

that result from the HAZEL inversion fitting process for each point. The errors are

obtained through use of the numerical recipes, which is documented by Chapter 15.6

of Press et al. (1992). The covariance matrix is computed once a solution is found, with

the errors subsequently derived. The fundamental assumption is that the χ2 surface is

well reproduced as a multi-dimensional ellipsoid, or in other words, that the likelihood

function is Gaussian with respect to the selected covariance matrix. On examination

of Figure 6.6, we suggest the presence of two distinct UF populations in our dataset.

The first, which is easiest to identify, displays a strong linear correlation between the

magnetic field and temperature fluctuations. The second population shows the opposite

trend, whereby temperature increases and magnetic field decreases are related, in other

words an anti-correlation.

Due to the two populations of UFs that we believe exist in Figure 6.6, we want to

examine how the locations of these UFs along the FIRS spectral slit affect the inver-

sion outputs and subsequent scatter diagram. To probe this we isolate two varieties of

UF pixels, the first we call ‘central’ pixels, whereby central pixels are bounded by a

positive UF identification on both sides. The second variety are referred to as ‘edge’

pixels, with either one or both neighbouring pixels displaying a negative UF identifica-

tion. Figure 6.7 is a map that displays the locations of central and edge pixels within the

umbra for each FIRS scan. The blue background shows the non-flashing pixels, with

grey the central pixels and yellow representing the edge pixels. This figure also shows

that positive UF flash detections predominantly occur within the lower and middle por-
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Figure 6.7: Map displaying the locations of edge and central pixels within the umbra
along the FIRS slit as a function of scan number. Each scan position represents the
slit at a single point in time. The dark background values equal to zero represent non-
flashing pixel locations, locations with a value of ‘1’ (grey) are central UF pixels, while
those with a value larger than ‘1’ (yellow) are edge UF pixels.

tion of the umbra, which is a possible consequence of the light bridge (see left panels

of Figure 6.1) that is present in the upper portion of the umbra corresponding to the

slit location, suppressing the formation of shock events. When the edge (Figure 6.8)

and central (Figure 6.11) pixels are plotted on their own separate scatter diagrams, it

becomes apparent that the two populations we see in Figure 6.6 are a result of the char-

acterisation of these pixels as edge or central. The dashed black line on each of these

figures represents the line of best fit, while the dotted black lines are the 1σ uncer-

tainties from the least-squares fitted line. Examination of these lines of best fit really

highlight the correlation between temperature and magnetic field fluctuations for edge

pixels, and the anti-correlation associated with central pixels. The central UF pixels

display a larger scatter, and as such the associated 1σ uncertainties from the line of

best fit are larger than those for the edge UFs. The line of best fit in each case passes
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Figure 6.8: Scatter diagram similar to Figure 6.6 representing the total magnetic field
strengths and temperatures induced by edge UF pixels.

though the origin, as one would expect.

6.5.1 The Positively-correlated Temperature and Magnetism Relationship

It is clear to see on examination of Figure 6.8, that there is a very strong linear cor-

relations between the temperature and magnetic field perturbations that are associated

with the edge of UFs. Such a relationship can be explained through the schematic

displayed in Figure 6.9. This schematic shows a magnetic flux tube that is anchored

in the sunspot umbral core, and this flux tube guides the magneto-acoustic waves that

propagate up through the atmosphere. This embedded flux tube scenario is consistent

with observations, models and schematics that have been outlined by Severnyi (1959),

Parker (1979), Solanki et al. (1999) and Thomas et al. (2002), among others. In Fig-

ure 6.9 there are grey translucent boxes that are labelled from 1–6, they represent six

example FIRS slit pixels lying across the magnetic flux tube in the sunspot umbra. The

first panel of the schematic, Figure 6.9a, displays the quiescent scenario, before UF for-

mation. Pixels 2–5 exhibit 100% filling factors in relation to the embedded flux tube,
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these pixels are identified as central pixels, while pixels 1 and 6 are partially filled by

the flux tube and are characterised as edge pixels. The magneto-acoustic wave steepens

as it propagates up through the flux tube and forms the shock front in the form of an

UF. This UF is displayed in the second panel, Figure 6.9b, and causes an increase in the

adiabatic pressure within the plasma. This pressure increase pushes on the inner walls

of the flux tube, which causes the expansion of the flux tube. While the flux tube is

expanding the shock will simultaneously dissipate energy in the form of heat, leading

to an increase in the temperature within the local plasma. The final panel, Figure 6.9c,

shows that all pixels from 1–6 will undergo an increase in the local plasma temperature

due to the dissipation of the shock, while also experiencing a magnetic field strength in-

crease because of the expanding flux tube superimposing on the background quiescent

umbral field.

To explain this strong linear relationship displayed by the edge UF pixels we use

thermodynamic considerations. The increase in adiabatic pressure from the shock for-

mation causes the expansion of the flux tube, as shown in Figure 6.9. Edge UF pixels

have been shown to undergo temperature fluctuations, the magnetic pressure varies

via the increased magnetic field strength at the location of these pixels, (Figure 6.9c),

resulting in the detected perturbations in the strength of the magnetic field. The ther-

modynamic theory for adiabatic expansions states that a pressure fluctuation will result

in a change in the temperature,

T2 = Tmean

(
P2

Pmean

) γ−1
γ

, (6.4)

where γ is the adiabatic index, Pmean and Tmean are the initial plasma pressure and

temperature, respectively, of the average background plasma. P2 and T2 represent the

perturbed plasma pressure and temperature, respectively, that result from the adiabatic

process. The equation for plasma pressure PG is dependent on density,
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Figure 6.9: A cartoon schematic depicting the physics responsible for the trends dis-
played in Figure 6.6, whereby temperature enhancements for UF perimeter pixels cor-
relate with magnetic field strength increases, while temperature enhancements for cen-
tral UF pixels demonstrate reductions in the magnitude of the local magnetic field.
Panel (a) represents the initial structuring of a magnetic flux tube embedded within
the sunspot umbra, which channels the upward propagation of magneto-acoustic waves
(green line). The translucent grey squares, labelled 1–6, represent six pixels positioned
across the diameter of the magnetic flux tube. Panel (b) depicts the the steepening
of the upwardly propagating magneto-acoustic waves, which ultimately develop into
non-linear shock phenomena, producing increased adiabatic pressure acting outwards
on the magnetic flux tube (green arrows). The increased adiabatic pressure causes the
magnetic flux tube to expand (panel c) while the localized temperature is also increased
as a result of the shock dissipation. Importantly, the magnetic field expands into the
UF edge pixels (pixels 1 and 6), resulting in a correlation between the temperature and
the magnetic field strength (Figure 6.8), while the central pixels (pixels 2–5) experi-
ence elevated temperatures alongside a net magnetic flux decrease due to the overall
expansion of the magnetic flux tube (Figure 6.11).

PG = nkT , (6.5)

where n is the number density and k is Boltzmann’s constant. The inversion outputs

provided by HAZEL do not contain values for density and therefore we are unable to

calculate the changing plasma pressure that would be required for use in equation 6.4.

We know from Figure 2.5 that in the photosphere and corona we have β > 1, where the

plasma pressure is the ratio of plasma pressure to magnetic pressure PM (Equation 2.25,

PM =
B2

2µ0
, (6.6)
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Figure 6.10: Histogram displaying the calculated plasma beta for each pixel captured
by the FIRS slit.

where B is the total magnetic field strength and µ0 is the magnetic permeability. In

the chromosphere and transition regions the value of β is very changeable. We inves-

tigate whether there is some equipartition between the plasma pressure and magnetic

pressure in the region we are observing as that would enable a direct substitution of the

magnetic pressure into Equation 6.4. To calculate the plasma beta we first determine a

static plasma pressure for the entire sunspot umbra using density values obtained from

the umbral Maltby M model (Section 1.2.2). The magnetic pressure is then calculated

for each pixel using the magnetic field outputs from the inversion process. The results

of the plasma beta calculations across all pixels are displayed on Figure 6.10. Exam-

ination of the histogram shows a clear peak in frequency at a ∼ β = 1, showing that

in the observed region there is approximate equity between the plasma and magnetic

pressures. Therefore, using Equation 6.6 we can rewrite Equation 6.4 as,
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T2 = Tmean

(
B2

Bmean

)2γ−1
γ

, (6.7)

where Bmean and B2 are the initial average background and modified magnetic field

strengths, respectively. The magnetic field strength modifications are the result of per-

turbations on top of the quiescent background field. The adiabatic expansion of the flux

tube causes it to cross into the edge pixels, leading to an increase in the local magnetic

field strength, or vice versa. Equation 6.7 can be rewritten by taking the logarithms of

both sides,

log10

(
T2

Tmean

)
= 2
γ−1
γ

log10

(
B2

Bmean

)
. (6.8)

The plot in Figure 6.8 showing the magnetic field and temperature perturbations

obtained from the HAZEL inversion code, and defined by Equation 6.8. The strong

linear relationship, is shown by the dashed black line of best fit, with the gradient of

this line calculated to be

2(γ−1)
γ

= 0.22±0.01 , (6.9)

resulting in a value for the adiabatic index of γ = 1.12± 0.01. Such a result compares

quite well with previous calculations of the adiabatic index in the upper atmosphere.

Van Doorsselaere et al. (2011) employed coronal EUV observations from the Extreme-

ultraviolet Imaging Spectrometer (EIS; Culhane et al., 2007) on board Hinode (Kosugi

et al., 2007) to examine the relationship between temperature and density perturba-

tions found in magneto-acoustic slow-mode waves. From this study they calculated an

adiabatic index of γ = 1.10± 0.02, a value which is within the error margins of our

calculated value for umbral locations in the chromosphere. One may think that a com-

parison between the EUV coronal observations of Van Doorsselaere et al. (2011) and

those presented in this study is not applicable, due to the large temperature differences
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between the two regions, however, there are a number of similarities. The chromo-

spheric sunspot and coronal environments are both dominated by magnetic pressure,

with plasma-β < 1, when UFs occur close to the temperature minimum, both locations

are likely to have large temperature gradients which support thermal conduction. Fi-

nally the edge UF pixels will likely be less non-linear compared to pixels at the centre

of the shocking region, and therefore are comparable to the linear wave modes that

Van Doorsselaere et al. (2011) studied. Further corroboration of our calculated adia-

batic index comes from the numerical models presented by Vaidya et al. (2015), who

show that within a plasma environment that has typical umbral temperatures (∼ 104 K)

and densities (∼ 10−8 g/cm−3), the adiabatic index lies between 1.1 ≲ γ ≲ 1.2. The

relatively short period magneto-acoustic waves that drive UFs may present an approxi-

mately isothermal atmosphere (i.e., γ ∼ 1; Klimchuk et al., 2004), which in conjunction

with the comparisons of previous studies provides a strong level of credibility to our

calculation of an adiabatic index of γ = 1.12±0.01 for chromospheric UFs.

A closer look at the gradient from the line of best fit from Figure 6.8, shows that rel-

atively small temperature fluctuations result in quite large magnetic field fluctuations.

Previous studies that have examined the chromospheric plasma temperature response

to UFs have found that higher intensity shocks produce a larger temperature increase

above the background umbral temperature. An additional explanation for the tempera-

ture increase we see, is that there the bulk up-flows from the shocked plasma produce

changes in the density of the local plasma. These changes in density would result in

opacity changes in the shock-forming region (Socas-Navarro et al., 2001). The HAZEL

code uses a single optical depth value for each spectral profile, through the integration

of line-of-sight opacities. As such we are unable to conclusively state that localised

opacity changes do not play a role in the temperature fluctuations that we see in our

data. However, because the formation height of the He I 10830 Å line is upper chromo-

spheric (∼2100 km; Vernazza et al., 1981; Avrett et al., 1994) it is likely that the Stokes

profiles we observe are less likely to capture the most energetic phases of the UF pro-

cess. Therefore, any density perturbations within our spectra are likely to be relatively
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Figure 6.11: Scatter diagram similar to Figure 6.6 representing the total magnetic field
strengths and temperatures induced by central UF pixels.

small, which will minimise the opacity fluctuations along the line-of-sight, with plasma

cooling occurring as the shock decouples from the embedded magnetic field allowing

isotropic propagation through the umbra.

An interesting exercise would be to make a calculation of the cartoon model dis-

played in Figure 6.9 to make a forward model with an inversion code such as HAZEL.

Making such a calculation is beyond the scope of this thesis but is possible in practice

with a number of assumptions. HAZEL works under the optically thin assumption.

One could map the transverse velocity through pixels as the flux tube expands due to

the shock. If the rate of flux change and the filling factor of pixel per second are known

you can make estimations of the magnetic field, which you could then forward model

into the Stokes profiles (synthetic). This would not tell you anything about population

imbalances, and therefore you may have to bring in more assumptions. This approach

would also neglect ionisation balance/fraction in those locations.
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6.5.2 The Anti-correlated Temperature and Magnetism Relationship

Pixels identified as central UF locations, are represented by Figure 6.11, where a pre-

dominantly linear relationship is present, with decreases in the total magnetic field

strength correlating with relatively large increases in the local plasma temperature.

Such a result is consistent with the findings of Henriques et al. (2017), and are con-

sistent with the theoretical understanding of the formation of shocks in the lower solar

atmosphere. Using the nomenclature of Carlsson & Stein (1997) it is possible to pro-

vide a formal description of the emergent intensity, Iν, from a column height extracted

from the umbral atmosphere (whose lower and upper boundaries are denoted by z0 and

z1, respectively),

Iν =
∫ z1

z0

Sν e−τν χν dz, (6.10)

where Sν is the source function, e−τν is an exponential attenuation factor and χν dz is

the product of the cross section and the column density of the emitters. HAZEL inver-

sions use a fixed optical depth range, therefore, the attenuation factor remains constant

during the progression of individual shock events. As such, the source function and col-

umn parameters of the emitters are the only two factors that can contribute to the mod-

ification of the intensity. Column densities are subject to small variations at equivalent

optical depths from phenomena such as the Wilson depression (e.g., Schunker et al.,

2013). However, these variations will result in a negligible change in emergent inten-

sity in comparison to the source function. It was shown by Carlsson & Stein (1997)

that the source function varies as a function of atmospheric height, with the largest

values present at photospheric locations where it is naturally coupled to the Planck

function, with the values decreasing up to the chromosphere. The consequences of this

are that the most intense shocks will occur deep in the umbral atmosphere. Therefore,

shocks that form deeper within the atmosphere have the ability to produce a more sig-

nificant perturbation in the magnetic field lines. The adiabatic plasma pressure from
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these energetic upwardly propagating shocks results in the magnetic field lines being

pushed more strongly apart, causing a decrease in the magnitude of the measured mag-

netic field strength when observing the ‘central’ pixels at the formation height of the

He I 10830 Å line.

This decrease in field strength can be visualised in Figure 6.9. After the formation of

the shock event the original magnetic field flux is distributed across a larger area, due to

the expansion into pixels 1 and 6. This results in pixels 2–5 in Figure 6.9c experiencing

an increase in the localised plasma temperature and simultaneous decrease in the local

magnetic field flux, leading to the anti-correlation relationship between magnetic field

and plasma temperature that Figure 6.11 displays. During the UF, pixels 2–5 maintain a

100% magnetic flux tube filling factor, therefore, the volume filling of the flux tube due

to the increase in adiabatic pressure results in a reduction in the magnetic field flux of

the local plasma. When the shock front begins to dissipate, there is a gravitational infall

of the cooling plasma that generates a pressure ‘vacuum’. This leads to a condensation

of the magnetic field lines via a process that is similar to convective collapse in quiet

sun regions. From this we consider UFs to be a mechanism that result in amplification

of magnetic field perturbations that linear magneto-acoustic waves display at a much

weaker level when interacting with plasma in chromospheric umbral regions.

6.6 Transverse Magnetic Field Perturbations

Using HAZEL to perform an accurate sythesis of the FIRS Stokes Q and U spectra (see,

e.g., Figure 6.3) enables us to be the first to examine the fluctuations in the transverse

component of the magnetic field during UFs. By using the magnetic field strength, B,

in conjunction with the inclination and azimuthal angles, θB and χB, respectively, we

were able to decompose the parameters into orthogonal magnetic field components, Bx

and By, perpendicular to the solar normal, by using the techniques outlined by Gary

& Hagyard (1990). Here, Bx represents the magnetic field component running in the
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Figure 6.12: Vectorized representations of the changes in Bx and By obtained from UF
pixels within the umbral region of the FIRS slit displayed in the top right panel. The
color scale represents the absolute magnetic field strength for each arrow. The black
dashed and dash-dotted lines highlight the lines of best fit for total magnetic fields
exceeding and less-than-or-equal-to 1600 G, respectively. For each line of best fit, the
dotted black lines represent the associated 1σ uncertainties.

solar east-west direction, while By depicts the vector magnetic field orientated along

the solar north-south axis.

The un-signed measurements for each UF event are displayed in Figure 6.5 and

were converted into their corresponding vector fluctuations, δBx and δBy, perpendic-

ular to the solar normal. Figure 6.12 displays these vector fluctuations. Within this

figure each arrow originates at the origin, with the length of each arrow representing

the magnitude of the Btrans fluctuation perturbation induced by the UF event. The colour

scale represents the total magnetic field strength, B, for each UF event. We see that the

strongest perturbations (i.e., those with B > 1600 G, the red arrows in Figure 6.12) are
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Figure 6.13: Top Panel: An HMI photospheric vector magnetogram (black and white
base image), overplotted with vector representations of the extrapolated chromospheric
magnetic field. White and black colors in the base image represent positive and neg-
ative magnetic polarities, respectively, which have been saturated at ±1000 G to aid
visualization. The color scale corresponds to the absolute magnetic field strength of the
depicted arrow vectors, while the lengths of the arrows relate to the magnitude of the
transverse magnetic field. Top Panel: Zoom in of the extrapolations displayed in the
upper-left panel, with the arrow heads removed for clarity. The white line represents
the position of the FIRS slit across the center of the umbra.
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associated with the largest Btrans fluctuations. It is also interesting to note that these

strongest fields exhibit δBx and δBy vector field perturbations that are preferentially

oriented long the north-north-west to south-south-east direction (i.e., ↔). This prefer-

ential direction is indicated by the dashed black trend line. The orientation of the δBx

and δBy for the weaker magnetic fields (i.e., B ≤ 1600 G) are almost perpendicular

to those of the strong fields, with the fluctuations oriented along the east-north-east to

west-south-west direction (i.e, ↔ ), shown by the dashed-dotted black trend line. The

black dotted lines that bound the trend lines in Figure 6.12 are the 1σ error boundaries

of the trend lines. It is clear to see that the transverse magnetic field perturbations for

weak magnetic fields (i.e., B ≤ 1600 G) are preferentially oriented in the east-north-east

to west-south-west direction (i.e., ↔ ), while the perturbations for the strong magnetic

fields (i.e., B > 1600 G) are preferentially oriented along the north-north-west to south-

south-east direction (i.e., ↔).

To understand the cause of these preferential transverse perturbation directions we

decided to examine the magnetic field geometry of the surrounding chromosphere by

using the non-linear force-free field (NLFFF) extrapolation code from Wiegelmann

(2008). We were unable to use the vector magnetic fields obtained from the HAZEL

inversions to provide a global overview, as the inversions use the spectra from the FIRS

He I 10830 Å spectrographic observations, with the slit only covering a 1 .′′125 re-

gion within the centre of the umbra. Therefore, we used the scattered-light corrected

HMI photospheric vector magnetograms for the NLFFF extrapolations. The forma-

tion height of the He I 10830 Å line has a ceiling of ∼2100 km (Avrett et al., 1994),

therefore, a two-dimensional cut-out can be extracted from the extrapolations that cor-

responds to the same atmospheric height as the He I 10830 Å line, and isolated for

further examination.

The top panel of Figure 6.13 displays a vector diagram of the chromospheric mag-

netic fields extracted from the HMI magnetograms. The arrows in this figure represent

the positive-to-negative direction of the magnetic field, with the length of the arrow
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corresponding to the magnitude of the transverse field component, Btrans. As with Fig-

ure 6.12 the colours are an indication of the total magnetic field strength, B, at the lo-

cation where the arrow is displayed. We note at this point that these arrow lengths and

colours have been extracted from the three-dimensional NLFFF extrapolations of the

sunspot region and are completely independent from the magnetic field values attained

from the HAZEL inversions of the observations. The top panel of Figure 6.13 shows

a number of important features. The first thing to notice is that the strongest magnetic

fields which we previously defined as B > 1600 G are found at the centre of the sunspot

umbra, and display relatively short arrows, which is a result of Bz≫ Btrans. Next, these

strong magnetic fields have transverse field vectors (i.e., Bx and By components) that

exhibit a preferential north-north-west to south-south-east direction (i.e., ↔). Thirdly,

the weaker magnetic fields, defined as B ≤ 1600 G, show arrows with greater length

due to their transverse components providing a larger contribution to the total magnetic

field strength (i.e., Btrans ≳ Bz). The final thing we identify from Figure 6.13 is that the

weaker magnetic fields are preferentially oriented along east-north-east to west-south-

west direction (i.e.,↔ ). This direction seems to be a result of the opposite polarity (i.e.,

positive) magnetic field concentration that is located immediately east of the sunspot.

The weaker magnetic fields within the sunspot will undergo a more rapid curvature to-

wards this region of opposite polarity, which is a consequence of the increased Btrans/B

ratio at these locations, where the plasma is considered to be force-free (i.e., where the

plasma-β < 1; Longcope, 2005).

The bottom panel of Figure 6.13 is a zoom in on the sunspot umbra. It differs only

slightly from the top panel in its format. The vector magnetic field components an-

chored into the sunspot and those embedded into the neighbouring opposite polarity

region are displayed by coloured lines, with the colour as before indicative of the total

magnetic field strength B, and the line length representing the magnitude of the trans-

verse component of the field Btrans. All arrow heads that were present in the top panel

of Figure 6.13 have been removed in the bottom panel to ease viewing. The solid white

line that is overplotted shows the orientation of the FIRS slit across the sunspot umbra,
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at an angle of 23.3◦ to the solar north-south axis. In Figure 6.12 the preferential direc-

tion of the transverse field fluctuations for the strongest magnetic fields (B > 1600 G)

shown by the dashed line is at an angle of ≈14◦ to the solar north-south axis. For the

weaker fields (B ≤ 1600 G) the transverse deflections (highlighted by the dash-dotted

line in Figure 6.12) demonstrate a preferential angle of ≈122◦ to the solar north-south

axis. These perturbations are not exactly parallel or perpendicular to the slit direction,

which suggests that these deflection orientations for the strong and weak magnetic fields

are unlikely to be the result of purely systematic effects that may have been introduced

during the data calibration process (e.g., residual stray light contributions; Zong et al.,

2007; Beck et al., 2011). The FIRS slit lies across the centre of the sunspot umbra,

and a consequence of this is that it will encapsulate magnetic fields that span a wide

array of azimuthal orientations, therefore we would expect the preferential directions of

the transverse fluctuations shown by Figure 6.12 to correlate with the underlying pre-

existing magnetic field geometries from the extrapolations displayed in the top panel

of Figure 6.13. However, as the angles for the slit orientation (23.3◦) and strong field

fluctuations (≈14◦) are relatively close, it may be beneficial to implement a rotating slit

assembly in future studies, such as that employed by the Reuven Ramaty High-Energy

Solar Spectroscopic Imager (RHESSI; Lin et al., 2002), as this will constantly change

the slit orientation, and therefore minimize any potential systematic effects.

Both panels of Figure 6.13 display the ‘at rest’ quiescent geometry of the chromo-

spheric magnetic field, with Figure 6.12 revealing the transverse field fluctuations (i.e.,

Bx and By) that occur during the evolution of the UF phenomena. When examining

both figures we can clearly see that for strong magnetic fields (i.e., B > 1600 G), which

display a predominant orientation along the north-north-west to south-south-east direc-

tion (i.e., ↔), the transverse fluctuations are along the same path after the formation of

shocks. Weaker fields (i.e., B ≤ 1600 G) have a preferential orientation along the east-

north-east to west-south-west (i.e., ↔ ), and the transverse fluctuations are shown to

occur along the same direction. These results can be attributed to a number of physical

mechanisms within the plasma. The first of which is that an increase in the inclination
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angle of the magnetic field, θB, would result in an increase in the transverse component

of the magnetic field (i.e., Btrans) along the same two-dimensional direction, therefore,

no additional changes to the localised environment are necessary. Secondly, increases

in the total magnetic field strength (i.e., as experienced by edge pixels, where the flux

tube expands into the quiescent background during the shock) along the direction of the

vector field would result in an increase in both of the field components perpendicular

to the solar normal. Finally, weaker fields that are oriented along the east-north-east to

west-south-west (i.e.,↔ ) direction will have a reduced magnetic tension, causing them

to be more susceptible to any directional changes resulting from the shock front prop-

agation. It is possible that a combination of all three mechanisms is needed to describe

the observed changes in the magnetic field perpendicular to the solar normal. We note

that even though changes in the azimuthal angle, χB, of the vector magnetic field may

increase up to a maximum of ∼8 degrees during an UF event, such a deflection is rela-

tively minor, and therefore, will not have a major impact on any of the vectorised plots

displayed in Figure 6.12 or Figure 6.13. This further substantiates why the changes in

the transverse magnetic field components δBx and δBy due to UFs are predominantly

along the quiescent magnetic field vectors.

6.7 Conclusions

In this chapter, high resolution spectro-polarimetry and spectral imaging data has been

used in concert with advanced inversion techniques to provide a unique glimpse into the

magnetic field fluctuations in sunspot umbrae as a result of the formation and dissipa-

tion of UFs. Through the comprehensive analysis of a large set (93 991) of He I 10830 Å

Stokes profiles, we find through use of scatter diagram of temperature and magnetic

field strength fluctuations, evidence for two distinct populations. We show that the two

populations are related to the position of the pixel in relation to the UF event. Edge

pixels that lie at the edge of the UF event, exhibit a positive correlation between tem-

perature and magnetic field strength fluctuations, which is the result if the adiabatic

expansion of the magnetic flux tube into these pixel locations, causing a simultaneous

144



increase in both the local plasma temperature and magnetic field strength due to the

shock dissipation. From the relationship a value for the adiabatic index was derived

for umbral locations in the solar atmosphere, γ = 1.12±0.01. The second population,

‘central’ pixels lie in the centre of the shock, and display an anti-correlation between

temperature and magnetic field strength perturbations, again as a result of the adia-

batic expansion of the flux tube. The expansion causes a net decrease in magnetic flux

at these locations while the plasma undergoes simultaneous heating via the non-linear

dissipation of the UF, with this result substantiating the hypothesis set forward by Hen-

riques et al. (2017).

Combining high resolution data with the powerful HAZEL inversion code enabled

the fluctuations in the transverse component of the magnetic field (i.e., Bx and By) re-

sulting from UF phenomena to be investigated for the first time. Using NLFFF extrapo-

lations of scattered-light corrected HMI vector magnetograms as a quiescent reference

of the magnetic field geometries we find a number of plausible scenarios to explain

the observed perturbation in the transverse field. (1) The changes in inclination an-

gles of the vector magnetic field, (2) increases in the magnetic field strength due to

the adiabatic expansion of the magnetic flux tube through the observed pixels, (3) a

reduced magnetic tension in the locations with weaker magnetic fields, which are more

susceptible to any deflections arising from the shock front propagation, and (4) a com-

bination of all three scenarios. Any future studies would require the examination of all

the derived plasma parameters in order to come to a conclusion on the most plausible

scenario. Such a study would be a difficult task, requiring the segregation of UFs in by

strength, what point in their evolution they are at, and the optical depths at which they

are forming. To carry this out it would be necessary to combine a multitude of inver-

sion routines, such as, NICOLE, HAZEL and the CAlcium Inversion using a Spectral

ARchive (CAISAR; Beck et al., 2015; Rezaei & Beck, 2015), along with simultaneous

spectro-polarimetric observations of multiple spectral lines, to provide further clarifi-

cation on this matter.
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Greater spatial and temporal resolution, alongside higher polarimetric precision,

would allow smaller-scale magnetic field fluctuations to be uncovered. With new ad-

vanced observing facilities soon to be available, such as, the Daniel K. Inouye Solar

Telescope (DKIST; Keil et al., 2004), the National Large Telescope (NLST; Hasan

et al., 2010) and the European Solar Telescope (EST; Collados et al., 2013), more in-

formation about the effects of shock phenomena on the local plasma environment will

be revealed. Their propagation through the different layers of the atmosphere can be

probed with use of simultaneous high cadence observations of multiple spectral lines.

Such investigations can provide insight into whether shock phenomena have the abil-

ity to deposit the energy required to maintain the observed chromospheric and coronal

temperatures. Investigations into perturbations in magnetic field geometry will have

implications on the transport of plasma from the lower atmosphere along these field

lines.
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Chapter 7

Chromospheric Detections of
Intermediate Shocks

Indiana Jones: Nothing Shocks me. I’m a scientist

– Indiana Jones and the Temple of Doom



The desire to understand wave energy transportation, and subsequent dissipation in

the solar atmosphere, is a major driver behind much of solar physics research. Owing to

significant advancements in instrumentation, post-processing techniques and numerical

simulations, our understanding of wave activity in the atmosphere has vastly improved

in recent years (Roberts, 2000; Nakariakov & Verwichte, 2005; Bard & Carlsson, 2010;

Jess et al., 2012b; Felipe et al., 2014; Jess et al., 2015; Felipe, 2019). It is becoming

increasingly apparent that highly magnetic solar regions, such as those associated with

sunspots, pores and magnetic bright points, are able to play a prominent role in atmo-

spheric heating (Sobotka et al., 2013; Grant et al., 2018).

In recent times there has been a drive to more closely examine the energy dissipation

occurring in the solar chromosphere, with readily developing shock fronts seen as a

likely mechanism for such dissipation. In a magnetohydrodynamic (MHD) framework,

the propagation of slow magnetoacoustic waves, and their subsequent development into

prominent shocks (UFs), has attained widespread examination since their ubiquitous

detection inside highly magnetic sunspot umbrae, with a detailed study of their ability

to perturb the atmosphere provided in Chapter 6.

The study of more elusive forms of shock phenomena, including fast-mode and

intermediate (Alfvén) shocks, has started to become more prevalent in recent years.

Utilizing previous theoretical work of Montgomery (1959) and Hollweg et al. (1982),

observational evidence for the non-linear steepening of elliptically polarized Alfvén

waves (in the form of resonantly coupled fast-mode shocks) has been put forward by

Grant et al. (2018). On the contrary, purely incompressible Alfvén waves are much

more resistant to energy dissipation, and thus the observational signatures associated

with their thermalization remains unclear. While studies focusing on the energy dis-

sipation of Alfvén waves have been theoretical in nature, there has been a rapid im-

provement in our understanding of intermediate shocks in recent times (Matsumoto

& Suzuki, 2014; Arber et al., 2016; Snow et al., 2018; Snow & Hillier, 2019), which

naturally inspires the search for these signatures in cutting-edge observational image
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sequences.

Here, we present the first observational detection of intermediate shocks manifest-

ing at the chromospheric umbral/penumbral interface of a sunspot. We use Ca II 8542 Å

spectropolarimetric data products obtained with the Dunn Solar Telescope (DST), in

conjunction with modern inversion techniques and analytical theory, to provide unique

insights into the dynamic plasma fluctuations associated with the manifestation of in-

termediate shock fronts in the Sun’s magnetic atmosphere.

7.1 Observations

The data presented in this study represents an observational sequence carried out during

13:39 – 16:43 UT on 2016 May 20, using the National Solar Observatory’s DST at

Sacramento Peak, New Mexico, USA. The telescope was pointed at the active region

NOAA 12546, which is one of the largest sunspots to emerge on the solar surface in

the past 20 years. The sunspot was positioned very close to disk center at the time

of observing, at heliocentric coordinates (33′′, −83′′), corresponding to a heliocentric

angle of 5.37◦ (µ≃ 0.997), or S07.0W02.0 in the conventional heliographic co-ordinate

system. Observations were obtained with the IBIS instrument.

The IBIS instrument was utilized to obtain a long time series of high-spatial and -

temporal resolution spectropolarimetric imaging scans of the photospheric Fe I 6173 Å

and chromospheric Ca II 8542 Å spectral lines. Twenty-one discrete, equidistant wave-

length steps were used across each of the Fe I 6173 Å and Ca II 8542 Å lines, with the

Fe I 6173 Å line covering the range 6173.14−6173.54 Å using a spectral sampling of

20 mÅ, while the Ca II 8542 Å line covered a range 8541.50−8542.70 Å with a sam-

pling of 60 mÅ. Sampling the full-Stokes profiles, using an exposure time of 80 ms,

of AR12546 across the Fe I 6173 Å and Ca II 8542 Å spectral lines leads to a total

cadence of 48 s, with a spatial sampling of 0 .′′098 per pixel. The same data set was

employed in Stangalini et al. (2018) who analysed circular polarisation oscillations to
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Figure 7.1: Left: IBIS Ca II red wing image of active region NOAA 12546, acquired
at 8542.6 Å (line core +0.5 Å). Middle-left: Ca II 8542 Å line core image, where the
over-plotted colored pixels represent the locations where flips in either Stokes Q/Ic ,
U/Ic or V/Ic spectropolarimetric profiles are detected between neighboring frames.
The color scale indicates the total number of polarimetric flips occurring in that pixel
throughout the duration of the time series. Middle-right: Locations and occurrences of
pixels that exhibit a change in their Stokes I/Ic magnitude exceeding 3σ above their
quiescent value. Right: The red lines represent plasma-β = 1 isocontours spanning
optical depths of (∼450 km) −3 > log10 τ > −4 (∼625 km). The blue contour represents
an outer boundary that encompasses all locations that are deemed ‘active’ pixels (see
Section 7.2.1).

detect propagating MHD surface modes within the sunspot. To learn more about the

magnetic structure in this data set we direct the reader to the paper by Murabito et al.

(2019), who performed a complete analysis of the magnetic field geometry by using

spectropolarimetric inversions.

The long duration of the observing period (∼3 hours), coupled with the relatively

short temporal cadence, makes the data ideal for studying oscillatory phenomena in the

vicinity of the active region. The near-simultaneous observations of both the photo-

sphere and the chromosphere makes it possible to search for signatures of wave prop-

agation through the atmosphere, with the full-Stokes information allowing the applica-

tion of inversion routines to locations of interest. A whitelight camera, synchronised

with the narrow-band feed, was employed to enable processing of the narrowband im-

age sequences. High order adaptive optics (Rimmele, 2004) were employed through-

out the data acquisition, with the large central sunspot chosen as the lock-point. While
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data reduction of the observations followed standard calibration techniques (i.e., dark

subtraction, flat fielding and polarimetric calibration), the images obtained were also

subjected to Multi-Object Multi-Frame Blind Deconvolution (MOMFBD; van Noort

et al., 2005) techniques in order to mitigate the effects of atmospheric aberrations. Si-

multaneous broad band images were restored and narrow band images were destretched

using them as a reference.

A contextual full-disk continuum image was obtained from the Helioseismic and

Magnetic Imager (HMI; Schou et al., 2012) on board the Solar Dynamics Observa-

tory (SDO; Pesnell et al., 2012) at 13:36 UT, which was utilized for the purpose of

co-aligning the IBIS images with the HMI reference frame. A sub-field of 400′′×400′′

was extracted from the full-disk image, with a central pointing close to that of the

ground-based observations. The HMI continuum image was then used to define ab-

solute solar coordinates, with the IBIS observations subsequently subjected to cross-

correlation techniques to provide sub-pixel co-alignment accuracy. The composition

and pointing of fully-calibrated IBIS images is displayed in Figure 7.1.

7.2 Data Analysis

7.2.1 Identification of ‘Active’ Pixels

The region of interest for the identification of dynamic sunspot phenomena encom-

passes both umbral and penumbral locations. The observed sunspot is very large, and

as a result weak photon flux is present in the photospheric Fe I 6173 Å spectral line at

the central core of the umbra, we hence exclude this location from subsequent analyses

with the Ca II 8542 Å data to be on the safe side and avoid any possible effects of low

signal-to-noise ratio (see the hashed region in Figure 1 of Stangalini et al., 2018). Fol-

lowing common convention, all Stokes profiles are normalized to the average Stokes I

continuum intensity, Ic, providing values of I/Ic , Q/Ic , U/Ic , and V/Ic for subsequent

study.
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In previous chromospheric sunspot umbral investigations, shock locations are nor-

mally identified through the application of running mean subtraction methodologies in

combination with observing intensity variations in the blue wing of the spectral profiles

above a given threshold (Rouppe van der Voort et al., 2003; Madsen et al., 2015). How-

ever, to exploit the imaging spectropolarimetry provided by IBIS, we adopt a distinctly

different approach in the identification of dynamically evolving sunspot features. Here,

we set the following criteria for selecting ‘active’ pixels:

1. A spectropolarimetric polarity flip (reversal) in any of the Stokes Q/Ic , U/Ic or

V/Ic profiles needs to be identified from one frame to the next. Examples of such

spectropolarimetric flips are shown in Figure 7.2, with a two-dimensional map of

their locations shown in the middle-left panel of Figure 7.1; and

2. There needs to be a distinct increase, ∆I, in the integrated Stokes I/Ic intensity

originating from within the pixel location, with ∆I > 3σ set as a threshold to dis-

tinguish quiescent pixels from their active counterparts, where σ is the standard

deviation of the integrated Stokes I/Ic fluctuations for that pixel across all time.

Integrated Stokes I/Ic intensities, rather than Stokes I/Ic values at a particular

wavelength, are used to mitigate against variable Doppler shifts producing in-

tensity fluctuations at different wavelengths. Similar changes in the Stokes I/Ic

profiles have been observed in previous studies as outlined in Chapter 6. A two-

dimensional representation of the locations of large ∆I fluctuations is shown in

the middle-right panel of Figure 7.1.

Employing these criteria ensured that all ‘active’ pixel detections were statistically sig-

nificant and not a result of small-amplitude waves or instrumental noise. Pixels that sat-

isfied the individual criteria mentioned above were then co-spatially and co-temporally

cross-correlated to identify the locations and times when spectropolarimetric flips and

large intensity fluctuations were observed simultaneously. The blue contour in the right

panel of Figure 7.1 displays the time-integrated boundary that encompasses all estab-

lished ‘active’ pixels, with 3482 individual pixels identified over the ∼180 minute ob-
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Figure 7.2: Left panels represent sample Ca II 8542 Å quiescent (i.e., pre-shock;
solid black line) spectropolarimetric profiles for Stokes I/Ic , Q/Ic , U/Ic, and V/Ic.
The right panels represent the corresponding Stokes profiles associated with shocked
plasma. The red dashed lines in each panel show the synthetic profiles generated from
the NICOLE inversions. The blue shaded regions represent the spatially and temporally
averaged standard deviations between the input IBIS and synthesized intensities across
all pixels employed in the analysis.

servational period. Due to the heightened (>3σ) emission found in the blue wing of

the Ca II 8542 Å spectral line, the isolated ‘active’ pixels are likely to correspond to

shocked plasma, similar to that identified in Chapter 6 and Grant et al. (2018), only

now with prominent and simultaneous spectropolarimetric flips.

7.2.2 Inversions

The Non-LTE Inversion Code using the Lorien Engine (NICOLE; Socas-Navarro et al.,

2015) was used to examine the changes in atmospheric parameters when transition-
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ing from a pre-active to active state. NICOLE is a parallelized inversion code that

can invert large datasets, solving multi-level, non-LTE radiative transfer problems us-

ing the pre-conditioning methods outlined in Socas-Navarro & Trujillo Bueno (1997).

The inversion process requires an initial input model atmosphere, containing physical

parameters such as temperature, line-of-sight (LOS) velocity, magnetic field, gas pres-

sure, density and microturbulence (see Section 3.3). The initial model used was the

‘M’ sunspot model of Maltby et al. (1986), which is then perturbed to minimize the

difference between the observed and synthetic Stokes profiles.

To prepare the observational data for use with NICOLE, the normalized

Stokes I/Ic , Q/Ic , U/Ic and V/Ic profiles were interpolated onto a more dense wave-

length grid (41 points; ∆λ = 30 mÅ). This allows NICOLE to better fit the synthetic

spectra and enables the use of the cubic DELO-Bezier formal solver outlined in de la

Cruz Rodrı́guez & Piskunov (2013). To ensure that interpolated points, i.e. those not

corresponding to a physically observed wavelength, do not contribute to the synthetic

outputs, such points were assigned a negligible weighting. The Ca II atom used consists

of five bound levels plus a continuum as detailed in the works of Shine & Linsky (1974)

and Socas-Navarro et al. (2000a), with inversions carried out following methods out-

lined in previous studies (e.g., Henriques et al., 2017; Kuridze et al., 2018). The effect

of Ca II isotopic splitting was also included in the inversions (Leenaarts et al., 2014).

The nodes used for the calculation of each parameter are equally spaced along the

optical depth scale at 500 nm (log10 τ). Perturbations to the background model are ap-

plied at these locations, with the correction between them performed using cubic Bezier

interpolation. NICOLE inversions are computationally intensive, although fortunately

the number of active pixels identified in our dataset was relatively small. In total, 6964

pixels were inverted (3482 pre-active and 3482 active). To improve the fit of the syn-

thetic profiles to the observations, the inversions were carried out in three cycles, with

subsequent cycles having increased numbers of nodes to improve the quality of con-

vergence, as suggested by Ruiz Cobo & del Toro Iniesta (1992). The node points used
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for each cycle are summarized in Table 7.1. In between the first and second cycle the

atmosphere was smoothed, both horizontally and vertically, with the smoothing only

performed on perturbations between the input and generated atmospheres. The atmo-

spheres from the previous cycle were subsequently used as inputs for the next inversion

cycle. Throughout all cycles a weighting of 1 is applied to Stokes I/Ic and V/Ic pro-

files, as this resulted in the best synthetic profile fits. In the initial cycle we include one

node for the transverse components of the magnetic field, Bx and By, due to the need to

generate accurate Stokes I/Ic and V/Ic fits from which to base the following cycles off.

The weights across cycles relative to Stokes I/Ic in Q/Ic and U/Ic were 0.2, 1, and 5,

respectively, while in V/Ic they were weighted the same as I/Ic in each cycle. We apply

such weights to Stokes Q/Ic and U/Ic to better constrain the transverse component of

the magnetic field, since this is an important parameter in the classification of umbral

shocks and dynamics (Chapter 6). The weighting of I/Ic and V/Ic was kept the same

throughout as this resulted in the best overall fits across all Stokes profiles. Figure 7.2

displays the Stokes I/Ic , Q/Ic , U/Ic and V/Ic profiles corresponding to a pixel in a

quiescent phase (left panels) and that same pixel during a shock (right panels). The

black lines represent the observed spectra obtained from the IBIS instrument, with the

red dashed lines showing the best-fit synthetic profiles generated from the NICOLE

inversion process. The shaded regions indicate the spatially and temporally averaged

standard deviations corresponding to offsets between the input and synthetic profiles.

The confinement of the wavelength-dependent standard deviations (blue shaded regions

in Figure 7.2) shows statistically a high degree of precision throughout the inversion

process, something that is also highlighted in Section 6.3.

7.3 Results

Following the completion of the 6964 non-LTE spectropolarimetric inversions using

NICOLE, we are provided with a number of key plasma parameters as a function of

optical depth. These include the vector magnetic fields (Bx , By and Bz), temperatures,
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Figure 7.3: Top: The shock LOS Doppler velocities plotted as a function of their quies-
cent (i.e., pre-shock) Doppler velocities for the same pixel location. The black dashed
lines are located along velocities of 0 km s−1 to provide easier visual segregation of the
directional characteristics of the bulk motions. The background blue–red color scheme
helps visualize the Doppler velocities corresponding to each quadrant of the plot, with
progressively more blue and red colors representing larger up- and down-flowing ma-
terial, respectively. Bottom: Shock temperature changes displayed as a function of the
pre-shock background temperature. The dashed black line represents a zero change in
temperature (i.e., ∆T = 0 K). The background blue–red color scheme provides a vi-
sual representation of temperature, with more red colors corresponding to both hotter
quiescent and shock-induced temperatures. In both panels the colored data points cor-
respond to the optical depths at which the plasma parameters are extracted, as defined
in the legends located in the upper-left corner of each panel.
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Table 7.1: Number of nodes used for each cycle of the NICOLE inversions.

Physical Parameter Cycle 1 Cycle 2 Cycle 3

Temperature 3 5 7
LOS Velocity 1 3 3
Bx 1 2 3
By 1 2 3
Bz 1 2 3
Microturbulence 1 1 1

LOS velocities and densities for the pixels of interest, both during and immediately

prior to their ‘active’ stage. Below we discuss the relationships between these con-

stituent components of the plasma parameter space.

7.3.1 Velocity and Temperature Changes

The top panel of Figure 7.3 details the changes experienced by the Ca II 8542 Å line-

core Doppler velocity when transitioning from a quiescent atmosphere to a shock en-

vironment. Each of the data points display the relationship between the quiescent

(i.e., pre-shock; x-axis) and active (i.e., shock; y-axis) states, where the color repre-

sents the optical depth at which the measurement was made. Here, an optical depth of

log10 τ = −2 corresponds to the photosphere, while log10 τ = −6 is indicative of upper-

chromospheric locations. We note that the atmospheric solution contains larger uncer-

tainties in the log10 τ = −6 regime (Quintero Noda et al., 2016), where the layers could

be affected by extrapolation effects from gradients deeper down in the atmosphere.

Note that the sign of the Doppler velocities is linked to the induced wavelength shift,

whereby positive values represent red-shifted (i.e., downflowing) plasma, and negative

values correspond to blue-shifted (i.e., upflowing) plasma.

Inspection of the results shows that the plasma is predominantly red-shifted im-

mediately prior to the formation of a shock, but this changes abruptly to blue-shifted

material during the development of the shock itself. Such a change is consistent with

previous MHD shock studies, including those linked to magnetoacoustic (Joshi & de la
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Cruz Rodrı́guez, 2018; Anan et al., 2019) and resonantly-amplified fast-mode (Grant

et al., 2018) non-linearities. This trend is consistent across all optical depths, although

the magnitudes of the velocities increase with atmospheric height, as expected, due

to the reduced plasma pressure in these locations. At optical depths of log10 τ = −6

and −5, it has been seen that that the vector shock velocities are averaged (de la Cruz

Rodrı́guez et al., 2012), resulting in an underestimation of the true shock speed. In this

study, we focus on optical depths log10 τ = −4 and −3, which we observe to closely

match the simulations, however, we note that the derived speed is likely to be a lower

limit of the true shock velocity.

The bottom panel of Figure 7.3 displays the changes in temperature, ∆T , associated

with the transition from a pre-shock phase to a shock environment as a function of the

quiescent plasma temperature. The derived temperature changes are in the range of

−250 K < ∆T < 2500 K. Generally, a greater temperature perturbation is provided to

plasma with a cooler quiescent temperature at each optical depth. In the right panel

of Figure 7.3 this is particularly visible at an optical depth of log10 τ = −5 (purple

data points), where quiescent plasma with temperatures of around 3000 K experience

∆T ∼ 1500 K, while background temperatures of 5000 K only provide ∆T ∼ 250 K.

As a result, we suggest that the plasma shocks identified have the ability to con-

tribute to local atmospheric heating when a sufficient temperature gradient is present,

with a ∆T = 0 K value suggesting equilibrium between the developing shock and the

quiescent background. To formalize the background temperature at each optical depth

that promotes a ∆T = 0 K equilibrium, we fit a linear trend line through the data points

spanning each optical depth and calculate the intersection of the best-fit line with the x-

axis. This provides shock/background equilibrium temperatures of ∼3690 K, ∼3650 K,

∼3465 K, ∼6020 K and ∼10845 K for optical depths corresponding to log10 τ = −2

(∼250 km; Maltby et al., 1986), log10 τ = −3 (∼450 km), log10 τ = −4 (∼625 km),

log10 τ = −5 (∼1150 km) and log10 τ = −6 (∼1850 km), respectively. Interestingly, the

largest average ∆T (+19.6%) occurs at an optical depth of log10 τ = −5, correspond-
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Figure 7.4: Two dimensional density scatter diagrams showing the vector components
(Bx , upper left; By, upper right; Bz, lower left) of the shock magnetic fields as a function
of their quiescent (i.e., pre-shock) values. In each panel the vertical and horizontal
dashed black lines highlight magnetic field components equal to 0 Gauss. The shade
of each hexagon represents the density of points within that region. For the Bx (top)
and By (middle) panels, the dotted red line highlights the linear line of best fit, with
the shaded red region (bounded by small dotted red lines) indicating the 1σ errors
associated with each fit. In the Bz (lower) panel, the dotted red line shows a 1:1 slope,
where data points lying on this line have identical Bz magnitudes in both the quiescent
and shock stages. The lower left panel represents the fluctuations in Bz (i.e., ∆Bz)
arising from the development of a shock, plotted as a function of the change in the total
magnetic field strength (∆Btot) also produced from the commencement of the shock.

ing to an approximate geometric height of 1150 km (Maltby et al., 1986), which is

consistent with examinations of resonantly-amplified fast-mode shocks where Grant

et al. (2018) found the largest temperature perturbations to be within the range of

−5.3 < log10 τ < −4.6. With this in mind, the pixels we identify as ‘active’ have

clear similarities to previously detected MHD shock phenomena, with characteristics

related to the temperature and LOS velocity perturbations closely resembling the signa-

tures synonymous with magnetoacoustic (Chapter 6) and fast-mode (Grant et al., 2018)

shocks. However, we can now employ the high-precision vector magnetic fields to

further categorize the underlying shock behavior.
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7.3.2 Magnetic Field Perturbations

In a similar manner to how the temperature fluctuations are depicted in the bottom

panel of Figure 7.3, Figure 7.4 displays the shock vector magnetic fields as a function

of their pre-shock values, with the transverse (Bx and By) and vertical (Bz) compo-

nents displayed in the upper left, upper right and lower left panels respectively. For

completeness, the x and y directions represent the two orthogonal directions within the

plane coincident with the solar surface, with x representing the east–west direction and

y the north–south direction with respect to the heliographic coordinate system. Exam-

ining the transverse magnetic field fluctuations (top and middle panels of Figure 7.4),

it is clear that a flip occurs between the quiescent (i.e., pre-shock) environment and the

shocked plasma state. This flip is indicated by the gradient of the lines of best fit (dotted

red lines in the upper and middle panels of Figure 7.4) being close to −1, with gradients

of −0.99 and −1.00 found for the Bx and By fits, respectively. Of course, the excep-

tionally clear trends depicted here may not come as a complete surprise, since our pixel

identification methodology required a spectropolarimetric flip in the observed Stokes

profiles. It must be noted that the grouping of the data points is slightly more extended

(i.e., more measurements reaching larger magnetic field strengths) for the Bx plot in the

upper left panel of Figure 7.4, when compared with the By scatterplot depicted in the

upper right of Figure 7.4. This is a consequence of the identified pixels predominantly

residing on the eastern side of the sunspot (Figure 7.1), where Bx magnitudes will be

strongest due to the natural orientation of the magnetic fields along that direction.

Interestingly, no such dominant polarity flip is identified in the Bz component of the

magnetic field. As displayed in the lower left panel of Figure 7.4, the signs and mag-

nitudes of the Bz terms are consistent between quiescent and shocked states. This can

be seen through the relatively tight grouping of data points along the 1:1 linear trend

plotted as a red dotted line in the lower left panel of Figure 7.4. It might be natural to

assume that a spectropolarimetric flip in Stokes V/Ic (see, e.g., the lower-right panel

in Figure 7.2) would indicate a polarity flip in that particular pixel location. However,

160



Figure 7.5: Histograms documenting the percentage changes in the plasma density
that are caused by shock formation for optical depths corresponding to log10 τ = −3
(∼450 km; lower right), log10 τ = −4 (∼625 km; upper right), log10 τ = −5 (∼1150 km;
lower left), and log10 τ = −6 (∼1850 km; upper left). Positive values (i.e., >0%) are
representative of shock-induced density enhancements, while negative values indicate
a reduction in the local plasma density following the formation of a shock.

spectropolarimetric flips have been witnessed previously by de la Cruz Rodrı́guez et al.

(2013), with such signatures not necessarily implying a physical reversal of the mag-

netic field polarities, as is also implied in the lower left panel of Figure 7.4. Joshi & de

la Cruz Rodrı́guez (2018) found that magnetic field perturbations are not the result of

opacity changes, and therefore the observed flips are not consistent with opacity effects.

Instead, the spectropolarimetric flips found in Stokes V/Ic may be the consequence of a

developing shock creating a two-component atmosphere, where independent bulk mo-

tions of the peak opacity-forming regions give rise to shifts in the polarimetric profiles,

similar to that observed by Socas-Navarro et al. (2000a).

From examination of Figure 7.4, it is clear that under the development of a shock,

the Bx and By values flip, while the Bz component of the magnetic field remains ap-

proximately constant with the same sign. Due to the very pronounced flips in the Bx

and By components (i.e., line of best fit gradients very close to −1 in the upper and mid-
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dle panels of Figure 7.4), fluctuations in the Bx and By terms should only contribute

to very minor changes in the total magnetic field strength, Btot. This implies that any

changes in Bz should produce a near-equivalent fluctuation in Btot — i.e., ∆Bz = ∆Btot.

The lower right panel of Figure 7.4 displays a scatterplot detailing the relationship be-

tween ∆Bz as a function of ∆Btot, where the dotted red line highlights a linear line

of best fit between the two variables. The gradient associated with the line of best fit

is 0.92± 0.04, indicating a very close correlation between fluctuations in the vertical

component of the magnetic field (Bz) and the total overall magnetic field strength (Btot).

7.3.3 Density Ratios

The final plasma parameter to examine is the density, with histograms of density fluctu-

ations, related to quiescent and shock environments for different optical depths, shown

in Figure 7.5. The histograms reveal the percentage changes in NICOLE-derived den-

sities resulting from shock formation. We note that NICOLE computes the gas strati-

fication assuming hydrostatic equilibrium, with the exclusion of the Lorentz force and

advection term. With the mainly vertical magnetic fields present within the sunspot,

the assumption of hydrostatic equilibrium is likely to be a robust approximation. It can

be clearly seen that at log10 τ = −3 and log10 τ = −4 (high photosphere and low chro-

mosphere, respectively) there are shock formation signatures, with increases in local

densities of approximately 10−20%. This identifies the layers of the solar atmosphere

where the local plasma has been substantially compressed by the shock development.

The induced density fluctuations begin to reduce at optical depths around log10 τ = −5,

while at the extreme upper-boundary of the chromosphere (log10 τ = −6) a decrease in

shock-induced density is found. This is a possible consequence of the shock developing

in the upper-photosphere/lower-chromosphere, with the signatures becoming diluted as

they traverse multiple density scale heights, where the density scale height in the chro-

mosphere is ∼300 km (Peter & Marsch, 1998). It may also be a consequence of an in-

crease in adiabatic pressure resulting from the shock, which causes the magnetic fields
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to expand at higher atmospheric heights where there is less plasma pressure, hence re-

ducing the local density (Section 6.5). Finally, the generation of Prandtl-Meyer expan-

sion fans (Chen & Feldman, 2015; Cao et al., 2017), which are supersonic expansion

fans whereby the change in flow inclincation is away from the flow. As the supersonic

plasma associated with the shock interacts with the geometry of the magnetic field may

initiate Mach waves, which subsequently produce low-density wakes as they traverse

through the upper layers of the chromosphere, hence manifesting as decreased density

perturbations at optical depths of log10 τ ∼ −6. However, this area of research is in its

infancy, and requires dedicated shock-capturing numerical simulations (e.g. using the

Lagrangian-Eulerian Remap (LareXd) code; Arber et al. 2001 or MPI-AMRVAC code;

Porth et al. 2014) to further test the effects of such phenomena.

7.4 Shock Classification

For all isolated pixels of interest, we have inversion outputs that provide us with the

specific plasma conditions both before and after the manifestation of a shock. The

deduced trends for active pixels (see, e.g., Figure 7.4) indicate a flip of their transverse

magnetic fields from quiescent to shocked states. From theory, this can be interpreted as

either a rotational discontinuity or an MHD shock (Goedbloed et al., 2010). Rotational

discontinuities require conservation of the total magnetic field (i.e., ∆Btot= 0 Gauss).

However, from examination of the lower right panel of Figure 7.4 it is clear to see

that changes in the total magnetic field are commonly experienced, where ∆Btot∼ ∆Bz,

suggesting that the active pixels are not best described by rotational discontinuities.

For an MHD shock to be a viable interpretation for the captured plasma dynamics,

there must be evidence for shock-induced compression of the local plasma. Indeed,

examination of Figure 7.5 clearly shows that active pixels demonstrate clear density,

ρ, increases at their point of formation, i.e., ρa/ρb > 1, where the subscripts a and b

represent the shocked (‘after’) and quiescent (‘before’) stages of the shock evolution.

Furthermore, the LOS Doppler velocities, vlos, displayed in Figure 7.3 also demonstrate
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a clear discontinuity, whereby vlos,b − vlos,a , 0. As the thermodynamic properties do

not depend on the frame of reference (Goedbloed et al., 2019b), we first check whether

entropy has increased across the shock domain. The entropy change, ∆S, with units of

m2s−2, from the quiescent to shocked states is evaluated at four discrete optical depths

(log10 τ = −3,−4,−5,−6) following,

∆S =
pa

ρ
γ
a
− pb

ρ
γ
b

, (7.1)

where p is the plasma pressure (p = ρkBT/mpµ), kB is the Boltzmann constant, T is

the temperature, mp is the mass of a proton, µ is the mean molecular weight (µ = 0.5),

and γ is the adiabatic index. Here, an adiabatic index of γ = 5/3 is utilized, which is

the classical value for the adiabatic index. The mean entropy values for all 6964 pixels

are displayed in the lower-right panel of Figure 7.6 as a function of optical depth. At

optical depths of log10 τ = −3 and log10 τ = −4, which are consistent with the shock

formation heights, we see a clear increase in entropy (i.e., ∆S ≫ 0). At optical depths

corresponding to higher geometric heights (i.e., log10 τ < −5), the entropy change is

less severe, with the 1σ error bars associated with the upper extremity of the chromo-

sphere (log10 τ = −6) encompassing ∆S = 0. This implies that the shock formation rep-

resents a localized change in the MHD plasma quantities, with the biggest fluctuations

experienced close to the formation height of the shock itself (i.e., −3 > log10 τ > −5).

To verify this interpretation and further classify the type of MHD shock present, it is

necessary to employ the Rankine–Hugoniot (RH) relations.

7.4.1 Rankine–Hugoniot Classification

The RH relations are typically expressed in the rest frame of the shock, and are in

their most condensed form when exploiting the de Hoffman–Teller frame, where the

magnetic and velocity components are coplanar and aligned in both the quiescent and

shocked states. However, we are unable to deduce the true vector velocity field be-
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Figure 7.6: The mean changes in entropy between pre-shock and active states are
displayed as a function of optical depth. Blue error bars represent the 1σ variations in
the derived entropy values. The horizontal dashed red line highlights a zero change in
entropy (i.e., ∆S = 0).

fore and during shock activation, since, while the spatial sampling and temporal ca-

dence of the IBIS data products are relatively high, the rapid evolution and creation

of two-component atmospheres is prohibitive without having to rely on additional un-

constrained assumptions. Hence, we employ the spectropolarimetric inversions, which

provide us with vector magnetic fields and thermodynamic information, to further clas-

sify the captured shock activity.

The vector magnetic fields, together with the plasma temperatures and densities,

allow us to calculate the local plasma-β values, where β is the ratio between the plasma

gas pressure and the pressure of the magnetic field, defined as,

β =
2µ0nHT kB

B2
tot

, (7.2)

where µ0 is the magnetic permeability and nH is the hydrogen number density. Lo-

cations where the plasma-β are close to unity are important in the studies of wave

propagation, since they offer more efficient regions for mode coupling and resonant
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amplification of the embedded wave amplitudes (Zaqarashvili & Roberts, 2006; Za-

qarashvili et al., 2006; Cally & Goossens, 2008). Recently, their importance has also

been demonstrated for the generation of resonantly driven fast-mode shocks towards

the edges of sunspot umbrae (Grant et al., 2018). In the right panel of Figure 7.1

we display the plasma-β = 1 isocontours spanning the optical depths (inner contour;

∼450 km) −3 > log10 τ > −4 (outer contour; ∼625 km), where the detected shock ac-

tivity is believed to first manifest. From Figure 7.1 it can be seen that the active pixels

are predominantly contained within the plasma-β = 1 isocontours, suggesting that these

locations may play a crucial role in the development of shock phenomena displaying

spectropolarimetric flips.

From quiescent to shocked states, the calculated plasma-β values systematically

become larger, remaining consistent with a shock-induced increase in the local plasma

pressure. We are able to determine the sound, vS, and Alfvén, vA, speeds in both

quiescent and shocked states using the relationships,

v2
S = γp/ρ , (7.3)

v2
A = B2

tot/µ0ρ . (7.4)

To estimate the shock normal direction, n̂s, we quantify the angles which give its

orientation. The position of the pixel (xp, yp) with respect to sunspot centre is used to

calculate the angle φs between the x-axis and the projection of n̂s on the horizontal

plane,

φs = arctan
xp

yp
. (7.5)

Then using the first RH condition, which states that the normal magnetic field compo-

nent, Bn, remains constant, i.e., Bn,a = Bn,b, we calculate the angle ϑs between êz and

n̂s,
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ϑs = arctan
−Bz,b+ Bz,a(

Bx,b− Bx,a
)

cosφs +
(
By,b− By,a

)
sinφs

. (7.6)

Once we have n̂s, we can decompose the magnetic field, B, into its normal, Bn, and

tangential, Bt = B− Bnn̂s, components. This also provides us with the total magnetic

field jump entirely in the tangential direction. This allows us to quantify the angle, θ,

between the vector magnetic field, B, and the shock normal, n̂s, in both quiescent and

shocked states through the relation,

θ = arctan
(

Bt

Bn

)
. (7.7)

The shock adiabatic relation (Anderson, 1963) provides the propagation speed of

the shock as a function of its strength and the composition of the upstream parameters.

From the outputs of the NICOLE inversions, and subsequent calculation of the up-

stream parameters (vS,vA, θ), we are able to compute the shock solutions corresponding

to the three possible pre-shock normal speeds (slow, fast, and Alfvén).

Figure 7.7 displays the shock normal speeds for a typical pixel capturing a shock.

The shaded regions represent the averaged standard deviations corresponding to off-

sets between the shock normal solutions when the most extreme input parameters are

propagated through the calculations. We see in the top panels of Figure 7.7, that when

the plasma density ratio is altered within the statistical uncertainty range from the in-

versions, there is no significant change in the solutions, and for the shock strength of

the given pixel (dashed black line) there is no overlap between the three solutions. The

bottom panels of Figure 7.7 display the uncertainties arising from a change in the mag-

nitude of the magnetic field. Again, it is clear that there is no overlap in the solutions

output for this shock strength. The narrow band regions show the statistical significance

of the solutions. The parameters attained from the inversion process are sufficiently ac-

curate to not affect the final shock classification, with no overlap present in the shock
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Figure 7.7: The shock solutions corresponding to the three possible shock normal
speeds, slow (green), Alfvén (red) and fast (blue) are displayed for optical depths of
log10 τ = −3 and −4 for a typical shock pixel. The translucent bands represent the av-
erage difference between solutions obtained using the input parameters and solutions
obtained when the input parameters are perturbed within their error margins. The top
panels show how a change in the density ratio alters the solutions, while the bottom pan-
els represent the uncertainties that arise from a change in the magnetic field magnitude.
The dashed black line shows the shock strength for the particular pixel.

solutions for the slow, Alfvén or fast cases at the shock strength of the event.

We can then verify which of the three solutions comes closest to obeying the under-

lying RH conditions. First, we compute the post-shock normal velocity from the mass

flux continuity requirement (Gosling et al., 1968),

vn,a =
vn,b ρb

ρa
. (7.8)

This relationship states that ρvn is identical in pre- and post-shock states. As

solutions to the shock adiabatic relation, the corresponding Alfvén mach number

(MA = vn
√
ρ/Bn) stays below unity in both pre- and post-shock states for the ‘slow’

solution, remains above unity for the ‘fast’ solution, and jumps across the MA = 1
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boundary (i.e., super-Alfvénic to sub-Alfvénic) for the ‘Alfvén’ solution.

With the normal velocity fields calculated, we are able to subsequently test the

following three RH relations:

1. The tangential magnetic field in pre- and post-shock states must be parallel ac-

cording to,

Bt,b

(
(ρvn)2

ρb
−B2

n

)
= Bt,a

(
(ρvn)2

ρa
−B2

n

)
. (7.9)

As a vector relation, each of the x, y, z directional components provides us with

an independent check.

2. The momentum flux must balance according to,

ρv2
n+ p+

B2
t

2

 = 0 . (7.10)

3. We should expect that the observed difference in the LOS velocity, ∆vlos, cor-

relates with the observed jump in the normal velocity, vn. Hence, we check the

value of the quantity,

∆vlos = ��vn,b− vn,a − vlos,b+ vlos,a�� . (7.11)

Deviations from any of these RH relations would indicate an incompatibility with

that particular shock classification (i.e., slow, fast, and Alfvén). On the contrary, a

set of measured parameters that provide minimal offsets (i.e., numerical values tend-

ing to zero) between the generalized RH relationships would indicate a more robust

classification of the detected shock environment. As such, we investigate the level of

agreement between each of the three RH relations defined above and our isolated shock

pixels, with the best agreements (i.e., minimizing any offsets between what is expected

and what is measured) providing important information to classify the specific type of
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Figure 7.8: Scatter plots showing the absolute numerical offsets between the idealised
RH conditions and the extracted observational parameters for the slow (upper), Alfvén
(middle) and fast (lower) shock solutions. In each panel there are 5 distinct symbols
corresponding to the 5 outputs from the RH conditions, which are plotted at 4 discrete
optical depth positions corresponding to log10 τ = −3,−4,−5 and −6, respectively.
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shock present.

We evaluate the validity of each RH condition across a range of optical depths

spanning the mid-photosphere through to the upper-chromosphere (−6 ≤ log10 τ ≤ −3).

From the three RH conditions defined above, we obtain 5 measurements per pixel for

each of the slow, Alfvén, and fast shock solutions across four discrete optical depths.

This leads to 60 individual values for each pixel, where the quantities represent the off-

sets between the idealized RH relationships and those extracted from the observations.

With 3482 shock pixels identified over the ∼180 minute observing period, this equates

to more than 200 000 individual measurements that can be used to robustly identify the

type of MHD shock manifesting in our observational time series.

Figure 7.8 displays the calculated absolute RH values for the case of a single pixel,

for each MHD shock type (slow, fast, and Alfvén) at 4 discrete optical depth positions

that span the optical depths of interest. Absolute values are used to allow the use of a

log scale on the y-axis to prevent skewness towards the larger values. Examination of

Figure 7.8 shows that for this single pixel case both the Alfén and fast solutions provide

the lowest numerical offsets at optically depths of log10 τ = −3,−4, which have been

shown be optical depths in which shock formation predominantly occurs. Moving to

smaller optical depths log10 τ = −5,−6, which correspond to higher geometric heights

we see order of magnitude increases in the calculated offsets for all shock solutions.

From this single pixel case there may be a slight preference to classify the shock as

Alfvén over fast, but no definitive determination can be made.

9

To help classify the type of shocks that we are observing we want to examine the

RH offsets for all pixels to do this the mean of the each offset value is calculated for

each optical depth and MHD shock type (slow, fast, and Alfvén), with the distribution

of these mean values displayed in the form of box and whisker plots in Figure 7.9.

Examination of Figure 7.9 shows how the Alfvén solution systematically provides the
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Figure 7.9: Box and whisker plots depicting the numerical offsets between the ide-
alized RH conditions and the extracted observational parameters for the slow (upper),
Alfvén (middle) and fast (lower) shock solutions. In each panel, the boxes represent
the extremities of the lower- and upper-quartile ranges of the mean offset values as
a function of 4 discrete optical depth positions, where blue, green, purple, and orange
coloring represents optical depths corresponding to log10 τ =−3,−4,−5 and −6, respec-
tively. The red horizontal line within each box represents the median value, while the
upper and lower caps correspond to the maximum and minimum values, respectively,
that lie within 3σ of the mean (i.e., excluding outliers). The open circles represent the
numerical values of the most extreme outliers (if present), that reside >3σ from the
statistical mean.
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lowest numerical offsets between the observations and the three generalized RH con-

ditions. In particular, the median value (represented by the red horizontal line in each

box) is three times lower for the Alfvén solution than the corresponding slow solution

at depths consistent with shock formation (log10 τ = −3,−4; where the entropy change,

∆S, is largest; Figure 7.6). The offsets associated with the fast solution, at the opti-

cal depths of peak shock formation, are an order-of-magnitude greater than that of the

Alfvén solution, providing strong evidence that the shocks observed are not fast MHD

shocks. Ideally, the numerical offset values between the observations and the three RH

conditions should be zero for complete certainty when characterizing the embedded

shocks. However, due to instrumental, atmospheric seeing, and inversion constraints,

this level of precision is not possible. Nevertheless, the much reduced numerical offsets

for the Alfvén solutions, at optical depths consistent with the formation of the shock

phenomena, suggests that the detected shock behavior is best classified by Alfvén (or

intermediate) MHD shocks.

At higher geometric heights (log10 τ = −5,−6), we observe a clear increase in the

Alfvén solution offsets between the RH criteria values and those computed from the ob-

servations. At these optical depths, which are consistent with the upper chromosphere,

the plasma still experiences perturbations in its temperature, LOS velocity and vector

magnetic field. However, these perturbations are the result of the shock forming much

deeper in the solar atmosphere, with the ensuing dynamics propagating upwards across

multiple density scale heights and subsequently impacting the plasma conditions in the

upper chromosphere. In many instances the shock will have dissipated by the time it

reaches the upper chromospheric heights corresponding to log10 τ = −5,−6, therefore

no shock front will be present. As a result, the RH conditions are not expected to be sat-

isfied at these optical depths since the shock boundaries, where the RH relations should

be evaluated, form at much lower geometric heights (i.e., log10 τ = −3,−4).

In both Figure 7.8 and 7.9 the absolute values calculated from the RH conditions

are displayed. We thought it would be prudent to also display the distribution of how
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Figure 7.10: Two dimensional histogram showing the distribution of calculated RH
values across a range of optical depths from log10 τ = −6− log10 τ = −3. The colourbar
represents the number of values within a given bin, and is shown on a log scale.

174



close the jump conditions are to zero, with such a distribution displayed in Figure 7.10.

On examination of this figure we see that the Alfvén solution provides the highest num-

ber of instances of values close to zero across all optical depths, with a particular focus

of these instances at the lower geometric heights of log10 τ = −3,−4, which is consis-

tent information displayed by Figure 7.9. The distribution of the slow shocks values

shows a similar pattern to that of the Alfvén distribution, with the highest frequency

of low values at the optical depths of log10 τ = −3,−4, albeit with less total instances

around zero. In both the slow and Alfvén cases we note that there is also a high fre-

quency of points in areas near log10 τ = −5, a slightly unexpected result after viewing

the mean values from Figure 7.9. We should note that mean values have the potential

to be skewed by large outliers, which may be a possible explanation for the differ-

ences between the two figures at the smaller optical depths log10 τ = −5,6. It has also

been shown that shock events have the ability to form over a wide range of geometri-

cal heights (Grant et al., 2018), and that an optical depth of log10 τ = −5 is still within

known shock forming regions. The distribution for the fast shocks is much more evenly

spread, although there is still a larger frequency of points around zero than other values,

however the non-zero values have a greatly increased frequency in comparison to both

the slow and Alfvén shock solutions. Therefore, comparisons between the idealized

RH conditions and our observational parameter space reveal that MHD shocks, demon-

strating spectropolarimetric polarity inversions, form at optical depths consistent with

the upper-photosphere/lower-chromosphere (log10 τ = −3,−4), and that the subsequent

shock dynamics are best characterized by the formation of Alfvén (or intermediate)

shock types.

We have provided observational evidence of Alfvén shocks manifesting within a

sunspot umbra, where the shocks have the ability to perturb the local plasma (e.g., den-

sity, temperature, magnetic field, etc.) parameters. Finding evidence of such phenom-

ena has implications for the supply of thermal energy to chromospheric umbral regions.

Recently, Anan et al. (2019) suggested that traditional magnetoacoustic shock behavior

in sunspot umbrae is unable to supply sufficient thermal energy to maintain the umbral
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chromosphere. However, here we demonstrate that in addition to traditional magnetoa-

coustic shocks, there exists an abundance of Alfvén shock developments also able to

provide substantial thermalization in the solar chromosphere. Snow & Hillier (2019)

have suggested that such shock behavior has the potential to occur in a wide range of

phenomena in the solar atmosphere in which partial ionization effects are important,

including magnetic reconnection (e.g., Ellerman bombs, spicules) and wave steepening

(e.g., umbral flashes). Snow & Hillier (2019) highlight that the shock effects are likely

to be most significant in the lower chromospheric regions, which is consistent with

what we demonstrate in the present study. The plethora of possible Alfvén shock envi-

ronments implies that these events may provide a significant contribution to the overall

heating requirements of the chromosphere, consistent with the ideas put forward by

Matsumoto & Suzuki (2014).

7.5 Conclusions

In this chapter, we have presented high temporal resolution spectropolarimetric Ca II

8542 Å observations, captured by the IBIS instrument at the Dunn Solar Telescope.

Through comprehensive analysis of a large sunspot near solar disk center, combined

with advanced inversion techniques, the plasma evolution during the formation of

shocks demonstrating spectropolarimetric flips are investigated. We find significant

changes in the temperatures, LOS velocities, densities, and vector magnetic fields be-

tween the quiescent locations and those demonstrating shock activity. The largest fluc-

tuations occur at optical depths of log10 τ = −4, which is consistent with a geometric

height of approximately 625 km, close to the boundary between the upper photosphere

and the lower chromosphere. This layer has also played host to recent observations

of resonantly-amplified fast-mode shocks (Grant et al., 2018), in addition to a plethora

of slow magnetoacoustic umbral shock phenomena (de la Cruz Rodrı́guez et al., 2013;

Henriques et al., 2017; Joshi & de la Cruz Rodrı́guez, 2018).

Through examination of the associated entropy and total magnetic field strength
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changes, we are able to exclude rotational discontinuities as a possible explanation of

the observed dynamics, instead suggesting the presence of a developing magnetohy-

drodynamic shock. Rankine-Hugoniot relations are then used to classify the shock

type, specifically by decomposing the shock characteristics into the reference frame of

the shock itself, allowing the induced normal velocities to be compared to the plasma

parameters derived from modern spectropolarimetric inversion routines. Through min-

imization of the differences between the observationally derived characteristics and

those associated with theoretical Rankine-Hugoniot relationships, we find first-time

evidence highlighting the presence of Alfvén (intermediate) shocks manifesting close

to the perimeter of a sunspot umbra. The importance of finding such shock activity

cannot be overestimated. Now that the manifestation of Alfvén shocks has become

apparent in magnetic sunspot structures, their existence may also be important for sup-

plying thermal energy to the atmosphere of other magnetic features, including pores,

magnetic flux ropes, plumes, and magnetic bright points.

Future work will require the use of all Rankine-Hugoniot relations to make more

definitive shock classifications. To do so requires the determination of the shock-

induced tangential velocity fields, which requires greater temporal and spatial reso-

lutions to observe, in conjunction with high-precision spectropolarimetry, with future

instruments, including fibre-fed spectropolarimeters, enabling simultaneous spatial and

spectral information with reduced cadences. Cutting-edge inversion techniques will

need to be implemented to investigate the role of partial ionisation within the shock,

along with accurately constraining their ability to supply thermal energy to the solar

atmosphere.
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Chapter 8

Conclusions and Future Work



In this thesis, work has been presented detailing observations and characterisation

of magnetohydrodynamic shocks within the lower solar atmosphere. The ability of

such events to perturb the local plasma environment has been explored along with their

potential contributions to atmospheric heating in terms of the energy deposition result-

ing from their formation in the upper photosphere and chromosphere. In this chapter, I

focus on the results from the studies outlined in Chapters 6 & 7, and discuss methods

by which the study of the phenomena outlined can continue to develop.

8.1 Transverse Magnetic Field Perturbations

Chapter 6 discusses the detection and atmospheric effects of magnetoacoustic shock

phenomena in highly magnetised sunspot umbra. Through the analysis of a large set

(93,991) of He I 10830 Å Stokes profiles, we provide the first comprehensive investiga-

tion of the modification of the 3-D chromospheric magnetic field due to non-linear wave

front propagation in sunspot umbrae. The derived magnetic field and plasma proper-

ties are shown to be dependent on the filling factor of energetic, shocked plasma, with

edges of UFs providing a positive correlation between temperature and magnetic field.

The anti-correlation between the magnetic field strength and temperature perturbations

is only expected for locations that are fully encapsulated by the shock. Therefore, we

provide direct evidence to support this theory and further supplement this knowledge

through uncovering of the ‘perimeter’ directly-correlated relationships. With this in

mind, the fluctuations in the transverse components of the magnetic field (Bx and By)

resulting from UF phenomena were observed for the first time. These results were

achieved through the use of multiple high-cadence instruments running simultaneously

at the DST. IBIS (Cavallini, 2006) obtained two-dimensional spectral images of the

sunspot, while the FIRS instrument (Jaeggli et al., 2010) gathered spectropolarimeteric

information, allowing for accurate detection and subsequent examination of the UF

phenomena.

The use of slit-based spectropolarimetry with the FIRS instrument precludes pos-
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Figure 8.1: Construction images of the fibre optic integral field unit (IFU) used by
SPIES, which contains 15,360 individual fibre cores. The upper right panel displays
the magnified fibre ribbons. The upper right and lower left panels show the mapping
of the fibre ribbons to the IFU. The lower right panel shows the IFU before the fibre
ribbons are mapped to it.

sible studies of shocks across the entire active region. In order to obtain co-temporal

spatial and spectral information we look to the development of fibre fed spectropo-

larimeters such as the SpectroPolarimetric Imager for the Energetic Sun (SPIES; Lin

& Versteegh, 2006) prototype (Figure 8.1) that is currently being tested at the DST,

and has already lead to some novel publications (Anan et al., 2019). The final form

of this instrument, known as the Diffraction Limited Near-Infrared Spectropolarimeter

(DL-NRISP), will be part of a swathe of instruments aboard the Daniel K. Inouye So-

lar Telescope (DKIST; Keil et al., 2004), that will enable users to attain co-spatial and

co-temporal spectropolarimetric data for a multitude of spectral lines that correspond

to a range of atmospheric heights. The simultaneous spatial and temporal information

will enable studies to alleviate the concerns raised by Felipe et al. (2018). Traditional

Fabry-Perot based data acquisition methods for obtaining spectra, which sequentially
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scan through selected wavelengths, result in the final position being obtained at some

time after the first position, with the scan time for IBIS at approximately 23 s to en-

sure sufficient signal-to-noise ratio. Felipe et al. (2018) used numerical simulations of

wave propagation in sunspot models to examine the difference between inversion re-

sults for sequentially scanned spectra (Fabry-Perot) and those where all wavelengths

are sampled simultaneously, such as with the FIRS instrument. Their results show

that inversions of sequentially scanned spectra often misinterpret shock features and

return unrealistic models even if a good spectral fit has been obtained, due to appar-

ent wavelength shifts and other deformations during the early evolution of the shock.

The fibre-fed spectropolarimeters have a greatly reduced scan time and also provide

much higher spectral resolution when compared to traditional Fabry-Perot instruments.

Therefore, higher resolution and faster cadences will allow for more focused studies on

the impulsive phase and propagation of UFs, and the subsequent effects on the localised

magnetic field geometry within the umbra. Examination over a range of optical depths

will provide a unique 3-D insight into these shock phenomena, enabling their evolu-

tion to be tracked as they propagate through the atmosphere. Comparison studies can

also be carried out to examine the differences between spectral data from the two types

of instruments, enabling comparison between observational data, and the simulations

carried out by Felipe et al. (2018).

8.2 Impulsive Shock Analysis

In Chapter 7, magnetohydrodynamic shock phenomena were examined through use

of spectropolarimetric Fabry-Perot IBIS data. Through examination of the associated

entropy and total magnetic field strength fluctuations, we are able to exclude rotational

discontinuities as a possible explanation of the observed dynamics, instead finding first-

time evidence highlighting the presence of Alfvén (intermediate) shocks manifesting

close to the perimeter of a sunspot umbra through use of the Rankine-Hugoniot rela-

tions. The importance of finding such shock activity cannot be underestimated.
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Now that the manifestation of Alfvén shocks has become apparent in magnetic

sunspot structures, it is imperative that their evolution is studied as their existence may

be important for supplying thermal energy to the atmosphere of other magnetic fea-

tures, including pores, magnetic flux ropes, plumes, and magnetic bright points. The

impulsive phase of a magnetohydrodynamic shock is ∼ 20s, and as discussed in Sec-

tion 8.1 the scan time of typical FPIs exceeds that of the impulsive phase, leading to

aberrations in the resulting Stokes profiles. The plethora of hyper-spectral imagers cur-

rently being constructed for the next generation telescopes will enable the co-temporal

study of all Stokes profiles, allowing comprehensive studies of the plasma environment

during the impulsive phase of shock phenomena to be carried out. There are many

open questions that are linked to the detection of intermediate shocks in the solar at-

mosphere, that future studies can investigate. These include examining where Alfvén

modes come from, are they generated through mode conversion of p-modes, or do they

propagate up from the photosphere to the chromosphere? Such a study would make

use of multi-wavelength observations spanning from the photosphere to the chromo-

sphere, along with spectropolarimetric observations to identify β = 1 regions. Can then

check to see if Alfvén modes are present in the photosphere, or if not track the β = 1

region through the atmosphere to look for any possible mode conversion into Alfvén

modes. The ubiquity of Alfvén modes across the solar disc could be examined, do they

only occur in sunspot umbrae, or are they present in other structures, such as filaments,

spicules and pores?

8.3 Detection of Shocks

The majority of studies involving detections of shocks use intensity enhancements in

either the He I 10830 Å line (see Chapter 6) or the Ca II 8542 Å line (de la Cruz

Rodrı́guez et al., 2012; Henriques et al., 2017; Grant et al., 2018) to make the detections.

Such a detection method places inherent limitations on the type of shocks that we can

study, as only energetic shocks that have a large filling factor and sufficient energy to

ionise the surrounding neutral atoms or ions will be detected. If we take the Ca II
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8542 Å line as an example, and assume that all shocks result in a change in ionisation,

we can overcome the detection limitation by examining the differences between Ca II

and Ca III imaging. Any differences between the two sets of images would indicate

ionisation and therefore shock phenomena if the assumption that all shocks lead to a

change ionisation holds. At present shocks studies examining the difference between

imaging of different ionisation states of any atom have no been carried out, although

a flare study by Kuridze et al. (2018) examined the ratio of Ca II to Ca III population

densities in both quiescent and flare states, and showed that under the action of an

energetic event such as a flare resulted in Ca II almost fully ionising to Ca III. It is

therefore possible that another energetic event such as a MHD shock has the potential

to cause ionisation in neutral atoms, or further ionisation in ions.

All shock profiles are composed of a two component atmosphere, with both quiet

and shocked plasma (Socas-Navarro et al., 2000b). Another possible method of shock

detection could involve modelling the two-component atmosphere to reveal incremental

changes within spectral profiles, a method that has been attempted by Anan et al. (2019)

using relatively simple radiative transfer solutions. For a more robust method of detec-

tion we must look to use 3-D nonlinear MHD codes such as MANCHA (Khomenko &

Collados, 2006; Felipe et al., 2010a) to simulate the partially ionised chromosphere.

The response of the simulated environment to shock phenomena can then be con-

strained to enable the assessment of the prevalence of shocks within sunspot umbrae.

In Chapter 7 the detection of shock phenomena through the use of magnetic Stokes

data has been performed for the first time. However there is scope for vast improve-

ment in using this method for shock detection. The magnetic sensitivity of the Ca II

8542 Å line was used to detect shock events, however Ca II 8542 Å was chosen as the

observed line due to its temperature sensitivity not its magnetic response. Therefore

if detections are to be based on the magnetic response of Stokes profiles a combined

approach could be used. Ionised Ca in the form of Ca II 8542 Å (Landé g-factor=1.10

de la Cruz Rodrı́guez et al. 2013) can be used for identification of temperature fluc-
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Figure 8.2: Figure showing spicule like features (white arrows) modelled using the
BIFROST code as a function of atmospheric height. The top panel represents a temper-
ature map, with the white contours displaying the magnetic fields. The bottom panel
represents the density, with the black contour representing the plasma plasma-β = 1
region. Showing that within spicules magnetoacoustic waves pass through a mode con-
version region, where encountering inclined fields leads to the generation of shocks.
Image taken from Martı́nez-Sykora et al. (2017).

tuations due to shocks. Isocontours can then be mapped onto simultaneous H-alpha

(Landé g-factor=1.045 Rust 1967) observations, which are less sensitive to tempera-

ture fluctuations and therefore won’t allow thermal broadening to adversely effect the

spectroscopic profiles. This will enable the extraction of the magnetic Zeeman compo-

nent. Studies can then be carried out on Stokes Q, U & V to see if more incremental

shocks can be uncovered through magnetic information.

The use of robust detection methods that are not dependent on intensity enhance-

ments are important if studies of shocks are to move beyond the extent of sunspot

umbrae. To fully assess the ability for shocks to act as mechanisms for heat dissipation

in upper atmospheric layers there must be studies across all regions of the solar surface,

as highly magnetic regions such as sunspots are infrequent, and cover a small portion

of the solar disk. Some high resolution studies have already revealed shocks in smaller

magnetic structures (Vecchio et al., 2009; Cauzzi et al., 2009), with the simulations

(Carlsson & Stein, 1997; Martı́nez-Sykora et al., 2017) providing evidence that small

magnetic structures can indeed contain shocks (Figure 8.2). Analysis of such shocks

on a statistical basis across a range of features such as pores, spicules, filaments and
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prominences among others will enable determinations on the contribution of shocks to

the basal heating required to maintain chromospheric and coronal temperatures.

8.4 Inference of Plasma Parameters

In Chapters 6 & 7 plasma parameters are inferred via use of the HAZEL (Asensio

Ramos et al., 2008) and NICOLE (Socas-Navarro et al., 2015) inversion codes respec-

tively. In the case of the inversions performed in Chapter 7, plasma parameters were

obtained over a range of optical depths, spanning from the photosphere to upper chro-

mosphere. Through the use of entropy and total magnetic field strength changes calcu-

lated from the inversion outputs, the Rankine-Hugoniot relations were used to classify

the observed shock mode, resulting in the first detection of elusive intermediate shocks

within the solar chromosphere.

Finding such shock activity in the solar atmosphere is of great importance. How-

ever, there must be progression in the inference methods used to continually improve

shock classification studies. NICOLE uses a Maltby type model and under assumptions

of hydrostatic equilibrium perturbs the stationary model to fit the non-linear shock spec-

tra. In a sunspot, with vertical magnetic fields, such assumptions are a good approxi-

mation, however there are notable uncertainties. The solar atmosphere is not stationary

and therefore use of an initial stationary model is not a fully accurate representation

of the environment under investigation. To push forward in attaining more accurate

plasma parameters, one must consider generating non steady state atmospheres more

consistent with shocks, using codes such as MANCHA (Khomenko & Collados, 2006;

Felipe et al., 2010a), CO5BOLD (Steiner et al., 2007), or BIFROST (Gudiksen et al.,

2011). The goal would be to use these atmospheres as the initial model for the inversion

process, resulting in a higher degree of confidence in the inferred parameters. The use

of 3-D shock models will be a great improvement on the accuracy of the initial condi-

tions currently used in all inversion codes, as these are either estimated or taken from

common atmospheric models such as VAL-C (quiet sun) or Maltby (active regions) that
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do not accurately constrain the atmosphere, especially under shock conditions.

The results from Chapter 7 show that the classification of elusive magnetohydrody-

namic shocks is possible through use of the Rankine-Hugoniot relations with current

observations and inversion techniques within sunspot umbrae. However, we look to the

next generation of ground and spaced-based observing facilities to build on such work,

such as he Daniel K. Inouye Solar Telescope (DKIST; Keil et al., 2004), a 4 m tele-

scope capable of achieving a spatial resolution of 25 km, is nearing completion. It will

house a plethora of instruments, such as the Visible Tunable Filter (VTF), an imaging

spectropolarimeter, similar to IBIS, but with increased spatial and temporal resolution.

Instruments like this will enable the dynamics of the solar atmosphere to be studied on

a much smaller scale. Other ground based instruments such as Indian National Large

Solar Telescope (NLST; Hasan et al., 2010), the European Solar Telescope (EST; Col-

lados et al., 2013) and the space-based Solar-C (Watanabe, 2014) will provide similar

high quality, high resolution data. The use of this data in conjunction with non steady

state atmospheres for inversion processes will enable solar physicists to build upon the

advancements in shock analysis and classification that have been outlined within this

thesis.
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Leonard Nimoy: My job here is done

Barney Gumble: What do you mean? You didn’t do anything.

Leonard Nimoy: [chuckles] Didn’t I?

[gets “beamed” away]

– The Simpsons: Season 4, Episode 12 - Marge vs. the Monorail
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Erdélyi, R. 2004, Astronomy and Geophysics, 45, 4.34
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