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A B S T R AC T

The work presented in this thesis concerns the observation and study of Magnetohydrody-

namic (MHD) waves in the photosphere and chromosphere of solar active regions. Spec-

tropolarimetric Si I 10827 Å Facility Infrared Spectropolarimeter (FIRS) observations were

used to study propagating MHD wave activity in a group of five photospheric solar pores.

Oscillations with periods on the order of 5 minutes were detected at varying atmospheric

heights by examining bisector velocities. SIR inversions, coupled with spatially resolved

route mean square (RMS) bisector velocities, allow the wave energy fluxes to be estimated

as a function of atmospheric height for each pore. We find propagating sausage mode waves

with energy fluxes on the order of 30 kW/m2 at an atmospheric height of 100 km, dropping

to approximately 2 kW/m2 at an atmospheric height of around 500 km. The cross-sectional

structuring of the energy fluxes reveals the presence of both body- and surface-mode sausage

waves. Examination of the energy flux decay with atmospheric height provides an estimate

of the damping length, found to have an average value across all 5 pores of Ld ≈ 268 km,

similar to the photospheric density scale height. This verifies the suitability of solar pores

to act as efficient conduits when guiding MHD wave energy upwards to be deposited in the

outer solar atmosphere. 2D PLUTO simulations find the observed decrease in energy flux

to be best replicated by a localised driver, with the majority of the damping occurring as a

result of geometric spreading and lateral wave leakage.

High resolution dual-line Hα 6563 Å and Ca II 8542 Å IBIS observations encompassing

an isolated sunspot were used to evaluate the differences between these two chromospheric

lines and their limitations for the study of sunspot oscillations. We calculate intensity, line-
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of-sight velocity and line width for both lines and employ wavelet analysis techniques to

look at the phase relationships present in the sunspot umbra. Dominant wave frequencies

of 5–8 mHz are observed in the sunspot umbra, with peak spectral energy densities at a

frequency of 6.02 mHz. Contradictory line-of-sight velocity and intensity phase relationships

of φV−I ≈ 90◦ in the Hα line and φV−I ≈ 0◦ in the Ca II line are observed, indicating that

the lines may be observing different wave modes. Potential explanations for this are put

forward including the sensitivity of the Ca II line to umbral shock phenomena, a sensitivity

bias of the Ca II line to fast mode waves and the possibility of ion-neutral inconsistencies

and interactions. The presence of a propagating wave is revealed in the cross-line intensity

phase relationship, where a gradient effect is observed, confirming a difference in formation

height of the two lines. Phase analysis and direct comparison between the Hα full-width

at half-maximum (FWHM) and Ca II intensity suggests a common sensitivity between the

two parameters, supporting the hypothesis that Hα FWHM may be used as an alternative

diagnostic of chromospheric temperature.



‘Deep in the human unconscious is a
pervasive need for a logical universe

that makes sense. But the real
universe is always one step beyond

logic.’ Frank Herbert, Dune

‘In the beginning the Universe was
created. This has made a lot of people
very angry and been widely regarded

as a bad move.’ Douglas Adams, The Restaurant at the

End of the Universe
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I N T RO D U C T I O N

As the only star in our solar system, the Sun has been an object of great wonder, intrigue and

even fear for the inhabitants of planet Earth over many millennia. Early humanity saw the

Sun as a dazzlingly bright disc in the sky that provided them with warmth and life, leading

them to identify it as a great deity. Evidence of Sun worship has been found as far back

as in ancient Egypt where they worshipped the Sun deity Ra, who was believed to have

created all forms of life and ruled over the sky, the Earth and the dead (Hart, 2005). The

Sun also played an important role in the mythology and religious practices of many other

ancient civilisations. In Irish mythology, the Sun is represented by the goddesses Áine and

Grian of the summer and winter Sun (MacKillop, 1998). The Incan and Aztec cultures

of the Americas have theistic representations of the Sun (Conrad & Demarest, 1984), and

the ancient Greeks worshipped the solar deities Helios and Apollo (Smith, 1849). Modern

Hinduism still practices worship of the Sun god Surya to this day (Dalal, 2010). In fact, the

Sun has been central to the religion, culture and mythology of the majority of civilisation

across the globe.

Our curiosity about the Sun did not dwindle as humanity became more developed.

However, the turbulent religious and political climate made it challenging to develop a good

scientific understanding in many countries. For a long time the geocentric model of the

solar system, which assumes a central Earth, was the most accepted theory. Ancient Greek
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Mean Distance from Earth 1.496×108 km
Radius 6.957×105 km
Volume 1.41×1018 km3

Mass 1.9885 ×1030 kg
Average Density 1.408 g cm−3

Luminosity 3.828×1026 W
Absolute Magnitude (V-band) 4.83
Effective Surface Temperature 5772 K
Rotational Period at Equator 24.47 days
Spectral Classification G2V

Table 1.1 Physical characteristics of the Sun

astronomer Aristarchus of Samos proposed a heliocentric model of the solar system where

the planets orbit around a central Sun in the 3rd century BC (Heath, 1913). This view did not

gain much traction but was revived centuries later by Nicolaus Copernicus in the 16th century

AD (Kuhn, 1957). Astronomers supporting Copernicus’s heliocentricism were branded

heretics by the Catholic church at the time. Another notable figure of that era, Giordano

Bruno, postulated that the Universe is infinite and contains many stars just like the Sun with

their own unique systems (Bruno, 1584). Though we now know this to be correct, in 1600

Bruno was burned at the stake by the Catholic church for his heretical ideas.

The invention of the telescope marked a huge turning point for observational astronomy.

Hans Lipperhay, a German-Dutch spectacle maker, made an attempt to patent his design for

a refracting telescope in 1608 (King, 2003). The astronomer Galileo Galilei caught wind of

this idea and made improvements to achieve up to 30× magnification (Drake, 1990). Galileo

went on to make many observations of the Moon, planets and even sunspots. Since then,

innumerable technological advancements have been made and we now know more than ever

before about the Universe and its contents. In the area of solar physics, we now have a good

grasp on the physical characteristics of the Sun (see Table 1.1) and many of the complex

processes within.
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The Sun is G-type main-sequence star about half way into its life cycle at 4.6 billion

years old. A hot spherical ball of plasma held together by gravity, it consists mainly of

hydrogen and helium with heavier elements accounting for less than 2% of its mass. Nuclear

fusion of hydrogen nuclei into helium in the solar core generates an enormous amount of

energy, resulting in the extreme brightness we observe on Earth. When compared with the

vast number of other stars in the observable universe, the Sun does not particularly stand out.

Much larger and brighter stars can be found without leaving the Milky Way. Betelgeuse, a

red supergiant, is large enough to engulf our solar system out to the orbit of Jupiter and is

thousands of times brighter (Balega et al., 1982; Guinan & Wasatonic, 2020). Despite this,

there is still much we can learn from our lowly Sun. Modern research has revealed a wealth

of information on topics such as the formation of the Sun, its magnetic field, structure and

active regions to name a few but many things are yet to be explained. For instance, the solar

cycle of magnetic activity. What drives this periodic trend of magnetic activity and sunspot

emergence? How can we predict massive solar flare and coronal mass ejection events to

prevent catastrophic damage to our infrastructure? More pertinent to the topic of this thesis,

the coronal heating problem first became apparent in the late 1930s when Edlén and Grotrian

identified highly ionised iron and calcium lines in the solar spectrum that would require a

coronal temperature exceeding 1,000,000 K (Grotrian, 1934, 1939; Edlén, 1941, 1943, 1945).

This is in stark contrast to the photospheric temperature of around 4500-6000 K which begs

the question - how is this vast amount of energy transported to the corona? Could solar flares

or wave activity be the culprit? Or perhaps a combination of both? This thesis concerns the

latter, wave activity in the solar atmosphere and what implications it may have for energy

transport through the atmospheric layers.
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Fig. 1.1 Diagram illustrating the layers of the solar interior and atmosphere. Image courtesy of
NASA/Godddard

1.1 S T RU C T U R E O F T H E S U N

To gain a more in depth understanding of the Sun, it is prudent to investigate its composition

and the crucial processes that occur in each layer. The Sun can be split into two main regions,

the solar interior and the solar atmosphere. Each region exhibits different properties and

serves a different purpose. Whilst the main interest of this work lies in the solar atmosphere,

there is still merit in looking at the interior in order to understand the complete system.
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1.1.1 Solar Interior

The solar interior is comprised of 3 layers, the core, the radiative zone and the convection

zone (see Figure 1.1). The core is the innermost region, extending to approximately 0.25 R⊙,

where R⊙ is the solar radius (García et al., 2007). This region exhibits extreme temperatures

of around 15 MK and densities of up to 150 g cm−3 due to strong gravitational forces

(Hathaway, 2022). The entirety of the Sun’s energetic output is generated here through the

nuclear fusion of hydrogen into helium. The specific type of nuclear fusion that occurs is

known as proton-proton fusion and requires 4 hydrogen nuclei to produce a single helium

nucleus, resulting in a mass loss of 0.7 percent. Each time this reaction occurs, energy is

released in the form of photons that can travel to higher layers of the Sun.

Following the path of a photon generated in the core, we next reach what is known as the

radiative zone. The radiative zone resides above the core, between approximately 0.25 and

0.7 R⊙, and decreases in temperature with height (Russel, 2005). As its name would suggest,

the predominant method of energy transport in this region is through thermal radiation. Due

to the high density, the photon will not make it far into the radiative zone without colliding

with other particles, resulting in the absorption and re-emission of the photon. This process

repeats itself as the photon collides with particle after particle and eventually traverses across

the radiative zone by means of a random walk. The interface region between the radiative

zone and the convection zone is known as the tachocline. Thought to house the source of the

solar dynamo and the Sun’s magnetic field (Tobias & Weiss, 2007), the tachocline exhibits

large horizontal shearing as a result of the sharp change in rotation between the radiative and

convective layers (Garaud, 2020).

After the tachocline, the photon penetrates the final layer of the solar interior, the con-

vection zone. By this point, the plasma density and temperature have decreased far enough

that energy transport by radiation is no longer possible and convection takes over. The
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conditions under which convection can occur are expressed by the Schwartzchild criterion

(Schwarzschild, 1992),

∣∣∣∣dT
dx

∣∣∣∣
star

>

∣∣∣∣dT
dx

∣∣∣∣
adiabatic

, (1.1.1)

where T is temperature x is distance from the centre of the star. If the temperature

gradient of the star is larger than the adiabatic temperature gradient, the star is said to be

convectively unstable. Plasma heated in the tachocline region will expand, and the resulting

decreased density of the heated plasma allows it to rise and begin convection. The high

temperature gradient in the convective region allows the plasma to continue rising until it

reaches the surface, where the Schwartzchild criterion no longer holds and it cools and sinks

to begin the process again. This process can be readily observed in the photosphere, where

convective overshoot creates granulation patterns.

1.1.2 The Photosphere

The deepest layer of the solar atmosphere is known as the photosphere and is often considered

to be the visible solar surface. Although it produces the majority of the Sun’s observable

light, the photosphere is relatively thin in comparison to the solar radius at only around

500 km thick and has a temperature between 4500 and 6000 K (Liou, 2002). Below this

region, the Sun becomes opaque to visible light. It is difficult to define the layers of the

solar atmosphere by geometric height due to the dynamic and turbulent nature of the plasma.

Instead, we introduce optical depth τλ , which describes the opacity of the medium to a

specific wavelength of radiation and can be defined by,

τλ =
∫ z

−∞

αλ dz, (1.1.2)
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Fig. 1.2 High resolution images of the solar photosphere from the Daniel K. Inouye Solar Telescope.
Left: 789 nm image showing granules and dark intergranular lanes. A scale representation of the state
of Texas is depicted in the lower left corner of the image. Right: 530 nm image showing a sunspot.
Granules can also be seen at the edges of the image. A scale representation of the United States is
depicted in the lower left corner. Images credited to NSO/NSF/AURA.

where αλ is the extinction coefficient at wavelength λ and z is a depth coordinate. A

medium with a high optical depth can be described as optically thick. In this case, a photon

travelling through the medium will be absorbed and re-emitted many times. For an optically

thin medium with a low optical depth, the opposite is true and many photons can travel

through without being absorbed. For the Sun, it is pertinent to describe the optical depth with

regards to the wavelength of green visible light, 5000 Å. Following this, the photosphere can

be defined as the region where τ5000Å = 2/3 (Carroll & Ostlie, 1996). Given that the optical

depth is dependent on the wavelength of the radiation of interest, the exact location of the

photosphere will change depending on what type of radiation is being considered.

Extensive evidence of convective overshoot from the solar interior is observed in the

photosphere as irregular cell-like structures called granules (see left panel, Figure 1.2).

Granules are ubiquitous throughout the entire quiet photosphere and are the result of upward

flowing convective bubbles of plasma from the convective region (Wedemeyer-Böhm et al.,
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2009). As the plasma cools and sinks back down into the convective region, dark intergranular

lanes are created. Small areas of extreme magnetic field strength known as active regions are

void of granules and instead produce magnetic phenomena such as sunspots and pores. An

example of a sunspot can been seen in the right panel of Figure 1.2. A sunspot will appear

dark in comparison to the surrounding quiet Sun due to the strong magnetic fields inhibiting

convection from below (Parker, 1978; Spruit, 1979). Without the substantial heating provided

by the upwardly propagating plasma, the sunspot is cooler than the surrounding quiet Sun

and therefore darker. Despite this, sunspots and other magnetic structures are thought to

be conduits for energy transport to higher atmospheric layers (e.g. Grant et al., 2015, 2018;

Gilchrist-Millar et al., 2021), a topic that will be discussed further in Section 1.2. The

number of sunspot occurrences is dictated by the 11 year solar cycle. Approximately every

11 years the Sun’s magnetic field flips and causes a maximum in counts of magnetic events

such as sunspots, solar flares and coronal loops (Hathaway, 2015). The exact cause of this

phenomenon remains a mystery and research into predicting and understanding it is still very

much active.

1.1.3 The Chromosphere

As we traverse the solar atmosphere further, we reach the region known as the chromosphere.

More substantial than the photosphere, this region spans a geometric height range of around

500 - 2000 km but is only 10−4 times as dense as the photosphere. When discussing and

comparing the various parameters of the Sun’s atmospheric layers, it is useful to introduce a

generalised atmospheric model. One of the most commonly used models for this purpose

is the VAL-C model for the quiet Sun as detailed by Vernazza et al. (1981). The authors

utilised Harvard Skylab EUV observations to create models for a number of different quiet

Sun regions. By solving the non-LTE radiative transfer equations along with the equations
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Fig. 1.3 VAL-C model for typical temperature and density variations with height in the solar atmo-
sphere in quiet Sun regions Vernazza et al. (1981). Temperature is represented by the solid black line
while the dashed black line represents density. Annotations in red have been added based off studies
by Cauzzi et al. (2008) and Bard & Carlsson (2008).

of statistical and hydrostatic equilibrium, they were able to calculate emergent spectra and

compare this with the observations. Through trial and error, a good agreement was found

between the calculated and observed temperatures and densities. The resulting model for the

average quiet Sun can be seen in Figure 1.3, and is considered to give a good approximation

of the temperature and density evolution through the atmospheric layers for quiescent

conditions.

Beginning in the photosphere, the relationship between density and temperature follows

an expected path. As the plasma density decreases, temperature also decreases due to the

reduction in number of collisions taking place. Towards the photosphere/chromosphere

boundary, we see the atmospheric temperature minimum of around 4200 K. This is where
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Fig. 1.4 The solar spectrum covering 4000 to 7000 Å. Wavelength increases left to right along each
strip and top to bottom. Each dark line represents a different absorption line. Image courtesy of
N.A.Sharp, NOAO/NSO/Kitt Peak FTS/AURA/NSF.

the relationship takes an unexpected turn. Though the plasma density continues to decrease

moving further into the chromosphere, the temperature begins to climb, exceeding 104 K.

By the transition region, the upper boundary of the chromosphere, the temperature has risen

dramatically to around 105 K despite the continuous reduction in plasma density. The density

disparity between the photosphere and chromosphere complicates things when it comes to

chromospheric observations. Due to its higher density, the photospheric brightness massively

overwhelms the chromosphere making it notoriously challenging to observe.

Solar observations are made through the filters of various spectral lines resulting from

interactions between atoms and photons in the plasma (see Figure 1.4). If a photon has the

correct amount of energy to invoke a change in the energy state of the atomic system, it

will be absorbed, re-emitted and scattered. We observe this reaction as an absorption line in
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the solar spectrum. Re-emitted photons can also be observed in the form of emission lines.

These spectral lines are highly atom-specific, meaning we can identify the exact reaction

that caused them and even the approximate region in the atmosphere it occurred. The line

core intensity, line width and Doppler shift of the line are just a few measurables than can

be used to determine physical information about the plasma and mechanisms occurring

within. Observations of the chromosphere are generally confined to the Hα , Ca II H & K,

Ca II IR triplet, He I, Na I D and Mg I b lines in the optical range and Mg II h & k, Mg II,

C II, C IV, O I and H I Lα in the near-UV and UV range (Jess et al., 2015; Carlsson et al.,

2019). Observing deep absorption lines such as these adds another layer of complexity as

only a small amount of light ends up reaching the telescope detectors (Jess et al., 2015).

Optical lines can be used in ground-based observations, whereas it is only possible to observe

UV lines from outside the Earth’s atmosphere and therefore these lines are restricted to

space-based observatories. An example of a chromospheric observation in the Ca II K 3934

Å line can be seen in Figure 1.5. The chromosphere’s low density also impacts the region’s

magnetism, resulting in a more diffuse and weaker magnetic field. Magnetic field lines are

then more susceptible to changes in direction and fine-scale structures like fibrils and spicules

are observed.

The transition region exists between the chromosphere and corona and can be described

as the height at which there is an extremely steep gradient in temperature and density. In

Figure 1.3 this can be seen at a height of just above 2000 km and labelled T. In reality, a

fixed geometric height is impractical to define due to the dynamic nature of the plasma in

this region, as is the case with much of the atmosphere. The transition region is estimated to

be around a few hundred kilometres in thickness with temperatures increasing from 104 to

105 K. These extreme temperatures allow helium and hydrogen to become fully ionised and

thus most of the emission here is at higher wavelengths in the UV and X-ray range. As such,

specialist satellite missions such as the Transition Region and Coronal Explorer (TRACE;
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Fig. 1.5 The solar chromosphere observed by the Swedish 1 m Solar Telescope in the inner blue wing
of the Ca II K 3934 Å line. Fine scale elongated fibrils can be seen around clustered around bright
points. Image courtesy of Vasco Henriques and Ainar Drews (ITA, University of Oslo).

Strong et al., 1994) and the Interface Region Imaging Spectrograph (IRIS; De Pontieu et al.,

2014) have been launched in attempts to investigate this region further.

1.1.4 The Corona

The corona is the outermost layer of the solar atmosphere, lying beyond the chromosphere

and transition region. Consisting of diffuse, highly ionised plasma, like the chromosphere it

has very low visible light emission in comparison to the solar surface and can be difficult to

observe. Only in the event of a solar eclipse do we have an opportunity to observe the corona

at optical wavelengths, when the majority of the strong photospheric emission is blocked out.

Such an observation can be seen in the right hand panel of Figure 1.6. These conditions can
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Fig. 1.6 Two views of the corona. Left: EUV image from the SWAP (Sun Watcher using Active-
pixel-system detector and image Processing) telescope. Right: A 2017 total solar eclipse allows the
corona to be observed at visible wavelengths. (Cranmer & Winebarger, 2019)

be simulated through the use of a coronagraph, a telescope attachment designed to eliminate

the majority of the Sun’s light.

Counter-intuitively, the corona exhibits temperatures exceeding 1 million Kelvin despite

being the furthest layer from the solar interior. The source of this heating has been a topic

of hot debate for over a century and has become known as the coronal heating problem.

The first signs of this phenomena were observed during a total solar eclipse in 1869 when a

green emission line was observed by Charles Augustus Young and William Harkness and

attributed to an unknown element dubbed ‘Coronium’ (Young, 1870, 1871, 1872; Sands,

1870; Bigelow, 1903). Later it was discovered that this line was actually due to highly ionised

iron, the presence of which indicated that the corona must be heated to extreme temperatures

(Grotrian, 1934, 1939; Edlén, 1941, 1943, 1945). Since this revelation, considerable research

has been done into finding the mechanism behind coronal heating with the two currently

favoured theories being magnetic reconnection and wave heating.
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Like the photosphere and chromosphere, the corona contains areas of quiet Sun and

magnetically active regions. Large scale coronal arc-like structures known as coronal loops

are frequently seen in areas of strong magnetic fields, as is observed in Figure 1.6. These

loops are often rooted in their photospheric counterparts, sunspots, and can be thought

of as visible manifestations of the Sun’s magnetism connecting fields of opposite polarity.

Magnetic reconnection can arise as a result of this, causing extreme localised heating and

triggering highly energetic events such as coronal mass ejections and solar flares. Although

large scale flare events will cause heating in the corona, it has been proposed that the

more rapidly occurring ‘nanoflares’ could be a more sustainable heat source (Parker, 1988).

Coronal holes are temporary regions of cooler, darker plasma surrounded by open magnetic

fields. Their open magnetic field lines allow upwardly flowing plasma to escape more easily,

meaning solar wind can be discharged at an accelerated rate. The quiet Sun does not have

any regions of high magnetism but still exhibits small scale events like micro and nanoflares

which may have implications for the heating of the corona.

1.2 S U N S P OT S A N D P O R E S

1.2.1 Active Regions

The Sun’s magnetic field gives rise to the development of large scale bipolar magnetic

flux concentrations called active regions, which appear as temporary bright plages close to

the equator. A wealth of solar features can be traced back to these regions ranging from

highly energetic events like solar flares to the manifestation of sunspots, magnetic pores and

faculae. Rather than being dispersed evenly, the magnetic field is thought to occur in the

form of discrete, coherent bundles of magnetic field lines called magnetic flux tubes (MFTs).

MFTs originate at the base of the convective region where the solar dynamo generates polar

magnetic field lines and emerge into the atmosphere, forming active regions like those seen
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Fig. 1.7 Magnetic field lines superimposed on an EUV image taken by the Solar Dyanmics Observatory
(SDO). Dense clusters of magnetic field lines are seen emanating from active regions and linking to
other magnetic regions of the Sun. Image credited to the SDO Gallery.

in Figure 1.7. However, before reaching the solar surface the MFTs must first traverse the

convective region. The turbulent nature of the convective region combined with its differential

rotation causes some magnetic field lines to become twisted into magnetic flux ropes.

Toroidal MFTs will rise through the convective region by a magnetic buoyancy mech-

anism and erupt at the solar surface forming pairs of sunspots with opposite polarity (see

Figure 1.8). Conceived by Parker (1955), the basic physics of this idea are as follows. For

magnetostatic equilibrium, the external plasma pressure acting on the MFT must be balanced

by the internal plasma pressure and the magnetic pressure, pm = B2/2µ , created by the

magnetic field. Assuming the ideal gas law is valid and that temperature is uniform then,

kBT ρe

m
=

kBT ρi

m
+

B2
i

2µ
. (1.2.1)
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Fig. 1.8 A flux tube emerging from the convection region into the photosphere as a result of magnetic
buoyancy. Large arrows indicate the displacement of the flux tube whilst small arrow indicate the
magnetic field. Two sunspot regions with opposite polarities are formed on the solar surface. (Zwaan,
1985)

According to this relation, ρe > ρi, meaning that the MFT will rise under the influence of

gravity.

Extensions to this theory have been derived by e.g. Moffatt (1978); Acheson (1979).

Consider a flux tube which rises by ∂ z and experiences changes to its internal parameters of

∂B, ∂ρ and ∂ p, then the corresponding external changes are ∂B0, ∂ρ0 and ∂ p0. To conserve

mass and magnetic flux inside the flux tube, B/ρ must remain constant so that,

∂B
B0

=
∂ρ

ρ0
. (1.2.2)

As the tube rises, it will tend to expand in an attempt to maintain a total pressure balance. If

it does so at a slow enough pace, equilibrium will be maintained such that,

∂ p+
B0∂B

µ
= ∂ p0 +

B0∂B0

µ
, (1.2.3)
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and with the substitution of the ideal gas law,

kBT ∂ρ

m
+

B0∂B
µ

=
kBT ∂ρ0

m
+

B0∂B0

µ
, (1.2.4)

assuming that the medium is isothermal. For the tube to continue to rise, ∂ρ < ∂ρ0, implying

that ∂B0 < ∂B. Using Equation 1.2.2, we can then see that (∂B0/B0) < (∂ρ0/ρ0). This

means that the system will become unstable (i.e. the MFT will rise) if the magnetic field

strength decreases with height at a faster rate than the density such that,

d
dz

(
B0

ρ0

)
< 0 . (1.2.5)

Modifications to this criterion can be made for different effects. For example, allowing a

bend in the magnetic field would result in it being more unstable. Parker (1966, 1979a) &

Gilman (1970) found that the magnetic field would become unstable if the magnetic field

strength decreased with height such that,

dB0

dz
< 0 . (1.2.6)

The instability causes a small bend to form in the MFT towards the solar surface. Each end

of the MFT is anchored in the convective zone and as it bends, plasma will drain from the

summit. With a decrease in plasma density, the magnetic buoyancy of the MFT is enhanced

and overcomes magnetic tension acting to straighten the field, eventually resulting in the

MFT erupting through the solar surface as an Ω-shaped loop.

Upon the initial emergence of magnetic flux into the atmosphere, an ephermeral active

region forms and generally lasts only a few hours. However, in some cases the ephemeral

active region will mature over several days into an active region. Growing active regions

of opposite polarity are often joined by loop structures visible in the corona at X-ray and
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EUV wavelengths. In the photosphere, sunspots form (discussed in section 1.2.2) surrounded

by bright faculae, with surrounding bright plage regions in the chromosphere. The intense

eruptions of radiation known as solar flares tend to occur close to the peak of the active

region’s development when sunspots have formed. Active regions are temporary although

their decay is generally much slower than their rise.

1.2.2 Magnetic Pore and Sunspot Formation

Sunspots are one of the largest and most visible manifestations of the Sun’s magnetic field,

appearing as dark circular features on the solar surface. Historians believe that some of the

earliest naked eye sunspot observations date back to ancient Chinese civilisation but the first

clear mention seems to come from circa 300 BC by the Greek scholar Theophrastus, a student

of Plato and Aristotle, who described observations of black marks on the surface of the

Sun. Following the introduction of the telescope and subsequent explosion of technological

advancement, we now understand that these dark features are a result of subsurface MFTs

penetrating the solar surface in active regions.

As discussed in Section 1.2.1, active regions begin as a small bright plage where the

magnetic field is beginning to emerge into the photosphere in the form of flux tubes. Initially,

the magnetic field is not concentrated enough for the formation of sunspots. Large-scale

supergranulation sweeps the magnetic field lines into intergranular downflow lanes (Parker,

1963; Galloway & Weiss, 1981) in a process called flux expulsion, concentrating the field

up to a limit dictated by the kinetic energy density of the convective flows. Magnetic field

strengths of around 100 - 400 G are obtained in this manner (Solanki et al., 2006; Nagata

et al., 2008) but further intensification is required to explain the kilogauss strengths exhibited

in sunspots.
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Fig. 1.9 Diagram depicting a magnetic flux tube (MFT) in a intergranular lane undergoing the process
of convective collapse. Dotted lines represent the magnetic field lines. The magnetic field strength of
the MFT inhibits convective heating, resulting in accelerated plasma downflow (large black arrow)
and a decreased internal pressure. To compensate, the tube is compressed and the magnetic field
strength increases. The straight horizontal line indicates the optical depth τ = 1 and shows the Wilson
depression inside MFTs (Fischer et al., 2009).

Before sunspots can form, the magnetic field must be strengthened further through a

process referred to as convective collapse (Parker, 1978; Spruit, 1979). Consider a thin flux

tube in thermal equilibrium in an intergranular lane. The plasma inside the tube will initially

be subjected to a downflow due to convective processes occurring in the intergranular lane.

The plasma outside the tube also descends in the downflow, increasing in temperature with

depth as it mixes with the surrounding plasma. The heightened magnetic field strength of

the flux tube will have an inhibiting effect on convection within the tube resulting in the

plasma temperature increasing nearly adiabatically with depth. The temperature gradient

outside of the flux tube is super-adiabatic and therefore much steeper than the temperature

gradient inside the tube. Thus, the descending plasma will be cooler and denser inside the

tube than outside at the same depth, resulting in a negative buoyancy force and the accelerated

evacuation of the tube. The upper portion of the tube is left evacuated i.e. the external plasma

pressure is higher than the internal pressure and the tube will contract to maintain equilibrium,

intensifying the magnetic field, as seen in Figure 1.9. A critical value of magnetic field
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Fig. 1.10 A cluster of magnetic pores observed in active region NOAA 11516 by the Vacuum Tower
Telescope, Tenerife at 430 nm. Pores show a decreased intensity when compared to their surroundings
and lack penumbrae. Image credited to EST.

strength below which the tube is unstable to convective collapse was estimated by Spruit

& Zweibel (1979) to be around 1350 G. If the magnetic field strength exceeds this value,

pressure equilibrium can be maintained by an increase in magnetic pressure. The opposite

scenario will then ensue as the pressure and density inside the tube will be less than outside,

resulting in a positive buoyancy force and the tube remaining stable.

Following the emergence of MFTs and convective collapse, intermediate structures called

magnetic pores are formed, examples of which can be seen in Figure 1.10. Observations

of these pores show red-shifted spectral lines, indicative of downflows compatible with

a convective collapse scenario (Leka & Skumanich, 1998). Pores are highly magnetic,

exhibiting a reduced temperature and brightness in comparison with their surroundings due

to reduced convection heating. With lifetimes ranging from 10 minutes to upwards of a

day, these structures are the pre-cursors to larger sunspots. Generally, pores form in clusters

around active regions and some may coalesce to form larger pores. Eventually, a pore may

accumulate enough magnetic field strength and size to form a penumbra and evolve into a
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sunspot. It has been suggested that this occurs when the inclination of the magnetic field at

the edges of the pore reaches a critical value (Simon & Weiss, 1970). As with any magnetic

region, magnetic pores can have opposing polarities and repel eachother, making coalescence

more challenging. However, Parker (1992) proposed that downdraft vortex rings may allow

even MFTs of opposite polarity to become attracted to each other. As well as being the

pre-cursor to sunspots, magnetic pores may also be left as a remnant after the decay of a

sunspot. Studies by Garcia de La Rosa (1987a,b) even suggest that sunspots retain a memory

of their original constituents and eventually break up again into the same fragments.

Sunspots are most easily distinguished from magnetic pores by the presence of a brighter

penumbral region surrounding the central umbra. Other distinguishing characteristics include

a larger maximum magnetic field strength, generally larger diameter, and more vertical

magnetic field lines. Sunspots also tend to appear darker than magnetic pores due to their

stronger magnetic fields having a larger dampening effect on heat convection (Sobotka, 2003).

Dilution of the heat flux also occurs as a result of the cross-sectional area of the magnetic

flux concentration increasing with height. The largest sunspots can take days to form and

have lifetimes ranging from a few weeks to a few months (Solanki, 2003). Since they

maintain their stability for prolonged periods of time, it makes sense to describe them with a

magnetohydrostatic model. A simple magnetohydrostatic flux tube model was established by

Meyer et al. (1977) for a sunspot surrounded by a field-free region. The equilibrium equation

is as follows,

∇

(
pi +

B2
i

2µ

)
= ρig+(Bi ·∇)

Bi

µ
. (1.2.7)

If we assume that we are close to the photosphere, pi and ρig are negligible. The magnetic

field can be written in cylindrical coordinates, Bi = ∇Φi. The magnetic field at the interface

region between the flux tube and its surroundings will be almost vertical close to the solar

surface but will be more inclined at increased heights before eventually becoming almost

horizontal (Priest, 2014).



1 . 2 S U N S P OT S A N D P O R E S 22

1.2.3 Sunspot Structure

Having established how sunspots are formed in the previous section, it is now important

provide an overview of their structure and appearance. A sunspot’s dark appearance in

comparison to the normal solar photosphere is perhaps its most dominant and obvious

characteristic. This central region is known as the umbra and radiates about 20 - 30 % of the

quiet Sun flux. Surrounding the umbra is a brighter region called the penumbra, radiating

about 75 - 85 % of the quiet Sun flux (Solanki, 2003). As mentioned previously, the presence

of a penumbra is what distinguishes sunspots from magnetic pores. Both the umbra and

penumbra exhibit cooler temperatures than the quiet Sun. It was first proposed by Biermann

(1941) that the reduction in intensity may come as a result of the strong magnetic fields in

the sunspot inhibiting convective motions and thus heat transfer from the solar interior to the

atmosphere. Convection is the main mode of energy transport in the solar interior and so if a

blockage is caused due to the presence of a sunspot, there is a significant reduction of heat

transfer to higher layers. As a result of this, there is reduced energy flux through the sunspot

and it appears dark with temperatures on the order of 1000 K lower than the surroundings.

The blocked energy flux is then redistributed into the convection zone.

Although we consider sunspots to be "dark", they still radiate a certain amount of energy.

This means that the transfer of energy via convection is not entirely quenched by the magnetic

field (Cowling, 1953). Two approaches have been taken to solve this problem, depending

on which sunspot model is used. Firstly, the sunspot can be modelled as a cluster of small

MFTs that merge before they reach the solar surface (Parker, 1979b). In this scenario the

MFTs are tapered towards the lower regions, resulting in more free gas between the MFTs

and thus convection can still occur. Alternatively, if we consider the sunspot to act as a

monolithic MFT, some energy can still be transferred by magnetoconvection. Although these
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Fig. 1.11 Radial evolution of magnetic field in a sunspot. Left: Azimuthally averaged total mag-
netic field strength (green), Btot , vertical magnetic field strength (red), Bρ , and horizontal magnetic
field strength (blue), Bh as a function of normalised radial distance at constant optical depth. The
umbral/penumbral boundary is marked by a vertical dashed line. Right: Magnetic field inclination at
a constant optical depth as a function of normalised radial distance. A horizontal magnetic field is
marked by a dashed line at 90° (Borrero & Ichimoto, 2011).

two models have very different assumptions, they predict similar observable effects and can

explain the umbral heating as well as fine structures such as umbral dots and light bridges.

As a consequence of the reduced temperature inside the sunspot umbra, a phenomenon

known as the Wilson depression becomes apparent. This effect was first observed by Alexan-

der Wilson who in 1769 described the "flattening" of sunspots as they reach the solar limb.

The visible radiation from a sunspot umbra emerges from a lower geometric height than

radiation in the quiet Sun (see Figure 1.9). Since the photospheric opacity is closely related

to the temperature, at lower temperatures like in a sunspot umbra we can see deeper into the

Sun due to reduced opacity. It proves difficult to provide an exact value for the depth of the

depression as the shape of the sunspot changes as it evolves. Estimates range widely from

depths of 400 km to over 2000 km (Bray & Loughhead, 1964; Gokhale & Zwaan, 1972;

Prokakis, 1974). To avoid the ambiguity of the Wilson effect, optical depth is generally

preferred to study sunspot properties as opposed to geometric height. As such, we evaluate

the radial properties of a sunspot at constant optical depth.
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The centre of the sunspot is the point of lowest intensity and highest total magnetic field

strength. Intensity increases radially outwards from the spot centre whilst total magnetic

field strength decreases, reaching its lowest value at the outer penumbral edge. The evolution

of total magnetic field with the horizontal and vertical magnetic components for a sunspot

alongside magnetic field inclination are illustrated in Figure 1.11. Most spectral lines

show a steady decrease in total magnetic field strength with no obvious contrast at the

umbral/penumbral boundary. The horizontal and vertical components of the magnetic field

become approximately equal around half way across the spot, close to the umbral/penumbral

boundary. The magnetic field is almost vertical in the centre of the sunspot, coinciding

with the maximum total magnetic field strength and becomes more inclined towards the

edges, reaching almost horizontal inclination angles by the outer penumbra. The decrease in

magnetic field strength towards the outer regions of the sunspot umbra allows an increased

level of heat convection through, gradually raising the τ = 1 level. The Wilson depression is

therefore more akin to a saucer shape as opposed to the abrupt drop shown in Figure 1.9.

As a result of the density stratification of the solar atmosphere described in Section 1.1, a

sunspot will expand radially with height in order to maintain equilibrium. The magnetic field

strength and density inside the spot will therefore decrease significantly at higher layers of

the atmosphere. However, the plasma temperature will continue to rise with height inside the

spot. The parameters we have discussed thus far will have a effect on the plasma-β ,

β =
2µ0 p0

B2
0

, (1.2.8)

where the plasma pressure, p0, is divided by the magnetic pressure. Regions with β ≪ 1

are magnetically dominated whereas regions with β ≫ 1 are dominated by plasma pressure.

As the magnetic field strength changes through the solar atmospheric layers, so does the

plasma-β . Generally, in the photosphere where the plasma is dense, β ≫ 1 but as you move

further out into the chromosphere, β will diminish, eventually reaching β ≪ 1 in the corona.
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Fig. 1.12 The evolution of plasma-β over geometric height ranging between a sunspot of magnetic
field strength 2500 G (left boundary of shaded region) and a plage region of magnetic field strength
150 G (right boundary of shaded region). Figure from Gary (2001), adapted by K.R. Lang, Tufts
University (2010).

Lower values of plasma-β can be found in areas of high magnetism such as active regions.

A full study of the height variation of plasma-β above a variety of solar active regions was

conducted by Gary (2001). The results are shown in Figure 1.12. For a sunspot with a strong

magnetic field, it is seen that β < 1 at all atmospheric heights. Features with weaker magnetic

fields like magnetic pores or small sunspots have β > 1 in the photosphere and upper corona

but β < 1 at higher layers in the upper photosphere and chromosphere. Borrero & Ichimoto

(2011) found that the plasma-β also varies radially, increasing with distance from the centre.

A β = 1 layer has been shown to exist in sunspots (e.g. Metcalf et al. (1995)), where Alfvén,

slow and fast waves (discussed in Chapter 2) couple due to their characteristic velocities

becoming equal. This allows mode conversion to occur for propagating waves traversing this

layer (Stein, 1971). In the context of energy dissipation, slow modes may convert into fast or

Alfvén modes which can travel into the surrounding plasma and transport energy there.
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1.2.4 Wave Observations in Magnetic Pores and Sunspots

The discovery of extreme temperatures exceeding 1 million degrees in the solar corona some

80 years ago created a thriving area of research concerned with the manner in which energy

is transported to the outer layers of the atmosphere (discussed in Section 1.1.4). Such a vast

amount of heating cannot be achieved by just thermodynamic processes. In fact, the heating

of the corona itself is arguably no more important than the relatively thin chromosphere since

the higher plasma density here means that over double the energy is required to balance its

radiative losses (Withbroe & Noyes, 1977). The study of heating mechanisms in the lower

solar atmosphere is therefore just as crucial in understanding this effect. Modern research

has established two main methods of heating: magnetic reconnection and wave heating.

Magnetic reconnection can be described as a change in the topology of the magnetic field

and subsequent release of heat and kinetic energy. The coronal magnetic field is connected to

photospheric flux concentrations which move around due to the influence of granular motions,

causing an electric current to develop along the field lines. When opposing field lines are

brought together, a current sheet can form between them and dissipate. The magnetic field

lines break and reconnect in different orientations, producing localised heating through the

conversion of magnetic energy into heat and kinetic energy. Large magnetic reconnection

events such as solar flares have been observed to release up to 1025 J of energy (Emslie et al.,

2005). However, events like these are relatively rare indicating that they do not act alone to

heat the corona. It has instead been hypothesised that smaller reconnection events called

"nanoflares" may occur rapidly enough to provide a more sustainable solution (Parker, 1988).

There is limited observational evidence of nanoflares due to their small size and signals lying

below the noise level of most modern observations but some attempts have been made e.g.

Jess et al. (2014).
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This thesis is mainly interested in the second heating method, wave heating. A wide

variety of waves capable of transporting energy have been observed in the deep photosphere

all the way out to the corona (e.g. Jess et al., 2012a, 2015; Grant et al., 2015, 2018; Houston

et al., 2018, 2020; Van Doorsselaere et al., 2020; Gilchrist-Millar et al., 2021, to name a

few). For a solely wave-based heating scenario, waves are generated at the solar surface

and propagate upwards, dissipating energy either into the chromosphere or the corona. As

will be discussed in Section 2.2, MFTs are ideal conduits for the transport of energy by

way of MHD waves and are thought to play a key part in wave heating. Observations

support this idea, with many different MHD wave modes being observed in MFTs both in the

photosphere and the chromosphere along with evidence of considerable energy damping (e.g.

Grant et al., 2015, 2018). A short overview of recent MHD wave observations in sunspots

and magnetic pores will be presented in this section. In reality, coronal heating is most

likely comprised of a combination of both magnetic reconnection and wave heating. The

kinetic energy produced by a magnetic reconnection event can trigger wave phenomena (De

Moortel & Nakariakov, 2012; Srivastava & Goossens, 2013; Zhang, 2020). The reverse

can also occur, where instabilities are created by waves, leading to magnetic reconnection

phenomena (Tripathi et al., 2006; Jackiewicz & Balasubramaniam, 2013). As such, it seems

that waves and magnetic reconnection are closely related and may act in harmony to sustain

the atmospheric heating.

Magnetic Pores

Strong downflows inside pores, generated by rapid cooling, collide with the dense sub-

photospheric layers of the Sun and are reflected as upwardly propagating magnetoacoustic

waves capable of transporting energy through the solar atmosphere. This has been both

numerically predicted (Steiner et al., 1998; Cameron et al., 2007; Kato et al., 2010) and
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observed (Cho et al., 2010, 2013). As such, the observations of oscillatory phenomena in

magnetic pores are numerous.

Some of the first observations came from the Transition Region And Coronal Explorer

(TRACE) satellite and the Vacuum Tower Telescope (VTT) (Balthasar et al., 2000). Combin-

ing satellite and ground-based observations of a solar pore yielded key information about

multiple atmospheric layers. Chromospheric intensity oscillations were detected with peak

periods of around 3 minutes, whilst oscillations of the photospheric magnetic field were found

to have periods of 5-8 minutes, providing strong evidence of the presence of magnetoacoustic

waves in pores. Following this, evidence of the MHD slow sausage wave mode was found in

a large solar pore by Dorotovič et al. (2008) using white light observations from the Swedish

Vacuum Solar Telescope. Characteristic oscillations of the cross-sectional area of the pore

with periods in the range of 2–70 minutes were detected, with gravity waves thought to be

acting as a driver. Morton et al. (2011) presented simultaneous Rapid Oscillations in the

Solar Atmosphere (ROSA) 4170 Å continuum observations of intensity and cross-sectional

area variations in multiple pores, finding photospheric sausage modes. The authors found

periods of 3-5 minutes, in contrast with the work of Dorotovič et al. (2008), but no conclusion

was drawn about whether the wave mode was fast or slow. Periods in this range are more

conducive to the theory that the waves are driven by a global pressure mode oscillation

(p-mode) rather than gravity waves.

The first step towards the diagnosis of wave modes using phase relationships in photo-

spheric MFTs was made by Fujimura & Tsuneta (2009). Using spectropolarmetric obser-

vations from the Hinode satellite of pores and magnetic bright points, the authors analysed

intensity, velocity and magnetic field fluctuations. This allowed them to derive phase rela-

tions, summarised in Figure 1.13. Notably, a phase difference of -90° was found between

the magnetic field and velocity, as well as the velocity and intensity. The phase relationship

between intensity and magnetic field was found to be around 180°. The authors identified
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Fig. 1.13 The left 4 panels are histograms showing phase difference between magnetic flux, intensity
and line-of-sight velocity. Solid lines indicate results for all data whereas results from magnetic pores
only are represented by dashed lines. Concentrations around −90° are seen for φB-φv and φv-φI(core),
around 180° for φI(core)-φB and around 10° for φI(core)-φI(cont). The right panel is showing peak periods
from power spectra, with pores exhibiting periods of 3 - 5 minutes (Fujimura & Tsuneta, 2009).

these phase relationships to be evidence of a slow standing sausage mode or fast standing kink

mode. Building on the work of Fujimura & Tsuneta (2009), further theoretical investigations

into these phase relationships were conducted by Moreels & Van Doorsselaere (2013), who

interpreted the oscillations as slow or fast standing sausage modes. In this study, the MFT

is modelled as a straight cylinder with constant internal and external plasma parameters

and magnetic field directed along the flux tube axis. The model differs from model used by

Fujimura & Tsuneta (2009) in that it includes a non-zero gas pressure, does not use the thin

flux tube approximation and uses an underdense pore rather than an overdense pore. However,

the model used by Moreels & Van Doorsselaere (2013) is still limited by a lack of density



1 . 2 S U N S P OT S A N D P O R E S 30

Wave Mode φB-φυ φυ -φI φI-φB
Slow propagating 180◦ 0◦ 180◦

Fast propagating surface [0◦,180◦] [-90◦,0◦] [-90◦,0◦]
Slow standing ±90◦ ±90◦ 180◦

Fast standing surface ±90◦ ±90◦ [0◦,180◦]
Table 1.2 Phase differences between line of sight velocity (φυ ), magnetic field (φB) and intensity
(φI) and their corresponding wave modes as derived by Moreels & Van Doorsselaere (2013). Square
brackets represent the range of possible phase angles for that solution.

stratification. The linearised ideal MHD equations (see Section 2.2.1) were used to describe

wave modes in the photosphere. Wave mode polarisations were determined by calculating the

displacement of the plasma and used to derive phase relations for velocity, magnetic field and

intensity for each wave mode. The resulting phase differences and their corresponding wave

mode can be seen in Table 1.2. These theoretical values of phase difference were proven to

be useful in determining wave modes by comparison with simulated observations.

With this in mind, the observations of Morton et al. (2011) were revisited by Moreels et al.

(2013) who used phase differences between the cross-sectional area and intensity oscillations

to make further conclusions about the wave modes present. The authors found the anti-phase

relationship between cross-sectional area and intensity fluctuations to be indicative of fast

sausage modes. Dorotovič et al. (2014) subsequently used this method to distinguish between

fast and slow sausage modes in several magnetic wave guides including 2 magnetic pores and

proposed that they may be standing harmonics. Standing waves have also been found in other

magnetic pore observations. For example, Freij et al. (2016) observed slow sausage waves in

magnetic pores as standing harmonics due to the obtained vertical wavelength indicating a

strong reflection at the transition region boundary. This supports the idea of a chromospheric

resonator, already identified in sunspots (Jess et al., 2020).

A detailed study by Grant et al. (2015) found evidence of slow sausage mode oscillations

within a magnetic pore propagating from the low photosphere to the base of the transition

region by combining multiple instruments and 4 wavelength bands. By tracking intensity and
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area oscillations, periods of 3 - 7 minutes were found, consistent with Morton et al. (2011)

and the global p-mode driver theory. The authors also calculated energy flux as a function

of height and found an initial energy flux of approximately 35 kW m−2 which dropped by

three orders of magnitude over an atmospheric height separation of approximately 800 km.

This confirmed that pores are able to guide wave energy into higher atmospheric layers of

the solar atmosphere and thus may have implications for a wave-heating scenario. Further

classification of waves in solar pores was made by Keys et al. (2018), who examined the

spatial distribution of wave power in seven different pore datasets. Using high cadence ROSA

observations, direct evidence of surface and body mode waves was given. Surface modes

were found to be more prevalent, particularly in the larger of the observed pores, suggesting

that higher magnetic field strengths, and therefore a larger gradient between the pore and the

surrounding quiet Sun in larger pores, may promote surface modes over body modes.

Sunspots

Like magnetic pores, sunspots are capable of hosting a wealth of oscillations and contributing

to the heating of the solar atmosphere as a result of their heightened magnetic field strength.

Oscillations occurring in the atmospheres of sunspots are dominated by periods ranging from

∼5 minutes to ∼3 minutes (e.g., Lites, 1986a,b; Centeno et al., 2009; Jess et al., 2015, to

name a few). In a sunspot photosphere the 5 minute period is most dominant but moving

higher into the upper photosphere and chromosphere, the 3 minute period takes over (Centeno

et al., 2006; Thomas et al., 1987). The lack of 5 minute oscillations manifesting in the upper

atmosphere has been linked to their difficulty in propagating against the gravitational field.

Bel & Leroy (1977) introduced the concept of a cut-off frequency, below which waves will

be unable to propagate against gravity depending on the inclination of the magnetic field.

In a sunspot umbra where the magnetic field is mostly vertical, the cutoff period is around
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Fig. 1.14 Ca II H Dopplershift charts from sunspot observations by Rouppe van der Voort et al. (2003).
The full image is shown in the left panel with 4 slit locations corresponding to the 4 strips on the right.
Each strip shows the temporal evolution of a short spectral segment containing the central emission
features of the Ca II H line at each location. A distinct "sawtooth" pattern can be seen as a brightening
occurs and is followed by a blue-shifted velocity perturbation and subsequent red-shift as the plasma
cools.

200 seconds. Any 5 minute oscillations will therefore be reflected back into the photosphere,

explaining why they become less dominant at chromospheric heights.

The origins of these oscillations have been linked to the ubiquitous global p-mode

spectrum (Lites, 1992), which leads to the production of a variety of oscillatory phenomena.

Two main categories of MHD wave activity exist in sunspot umbrae and penumbrae: running

penumbral waves (RPWs) and umbral flashes (UFs). RPWs can be observed as concentric

wavefronts propagating radially from the center of the sunspot towards the outer penumbral

regions and beyond (e.g. Giovanelli, 1972; Zirin & Stein, 1972; Kobanov & Makarchik, 2004;

Jess et al., 2013), reaching large distances over ∼10 000 km beyond the outer penumbral

boundary (Kobanov, 2000).
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Umbral flashes (UFs) were first studied by Beckers & Tallant (1969); Wittmann (1969)

and manifest as extraordinary periodic brightenings in sunspot umbrae. The authors reported

periods of around 3 minutes between brightenings with diameters of up to 2000 km and

horizontal velocities generally directed outwards towards the penumbra. A subsequent study

by Phillis (1975) revealed that oscillations in velocity accompany these brightenings and

Giovanelli et al. (1978) found a 12 second phase lag between the Hα wing and line core

intensities, showing that UFs are upwardly propagating waves. UFs are believed to be linked

to the global p-mode waves found throughout the solar atmosphere and are signatures of

shock fronts they form (Havnes, 1970). Carlsson & Stein (1997) used 1D radiative modelling

to simulate quiet region bright grains observed in the Calcium II H & K lines. The authors

found that as the upwardly propagating waves traverse the large negative density gradients in

the solar atmosphere, the wave amplitude increases to the point that a shock front forms about

1 Mm above the solar surface. The shock front can be observed as blue-shifted emission

since it initially follows the original upwardly propagating path of the wave. An increase

in intensity arises due to the temperature increase in the surrounding plasma as energy is

dissipated from the shock. The shocked plasma eventually cools and returns to its equilibrium

position, resulting in a red-shift. This model of shock formation is widely accepted with more

recent advanced modelling techniques proving its validity in sunspots (Bard & Carlsson,

2010; Felipe et al., 2010b). This behaviour was also confirmed observationally by Rouppe

van der Voort et al. (2003), who used multiple Ca II H & K data sets from various telescopes

to investigate chromospheric flashes. The authors found that the blue-shifted shock emission

results in a "saw tooth" pattern being observed in the velocity space of UFs, as seen in

Figure 1.14. Additionally, they deduced that UFs have no effect on the magnetic field as they

propagate across it.

The Ca II 8542 Å line is frequently used to probe UFs at their chromospheric origin

due to its sensitivity to temperature variations in this region (Cauzzi et al., 2009; de la Cruz
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Rodríguez et al., 2013; Grant et al., 2018). de la Cruz Rodríguez et al. (2013) used inversion

techniques (inversion codes are discussed in more detail in Chapter 3) to infer plasma

parameters from spectropolarimetric Ca II line observations of UFs attained by the Swedish

Solar Telescope (SST; Scharmer et al., 2003). The authors linked UFs to atmospheric heating,

finding average temperature enhancements of ∼ 1000 K at the shock front in comparison with

the surrounding material. In agreement with the work of Rouppe van der Voort et al. (2003),

they observe no obvious fluctuation to the magnetic field in the sunspot umbra as a result of

the passage of UFs. However, more recent work by Houston et al. (2018) highlights magnetic

field fluctuations perpendicular to the solar normal caused by UFs. Like de la Cruz Rodríguez

et al. (2013), this study utilises inversion techniques to obtain plasma parameters, this time

by inverting chromospheric He I 10830 Å line observations. Fluctuations of up to ∼ 200 G

were noted at UF locations and comparison with nonlinear force-free field extrapolations

indicate that the magnetic field enhancements caused by UFs are directed along the path of

the shock propagation. In addition, a linear correlation between temperature and magnetic

field perturbations observed at the edge of the UFs is observed. The authors attribute this to

the scenario that UFs cause expansion of the magnetic flux tube due to the increased adiabatic

pressure.

Shocks are not limited to a single wave mode, rather they can be linked to the nonlin-

earisation of a range of modes. The role of Alfvén waves in sunspot shock phenomena was

studied by Grant et al. (2018). By analysing Ca II 8542 Å sunspot observations, evidence of

shock formation was located in the highly inclined magnetic field towards the outer umbral

boundary, a region which fulfilled the previously predicted conditions for Alfvén shock

formation. Using plasma temperatures inferred from the Ca II line and Doppler velocities,

the authors observed both blue- and red-shifted plasma, in contrast with conventional UFs,

with accompanying temperature enhancements on the order of ∼ 20%. This occurs in the β =

1 region where the slow and fast mode wave velocities are equal, allowing mode-conversion
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of magnetoacoustic waves into Alfvén waves to take place. This led to the conclusion that

Alfvén waves were heating chromospheric plasma through the formation and dissipation

of shocks in a sunspot umbra. Direct evidence of Alfvén shocks in sunspot umbrae was

presented by Houston et al. (2020), who also used Ca II 8542 Å line observations. The

line-of-sight velocity, magnetic field and temperature were inferred from the observations

and perturbations consistent with shock formation are found. The shocks were then classified

through comparison of the observationally derived slow, fast, and Alfvén shock solutions

with theoretical relations. The Alfvén shock solution was found to give the closest match,

at optical depths consistent with the boundary between the photosphere and chromosphere,

indicating that these are in fact Alfvén shocks, capable of providing heating to the solar

atmosphere.

This section has highlighted that the study of sunspots and pores, and the waves that

manifest within them, is an area that has attracted extensive research to date. Despite this, our

understanding of these features is still growing and there are many avenues left to explore.

This thesis aims to contribute a small piece to the puzzle with the observational studies

presented in Chapters 5 and 6.

1.3 T H E S I S OV E RV I E W

This thesis contains two separate observational studies of magnetohydrodynamic (MHD)

wave activity in the lower atmosphere of solar active regions. Chapter 2 will detail the

general theory of MHD waves in the solar atmosphere. The ideal MHD framework is

introduced, including the fundamental equations of electromagnetism and fluid dynamics.

The principles of MHD waves in a uniform plasma and magnetic flux tube are outlined and

a description of the major wave modes is given. Chapter 3 will provide an overview of the

spectropolarimetric inversion techniques used to infer plasma parameters from observational
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data. The instruments used to obtain the observational data presented in this thesis, and

the telescopes they are based at, are described in Chapter 4. Both ground and space based

facilities are introduced and their respective benefits and downfalls are debated.

Chapter 5 is the first results chapter, concerning the observation of photospheric propagat-

ing sausage mode waves in a set of 5 magnetic pores. Firstly, wave signatures are identified

at a range of atmospheric heights using bisector velocity analysis. Local plasma parameters

inferred through inversions, in conjunction with bisector velocities, are used to calculate the

estimated height stratified energy flux for each pore. This is used to evaluate the extent of the

energy damping within the pores and give insight into how the wave mode is affected by pore

parameters. Secondly, 2D simulations are carried out to assess the damping mechanisms that

may cause a reduction in energy flux inside magnetic pores. The use of different types of

wave drivers and the inclusion of non-ideal effects is investigated to maximise agreement

with the observations.

Chapter 6 presents high resolution dual-line chromospheric observations of an isolated

sunspot. Wavelet analysis is utilised to compare how umbral waves are observed through the

filters of two different spectral lines. The impact of shock phenomena on the observations

and the potential reasons for contradictory phase relationships are discussed. Cross-line

phase analysis is used to shed light on the wave mode being observed and the sensitivity of

each line to the local chromospheric temperature is assessed. The results from this study

show the benefits and drawbacks of using certain spectral lines to observe wave phenomena.

Lastly, the overall conclusions of this work are summarised in Chapter 7. Some examples

of future improvements and observations that would benefit the analysis conducted in Chap-

ters 5 and 6 are presented, with focus on the inference of plasma parameters, chromospheric

shock isolation and next generation observations.



2
M AG N E T O H Y D RO DY NA M I C T H E O RY

2.1 I N T RO D U C T I O N T O M AG N E T O H Y D RO DY N A M I C S

Magnetohydrodynamics (MHD) is a branch of fluid dynamics that couples Maxwell’s

equations of electromagnetism with the Navier-Stokes equations of fluid dynamics to study

interactions between an electrically conducting fluid or plasma and a magnetic field. The

field was founded by Hannes Alfvén (Alfvén, 1942), who received the Nobel prize in Physics

in 1970 for his work. At its most simplistic, MHD revolves around the concept that the

presence of a magnetic field can induce a current in a moving conductive fluid which in

turn may alter the geometry and strength of the magnetic field itself. In the context of solar

physics, MHD is a powerful tool for the study of a wide variety of solar features and provides

underlying explanations for what we observe. The solar phenomena governed by MHD range

from magnetic field generation in the solar interior to the highly dynamic activity of shocks,

coronal loops, magnetic reconnection and solar winds in the outer layers of the atmosphere

and beyond. This thesis is primarily concerned with the MHD wave modes generated in the

magnetic plasma of the solar atmosphere and how these waves behave in highly magnetically

active regions such as sunspots and pores. In this section an overview of the ideal MHD

framework will be provided following the derivations detailed by Priest (2014). A more
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in-depth description of MHD principles has been laid out by Priest (2014) and Goedbloed

et al. (2019).

2.1.1 Electromagnetic Equations

Maxwell’s 4 equations of electromagnetism are essential building blocks in the foundations

of classical electromagnetism. Thus, if one wishes to create an understanding of fundamental

MHD they must begin here. The first equation is commonly known as Poisson’s Law,

∇ ·E =
ρ

ε0
, (2.1.1)

where E is the electric field, ρ is the charge density and ε0 is the permittivity of free space.

Secondly, there is Faraday’s law,

∇×E =−∂B
∂ t

, (2.1.2)

where B is the magnetic field and t is time. This equation describes the induction of an

electric current in the presence of a time-varying magnetic field, and vice versa. Ampère’s

Law states,

∇×B = µ0j+
1
c2

∂E
∂ t

, (2.1.3)

where j is the current density, µ0 is the magnetic permeability and c is the speed of light in

a vacuum. Complimentary to Equation 2.1.2, this equation shows that the magnetic field

induced by a time or charge varying electric current is proportional to that current. The final

equation, Gauss’ Law can be defined as,

∇ ·B = 0 , (2.1.4)
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stating that the net magnetic flux out of any closed surface must be zero. This means firstly

that the existence of magnetic monopoles is prohibited as any flux outward must be balanced

by an equal flux inward. Secondly, a magnetic flux tube will have constant magnetic field

strength along it’s entire length.

The 4 equations stated above, along with Ohm’s Law, can be reduced to a single equation

relating magnetic field with plasma velocity. We begin with the generalised form of Ohm’s

Law,

j = σE
′
, (2.1.5)

where σ is electrical conductivity and E′
is the electric field experienced by the plasma in its

rest frame. For an ideal MHD plasma, 3 key assumptions must be made,

1. The plasma velocity is non-relativistic

2. The plasma has perfect conductivity

3. The collisional timescale of the plasma is small

Under the first assumption that the plasma velocity is non relativistic,

v0 ≪ c , (2.1.6)

where,

v0 =
l0
t0

, (2.1.7)

and v0 is the plasma velocity, l0 is a typical length and t0 is a typical timescale. This allows

the non-relativistic form of Ohm’s Law to be introduced,

j = σ(E+v×B) , (2.1.8)
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where v is the plasma velocity with respect to the magnetic field. Equation 2.1.8 can be

simplified further under the second assumption, that σ → ∞, to give,

E =−v×B . (2.1.9)

Faraday’s law (Equation 2.1.2) may also be simplified by substituting in Equation 2.1.7 to

give,
E0

l0
≃ B0

t0
, (2.1.10)

where B0 and E0 are the magnitudes of typical magnetic and electric fields respectively. This

relation may subsequently be combined with Ampère’s law (Equation 2.1.3). The second

term on the right hand side of Equation 2.1.3 is known as the displacement current. Applying

Equation 2.1.10 to this term yields,

E0

c2t0
≃

v2
0

c2
B0

l0
≃

v2
0

c2 | ∇×B | . (2.1.11)

As a consequence of our earlier assumption that the plasma is non relativistic and following

Equation 2.1.6, it can be seen that the displacement current can be neglected, leaving the

reduced form of Ampère’s Law as follows,

∇×B = µ0j . (2.1.12)

By substituting Equation 2.1.9 into Faraday’s Law (Equation 2.1.2), we obtain the following,

∂B
∂ t

= ∇× (v×B) . (2.1.13)

This relation describes the influence of the plasma velocity on the magnetic field and is

known as the induction equation, one of the 4 main ideal MHD equations.
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2.1.2 Fluid Dynamics

The presence of the velocity term in the induction equation indicates that the behaviour of

the magnetic field is closely coupled to that of the plasma. Additionally, the motion of the

plasma is governed by the 3 equations of fluid dynamics. The first of these is the equation of

mass continuity and is expressed as,

dρ

dt
+ρ∇ ·v = 0 , (2.1.14)

where ρ is the mass density. The equation of mass continuity may also be written in terms of

partial derivatives with the introduction of the material time derivative which is expressed as,

d
dt

≡ ∂

∂ t
+v ·∇ . (2.1.15)

Using the vector identity,

∇ · (ρv) = ρ(∇ ·v)+ρ(v ·∇) , (2.1.16)

combined with the material time derivative, we arrive at the following version of mass

continuity,
∂ρ

∂ t
+∇ · (ρv) = 0 . (2.1.17)

This equation states that the inflow or outflow of mass into the system will increase or

decrease the mass density respectively.

The second equation of interest, known as the momentum equation, comes from Newton’s

second law of motion and can be written as,

ρ
dv
dt

=−∇p+ j×B+F , (2.1.18)
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where p is the plasma pressure. The plasma is subject to a pressure gradient, ∇p and a

Lorentz force per unit volume, j×B. The force, F = Fg +Fv, comes as a result of the effects

of gravity, Fg, and viscosity, Fv. In an ideal MHD scenario, viscosity effects can be neglected

and F consists only of gravitational forces,

ρ
dv
dt

=−∇p+ j×B−ρgr̂ , (2.1.19)

where r̂ is a unit vector normal to the surface of the Sun and g is the local gravitational

acceleration.

The final equation required is the equation of energy conservation. This stems from what

is known as the heat equation, defined by,

ρT
ds
dt

=−L (2.1.20)

where s is the entropy per unit mass of the plasma and L is the energy loss function, repre-

senting the net effect of all sinks and sources of energy in the system. This equation may

also be written in terms of the internal energy per unit mass, e,

ρ
de
dt

− p
ρ

dρ

dt
=−L . (2.1.21)

The plasma pressure can be defined as p = kB
m ρT where kB is the Boltzmann constants and

m is the mean particle mass. If we assume an ideal gas, the internal energy, e = cvT where

cv is the specific ratio at constant volume. The ratio of specific heats, γ , and specific heat at

constant pressure, cp, are given by,

cp = cv +
kB

m
(2.1.22)

γ =
cp

cv
, (2.1.23)
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and together give,

e =
p

(γ −1)ρ
. (2.1.24)

After the substitution of Equation 2.1.24 and assuming the ideal gas law is valid, Equa-

tion 2.1.21 may be rewritten as,

ργ

γ −1
d
dt

(
p

ργ

)
=−L . (2.1.25)

If we make a further assumption that the system is adiabatic i.e. the plasma is thermally

isolated and there is no heat exchange (L = 0), the equation of energy conservation may be

expressed as,
d
dt

(
p

ργ

)
= 0 . (2.1.26)

Sometimes it may be useful to write Equation 2.1.25 in terms of partial derivatives,

∂ p
∂ t

+v ·∇P− c2
s

(
∂ρ

∂ t
+v ·∇P

)
= 0 , (2.1.27)

where the plasma sound speed, cs, is introduced,

c2
s =

γ p
ρ

=
γkBT

m
. (2.1.28)

2.1.3 Summary of Ideal MHD Equations

In summary of sections 2.1.1 and 2.1.2, a set of fundamental equations have been derived

to describe the interactions between the plasma and magnetic field in solar and stellar

atmospheres under ideal conditions. Throughout the vast array of literature on this topic, the

ideal MHD equations are written in many different forms. For the purposes of this thesis, we
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will express them as such,
∂B
∂ t

= ∇× (v×B) , (2.1.29)

∂ρ

∂ t
+∇ ·ρv = 0 , (2.1.30)

ρ
dv
dt

=−∇p+ j×B−ρgẑ , (2.1.31)

d
dt

(
p

ργ

)
= 0 . (2.1.32)

Further dimensionless parameters can be derived from these equations, to give insight

into more specific factors governing the atmosphere. One such parameter is known as the

plasma-β , defined in Section 1.2.3.

2.2 M H D WAV E S

The concept of waves will be familiar to most readers. From tiny ripples in a puddle created

by a falling raindrop and the vibration of a guitar string to crashing tidal waves along the

coast and catastrophic earthquakes destroying entire buildings, waves and oscillations are all

around us. In physics and mathematics, waves are seen as periodic disturbances in a medium

that can be either propagating, where there is a net transfer of energy, or standing, where

the wave is stationary. The plasma in the solar atmosphere can be treated as a fluid that

responds to perturbations in a similar way to e.g. ripples in a puddle. Waves and oscillations

are ubiquitous in the solar atmosphere as the dynamic nature of the Sun results in the plasma

being exposed to a plethora of different forces. The wave modes present can be categorised

into different classes based on their restoring forces. Inertial waves come about as a result

of rotations in the plasma and are driven by the so called Coriolis force whilst acoustic and
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acoustic-gravity waves are generated as a result of a combination of gravity and plasma

pressure from turbulent convective motions. Magnetically driven waves also arise in the

presence of strong magnetic fields. Alfvén waves occur in response to magnetic tension and

magnetoacoustic waves are caused by a combination of magnetic and plasma pressure. This

thesis focuses on evaluating waves in magnetically active regions and as such this section is

primarily concerned with magnetically driven waves.

2.2.1 Linearised MHD Equations

A key assumption of Equations 2.1.29 to 2.1.32 is that the collisional timescale is very small,

much smaller than the time it takes for heat conduction or radiation to take place. This

assumption is no longer useful when considering oscillations in the plasma. By introducing

small perturbations to the equilibrium, a more general form can be adopted. Consider a

system in equilibrium with magnetic field, B0, density, ρ0, plasma pressure, p0, and plasma

velocity, v0 ≡ 0. The equilibrium can be perturbed by setting,

B = B0 +B1

ρ = ρ0 +ρ1

p = p0 + p1

v = v1

where B1, ρ1, p1 and v1 are the perturbations of the magnetic field, density, plasma pressure

and velocity respectively. Due to the small magnitude of these perturbations, their squares
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and products may be ignored thus reducing the basic MHD equations to,

∂B1
∂ t

= ∇× (v1 ×B0) (2.2.1)

∂ρ1

∂ t
+∇ ·ρ0v1 = 0 (2.2.2)

ρ0
∂v1
∂ t

=−∇p1 +(∇×B1)×
B0
µ

−ρ1gẑ , (2.2.3)

∂ p1

∂ t
+(v1 ·∇)p0 − c2

s

(
∂ρ1

∂ t
+(v1 ·∇)ρ0

)
= 0 . (2.2.4)

By differentiating Equation 2.2.3 with respect to time and substituting in Equations 2.2.1,

2.2.2 and 2.2.4, a generalised wave equation may be derived for the velocity disturbance,

∂ 2v1
∂ t2 = c2

s ∇(∇ ·v1)− (γ −1)gẑ(∇ ·v1)−g∇v1z +{∇× [∇× (v1 ×B0)]}×
B0

µρ0
. (2.2.5)

2.2.2 Magnetically Driven Waves

As mentioned in the beginning of Section 2.2, the main wave types of interest in this thesis are

those driven by the presence of strong magnetic fields. To derive these waves, we can apply

the generalised wave equation (Equation 2.2.5) to a uniform medium by finding plane-wave

solutions of the form,

v1(r, t) = v1ei(k·r−ωt) , (2.2.6)

where k is the wavenumber vector and ω is the frequency. A magnetic tension of magnitude

B2
0/µ acts on the medium, permitting transverse waves to propagate along the magnetic field.
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The speed at which these waves travel is known as the Alfvén speed,

vA =
B0

(µρ0)1/2 . (2.2.7)

Longitudinal waves generated as a result of magnetic pressure propagate across the magnetic

field also travel at this speed.

If the magnetic field is dominant over the equilibrium, the plasma pressure and conse-

quently the sound speed are set to zero along with any gravitational forces. Equation 2.2.5,

with the substitution of Equation 2.2.6, then becomes,

ω
2v1 = {k× [k× (v1 × B̂0)]}× B̂0v2

A . (2.2.8)

where B̂ is the unit vector of the magnetic field. This can be expanded using vector identities

and put in terms of the angle between the direction of propagation and the magnetic field, θB

to give,

ω
2v1/v2

A = k2 cos2
θBv1 − (k ·v1)k cosθBB̂0 +[(k ·v1)− k cosθB(B̂0 ·v1)]k . (2.2.9)

Taking the scalar product of Equation 2.2.9 with B̂0 gives,

B̂0 ·v1 = 0 , (2.2.10)

and taking the scalar product of Equation 2.2.9 with k yields a relationship between wavenum-

ber and wave frequency,

(ω2 − k2v2
A)(k ·v1) = 0 . (2.2.11)

Two solutions can be found to this equation depending on whether the wave is incompressible

or compressible. In the case of an incompressible wave, (k ·v1) = 0, Equation 2.2.11 reduces
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to the dispersion relation,

ω = kvA cosθB . (2.2.12)

Such perturbations are known as Alfvén waves. Their phase speed, vph = ω/k = vA cosθB,

is equal to the Alfvén speed for waves propagating along the magnetic field but waves

perpendicular to the magnetic field fail to propagate at all. Although the individual waves

may propagate at any inclination to the magnetic field other than perpendicular, the group

velocity, vg = vAB̂0, always travels along the magnetic field. As a consequence of this,

Alfvén waves only transport energy along the magnetic field. From an observational point of

view, the incompressible nature of these waves means that they frequently go undetected as

the plasma density and pressure are left unaffected by their passage. As such, they remain

fairly elusive although thought to be a key component to atmospheric heating.

For compressible waves, where (k ·v1) ̸= 0, the solution is more complex. In this scenario,

the plasma pressure and thus the sound speed cannot be ignored. In a similar manner to the

incompressible case, a dispersion relation is derived for compressible waves,

ω
4 −ω

2k2(c2
s + v2

A)+ c2
s v2

Ak4 cos2
θB = 0 , (2.2.13)

or in terms of the phase speed,

v4
ph − v2

ph(c
2
s + v2

A)+ c2
s v2

A cos2
θB = 0 . (2.2.14)

This yields two distinct solutions for magnetoacoustic waves, the fast magnetoacoustic wave

and the slow magnetoacoustic wave,

v2
f ast =

1
2
(c2

s + v2
A)+

1
2
(c4

s + v4
A −2c2

s v2
A cos2θB)

1/2 (2.2.15)
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v2
slow =

1
2
(c2

s + v2
A)−

1
2
(c4

s + v4
A −2c2

s v2
A cos2θB)

1/2 (2.2.16)

The re-introduction of plasma pressure allows the plasma-β to be written in terms of cs and

vA,

β =

(
2
γ

)
c2

s

v2
A
. (2.2.17)

First we will discuss only the low-β scenario. In a strongly magnetic plasma, β ≪ 1 and so

cs ≪ vA resulting in phase speeds,

v f ast = vA (2.2.18)

vslow = cs cosθB . (2.2.19)

These relationships illustrate that the fast magnetoacoustic wave lacks θB dependency and

can propagate isotropically whilst the slow magnetoacoustic phase speed couples to the

sound speed when θB = 0. When the direction of propagation is parallel to the magnetic field

(k ∥ B0, θB = 0),

v f ast = vA (2.2.20)

vslow = cs , (2.2.21)

and when the direction of propagation is perpendicular to the magnetic field (k ⊥ B0,

θB = π/2),

v f ast =
√

v2
A + c2

s ≃ vA (2.2.22)

vslow = 0 . (2.2.23)
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The fast mode phase velocity is dependent on θB but in the low-β regime it becomes

approximately equal to the Alfvén speed in all directions. As θB approaches π/2, the phase

velocity for the slow mode approaches zero but the phase velocity component along the field

(ω/[k cosθB]) approaches what is known as the tube speed, cT ,

ω

k cosθB
=

vAcs

(v2
A + c2

s )
1/2 ≡ cT , (2.2.24)

representing the group velocity of the slow mode and the speed of propagation of slow mode

surface or body waves in a tube.

Although not pertinent to this thesis, in the interest of completeness we will briefly

address the high-β regime. When β ≫ 1 so that c2
s/v2

A ≫ 1, the following phase speeds are

derived,

vslow = vA cosθB (2.2.25)

v f ast = cs . (2.2.26)

The slow mode phase speed approaches vA for waves propagating along the magnetic field

but does not propagate perpendicular to the magnetic field whereas the fast-mode propagates

isotropically at the sound speed.

In this section, three wave modes have been defined in a uniform plasma under ideal

MHD conditions, the slow magnetoacoustic mode, fast magnetoacoustic mode and Alfvén

mode. A summary of the phase speeds for each mode is laid out in Table 2.1. Alfvén and

slow magnetoacoustic waves favour travelling in the direction of the magnetic field and

do not propagate perpendicularly to the magnetic field. On the other hand, fast magnetoa-

coustic waves are considered to be isotropic and propagate in all directions. The Alfvén

wave is incompressible, relying on only magnetic tension as a restoring force whereas the

magnetoacoustic waves encompass plasma and magnetic pressure as well.
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β ≫ 1 β ≪ 1

k ∥ B0 Alfvén wave, vph ∼ vA Alfvén wave, vph ∼ vA
k ·v = 0

k ⊥ B0 Alfvén wave, vph = 0 Alfvén wave, vph = 0

Fast wave, vph ∼ cs Fast wave, vph ∼ vA
approx. isotropic approx. isotropic

k ∥ B0
Slow wave, vph ∼ vA Slow wave, vph ∼ cs

k ·v ̸= 0
Fast wave, vph ∼ cs Fast wave, vph ∼ vA

k ⊥ B0 approx. isotropic approx. isotropic

Slow wave, vph = 0 Slow wave, vph = 0

Table 2.1 Summary table for phase speeds of MHD waves in a uniform magnetised plasma for
compressible and incompressible waves with propagation directions parallel and perpendicular to the
magnetic field direction. Adapted from Jess et al. (2015).

2.2.3 Waves in Magnetic Flux Tubes

In the solar atmosphere, we frequently come across magnetic flux tube structures such as

sunspots, pores and coronal loops. These structures can be visualised as a bundle of magnetic

field lines with an approximately cylindrical shape. The more complex geometry in magnetic

flux tubes generates novel configurations of the magnetoacoustic modes. Four formulations,

the sausage mode, kink mode, surface mode and body mode were derived by Edwin & Roberts

(1982, 1983). In this section, we consider the major aspects of the derivation. We begin

with a uniform, untwisted, infinite cylinder with a constant internal magnetic field of Bi and

radius r = a surrounded by a constant external magnetic field of Be. Both magnetic fields are
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Fig. 2.1 Magnetic flux tubes containing surface and body mode waves with vertical arrows indicating
the magnetic field. The surface plots (shaded upper images) show the spatial structure of the pressure
perturbation amplitude. The wave power is demonstrated in 2-D by the multi-coloured disks. The
body mode (left) is maximal at the centre of the flux tube with the power decaying towards the
boundary. Alternatively, the surface mode (right) is maximal at the boundary of the flux tube. Periodic
variations in pressure and area indicative of sausage mode waves are depicted by the arrows at the
bottom. Image from Keys et al. (2018).

Fig. 2.2 Diagrams illustrating the magnetoacoustic sausage and kink modes in a magnetic flux tube.
Magnetic field is denoted by their vertical arrows. The red lines indicate the perturbed flux tube
boundary. Left: the sausage mode oscillation which has n = 0 shows axisymmetric contraction and
expansion of the flux tube. Right: the kink mode oscillation has n = 0 and is characterised by a
transverse displacement of the flux tube that is not axisymmetric. Image taken from Morton et al.
(2012)
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oriented parallel to the cylinder such that,

B0 =


Bi = Biẑ, r < a

Be = Beẑ, r > a
(2.2.27)

The pressure and density inside the cylinder are pi and ρi, outside the cylinder pe and ρe.

Stemming from the momentum equation (Equation 2.1.31), the requirement of magnetostatic

balance can be derived,

∇

(
p0 +

B2
0

2µ0

)
= 0 . (2.2.28)

To preserve total pressure balance, this simplifies to,

pi +
B2

i
2µ0

= pe +
B2

e
2µ0

. (2.2.29)

Combining Equation 2.2.29 with the ideal gas law, the densities are then related by,

ρe

ρi
=

c2
s +

1
2γv2

A

c2
se
+ 1

2γv2
Ae

, (2.2.30)

where cse and vAe denote the sound and Alfvén speeds outside the flux tube (r > a).

The dispersion relations for waves in a magnetic flux tube are,

miρe(k2
z v2

Ae −ω
2)

Kn(mera)

K′
n(mera)

= meρi(k2
z v2

A −ω
2)

In(mira)

I′n(mira)
, (2.2.31)

for m2
i > 0 and,

n0ρe(k2
z v2

Ae −ω
2)

Kn(mera)

K′
n(mera)

= meρi(k2
z v2

A −ω
2)

Jn(n0ra)

J′n(n0ra)
, (2.2.32)
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for −m2
i = n0 > 0, where,

m2
i =

(k2
z c2

s −ω2)(k2
z v2

A −ω2)

(v2
A + c2

s )(k2
z c2

Te
−ω2)

, (2.2.33)

m2
e =

(k2
z c2

se
−ω2)(k2

z v2
Ae
−ω2)

(v2
Ae
+ c2

se
)(k2

z c2
Te
−ω2)

, (2.2.34)

are the internal and external fradial wavenumbers, n is the azimuthal wavenumber and kz is

the longitudinal wavenumber. In, Jn and Kn are Bessel functions of the order n with their

derivatives denoted by I′n, J′n and K′
n. A full description of this derivation can be found in

Edwin & Roberts (1983); Roberts (2019). The m2
i < 0 case describes the surface mode,

where the maximum amplitude of the waves occurs at the cylinder boundary. The majority

of the wave power for this mode is exhibited close to the interface between the flux tube

and the surrounding plasma. In contrast, m2
i > 0 denotes the body mode which reaches a

maximum at the centre of the flux tube. A visual comparison of these two wave modes is

seen in Figure 2.1. Both body and surface mode oscillations are confined to within the tube

boundary but disturb the surrounding plasma by an exponential tail which extends out to a

distance on the order of m−1
e (Roberts, 2019).

A further distinction can be made for different values of n in the dispersion relation.

The n = 0 regime relates to sausage mode waves whilst n = 1 gives a kink mode wave.

Sausage modes are identified by a periodic and axisymmetric expansion and contraction of

the flux tube’s cross-sectional area (see Figure 2.2), their name coming from the similarity

to links of sausages. These waves cause a periodic compression and rarefaction of both the

plasma and magnetic field. Conversely, kink modes are characterised by periodic transverse

displacements of the flux tube. The kink mode is the only mode whose displacement is not

symmetric about the flux tube axis.
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This chapter has given a general introduction to the various MHD wave modes and the

mathematical theory behind them. The solar atmosphere is full of MHD wave signatures that

can be studied through high spatial and temporal resolution observations. In Chapters 5 and

6, the reader will get a direct look at the practical aspect of how these waves are observed in

magnetic flux tubes and what we can learn from them.



3
S P E C T RO P O L A R I M E T R I C I N V E R S I O N S

Measurement of atmospheric parameters on Earth is relatively straightforward with the use of

in situ measurement tools such as barometers, thermometers and wind dials. Unfortunately,

it is not possible to send instruments such as these into the solar atmosphere to get direct

measurements of the Sun’s physical conditions. Instead, plasma parameters must be inferred

from the signals we receive from the Sun in the form of electromagnetic (EM) radiation

(light). As a consequence of this, uncertainties arise due to a combination of the need to

make assumptions and instrumental restrictions. A variety of techniques for inferring plasma

parameters exist, ranging from simply evaluating the shapes of spectral lines to more complex

methods involving polarimetry which will be discussed in this chapter.

As mentioned in Section 1.1.3, absorption lines are formed when the photons emitted

from the solar surface interact with other atoms, molecules and ions on their way through the

solar atmosphere. An atom can absorb a photon if that photon has an energy equal to the

difference between two energy states of the atom. In the most simple case, an electron in

the atom will be excited to a higher energy state before dropping back down to its original

state and emitting a photon with the same energy as the incident photon. In reality it is not

always this straightforward. For example, the electron may drop down to a different energy

state, emitting a photon with an energy that differs from the incident photon. However, here

we will focus on the resonant case. The emitted photon is usually emitted in a different
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Fig. 3.1 Simplistic visualisation of an electromagnetic wave. The electric field (red) oscillates
perpendicularly to the magnetic field (blue) in an homogeneous, isotropic medium. The direction of
propagation is marked by the long black arrow. Image courtesy of Anon (2022)

direction to the incident photon, resulting in dark lines in the spectrum known as absorption

lines. These lines will appear at discrete wavelengths that can be linked to a specific atom

or molecule. This is particularly useful as specific atoms, molecules and ions will exist at

different heights in the solar atmosphere due to the changes in temperature and pressure.

Therefore by looking at different absorption lines, it is possible to probe different layers of

the solar atmosphere. However, to gain a better understanding it is necessary to examine the

polarisation of the emitted light.

3.1 P O L A R I S E D L I G H T

EM waves consist of two perpendicular fields, electric and magnetic. As demonstrated in

Figure 3.1, in an homogeneous, isotropic medium, these fields oscillate perpendicularly to

the direction of travel and to one another. Polarisation is concerned with the orientation of

the electric vector only. This electric vector consists of a component in the x-direction and a
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component in the y-direction with the wave travelling in the z-direction such that,

Ex = E0x cos(ωt −φ1) (3.1.1)

Ey = E0y cos(ωt −φ2) , (3.1.2)

where E0x and E0y are the amplitudes of each wave component and φ1 and φ2 are their

corresponding phases. Consider an electric vector propagating in the z direction. If the two

components are in phase, φ1 = φ2 = 0, the electric vector will trace out a straight line in the

x-y plane and Equations 3.1.1 and 3.1.2 become,

Ex = E0x cosωt (3.1.3)

Ey = E0y cosωt . (3.1.4)

In this scenario, the light can be described as being linearly polarised with the orientation

of the electric vector dependent on the amplitudes of each wave component. If the two

components are out of phase with one another by π/2 radians, the electric vector will trace

out a circular path in the x-y plane. If φ1 = 0 then φ2 =±π/2 and the electric components

can be written,

Ex = E0x cosωt (3.1.5)

Ey =±E0y sinωt . (3.1.6)

Here, the light can be described as being circularly polarised. Light can be right-hand

circularly polarised (RHC) or left-hand circularly polarised (LHC) depending on the motion

of the path. Considering the case where the vector is propagating towards the observer, RHC

corresponds to a counter-clockwise motion whereas LHC corresponds to a clockwise motion.

For phase differences other than these, an elliptical path will be traced out in the x-y plane.
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The polarisation states of EM radiation can be described in terms of 4 intensity parameters

called Stokes parameters, that can be combined to give the Stokes vector S⃗,

S⃗ =



I

Q

U

V


=



E2
0x +E2

0y

E2
0x −E2

0y

2E0xE0y cosθ

2E0xE0y sinθ


=



Intensity

I(0◦)− I(90◦)

I(45◦)− I(135◦)

I(RHC)− I(LHC)


(3.1.7)

The Stokes vector is comprised of unpolarised, partially polarised and fully polarised light

with the 4 parameters I, Q, U and V corresponding to different polarisation states. I corre-

sponds to the total intensity as a function of wavelength, Q and U correspond to the intensity

of linearly polarised light and V corresponds to the intensity of circularly polarised light.

More specifically, Q is the difference in intensity between horizontal and vertical linear

polarisation, U is the difference in intensity between linear polarisation at ±45° and V is the

difference in intensity between RHC and LHC polarisation.

Polarisation can be introduced to unpolarised light by way of various processes. In the

case of the Sun, the generated light is mainly unpolarised but we observe a combination of

unpolarised and polarised light, meaning that it must have been subjected to some kind of

polarisation process along the way. By studying these polarisation signatures, we can learn

about about the physical properties of the solar atmosphere. The majority of polarised light

emitted from the Sun is due to solar magnetic fields. An important consequence of these

magnetic fields is the Zeeman effect, which describes how a magnetic field can cause the

splitting of atomic or molecular energy levels into different magnetic sub-levels. If an energy

level has a total angular momentum, J, it will split into (2J+1) sub-levels. The splitting is

dependent on the magnetic field strength and the Landé g-factor of the level, gL (Trujillo

Bueno, 2005). The transitions between sub-levels are known as Zeeman components and

come in three categories, π , σred and σblue.
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Fig. 3.2 Diagram illustrating the Zeeman splitting of an atomic level and how the polarisation of the
observed signal changes with differing magnetic field orientations. Note that the Stokes V profile
experiences a sign change depending on the direction of the magnetic field relative to the observer.
Similarly, the Stokes Q profile will change sign when the transverse field component is rotated by
±90°. Figure adapted from Trujillo Bueno (2005).

Depending on the orientation of the magnetic field in relation to the observer, each

Zeeman component is observed to a different degree. The linearly polarised π components

are not observable when the magnetic field is parallel to the line of sight of the observer.

Alternatively, the σred and σblue components can be either linearly or circularly polarised

depending on the line of sight of the observer. Two different effects arise as a result of

this, illustrated in Figure 3.2. The longitudinal effect occurs when the magnetic field is

oriented parallel to the line of sight. In this case, the atomic level appears to split into two
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separate circularly polarised σ components with opposite polarisation direction. Since Stokes

V corresponds to circularly polarised light, it exhibits a strong signal with a sign change

depending on the direction of the magnetic field. When the magnetic field is perpendicular

to the line of sight, we see the transverse effect. Here, the atomic level appears to split into

two separate linearly polarised σ components and a perpendicular π component. Linear

polarisation relates to Stokes Q and Stokes U so in this case they will have the strongest

signal.

The Hanle effect is another result of interactions between light and magnetic fields,

defined as the modification of the atomic-level polarization in the presence of a weak magnetic

field. A modification of the linear polarisation signals (Stokes Q and U) is produced, with

the linear polarisation being either created or destroyed depending on the system’s geometry.

The Hanle effect is sensitive to magnetic fields of only a few Gauss up to around 300 Gauss

(Ignace, 2003), making it useful for the study of weak magnetic fields where the transverse

Zeeman effect is not an effective diagnostic (Trujillo Bueno, 2005).

3.2 R A D I AT I V E T R A N S F E R E Q UAT I O N

A lot can be learned about the complex physical interactions in the solar atmosphere through

observed Stokes profiles. The radiative transfer equation (RTE), which concerns the transport

of electromagnetic radiation through the Sun’s atmosphere, relates the observed Stokes

profiles to physical atmospheric parameters. As radiation travels through the atmosphere, it

will be affected by various processes such as absorption, scattering and emission. Following

the description laid out by Borrero & Ichimoto (2011), the RTE equation is given by,

dIλ (X[τc])

dτc
= K̂λ (X[τc])[Iλ (X[τc])−Sλ (X[τc])] , (3.2.1)
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where Iλ (X[τc]) is the Stokes vector S⃗ at a given wavelength, λ . τc is continuum optical

depth, Sλ (X[τc]) is the source function and K̂λ is the propagation matrix. The source function

contributes only to Stokes I as it is non-polarised. The final term, X, represents the various

physical parameters describing the solar atmosphere and is a function of optical depth,

X(τc) = [B(τc),T (τc),Pg(τc),Pe(τc),ρ(τc),Vlos(τc),Vmic(τc),Vmac(τc)] , (3.2.2)

including the magnetic field vector (B), temperature (T ), gas pressure (Pg), electron pressure

(Pe), density (ρ), line-of-sight velocity (Vlos), microturbulent velocity (Vmic) and macroturbu-

lent velocity (Vmac). The RTE has a formal solution of the form,

Iλ (X[τc]) =
∫

∞

0
Ox(X[τc])K̂λ (X[τc])Sλ (X[τc])dτc , (3.2.3)

where Ox(0,τc) is the evolution operator.

To solve the RTE analytically, the physical atmospheric parameters must be known. When

it comes to solar observations, the atmospheric parameters are unknown but the observed

Stokes profiles are known. The physical parameters of the solar atmosphere can be inferred

at a variety of optical depths by inverting the RTE and solving for observed Stokes profiles.

The process is not trivial and numerous methods have been designed over the years for

this purpose, generally referred to as solar inversion codes. Solar inversion codes produce

synthetic Stokes profiles with known plasma parameters for comparison with observed

Stokes profiles. By minimising the difference between the observed and synthetic profiles,

the ‘real’ plasma parameters are inferred. The synthetic profiles are usually perturbed in a

iterative manner, ranging from simple trial and error to more advanced methods which will

be discussed here.

The Milne-Eddington approximation is one of the simplest inversion methods. For this

approximation the source function is assumed to depend linearly on the continuum optical
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depth such that,

S = (S0 +S1τc)e0 , (3.2.4)

where e0 ≡ (1,0,0,0)⊺ and all other physical parameters are assumed to remain constant

throughout, meaning that the propagation matrix is also constant. Under these assumptions,

the RTE has an analytical solution of,

I(0) = (S0 +K−1S1)e0 , (3.2.5)

for Stokes I at an optical depth τc = 0. This type of inversion is very quick to run but does

not give height stratified atmospheric parameters and is unable to reproduce line asymmetries

which can be caused by gradients and discontinuities in the magnetic field vector and line-of-

sight velocity. Problems also arise when trying to evaluate multiple line profiles with differing

formation heights and therefore very different conditions. Despite this, the Milne-Eddington

inversions has been shown to be useful for inferring average values of the magnetic field and

line of sight velocity (Skumanich & Lites, 1987). For this reason, Milne-Eddington inversion

codes such as the Very Fast Inversion of the Stokes Vector inversion code (VFISV; Borrero

et al., 2011) are still used.

A step up in complexity from the Milne-Eddington approximation is the approximation

of Local Thermodynamic Equilibrium (LTE) which treats intensity emission as a blackbody

source. This method assumes that the populations of the energy levels of the atoms depend on

the local values of temperature and density only and are evaluated using the Boltzmann and

Saha laws of thermodynamic equilibrium (del Toro Iniesta & Ruiz Cobo, 2016). If Kirchoff’s

law is assumed (Landi Degl’Innocenti & Landolfi, 2004), the source function reduces to:

S = (Bν(T ),0,0,0)T , (3.2.6)
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where Bν(T ) is the Planck function at local temperature. Following this approach, the

synthesis of Stokes profiles is simplified considerably. The LTE assumption is only applicable

when the mean free photon path is small in comparison to the scale over which the physical

quantities vary. Therefore, this approximation is best used for photospheric lines as the

transition into the more diffuse chromosphere means that these assumptions are no longer

valid. An example of an inversion code using the LTE approximation is the Stokes Inversion

based on Response functions (SIR; Ruiz Cobo & del Toro Iniesta, 1992), discussed in more

detail in Section 3.3. Such inversion codes can be used to infer the local plasma parameters

as a function of optical depth.

Moving beyond LTE, the Non-Local Thermodynamic Equilibrium (NLTE) problem takes

into account the non-local interaction between matter and light and is the most complex

inversion method. The populations of the energy levels of the atoms are obtained by solving

the Statistical Equilibrium Equations which depend on the solution of the RTE, and vice-

versa. This is a complex non-linear problem that does not have an analytical solution.

Inversion codes such as the NLTE Inversion Code based on the Lorien Engine (NICOLE;

Socas-Navarro et al., 2015) have been written to perform spectral inversions under this

approximation. A model atmosphere is created with parameters as a function of optical depth

to be used as a starting point for achieving a fit to the observed Stokes profiles. The NLTE

method is generally the most accurate of all the methods discussed here, although a great deal

of computer processing time can be required to achieve a solution. However, this method is

useful for studying the diffuse solar chromosphere.

3.3 S I R

The Stokes Inversion based on Response functions (SIR; Ruiz Cobo & del Toro Iniesta,

1992, 2012) code was created for the synthesis and inversion of spectral lines in the presence
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of magnetic fields under LTE conditions. The aim of this code is to obtain full height

stratification of the physical plasma parameters through the evaluation of Zeeman-induced

polarisation and all four of the Stokes parameters (I, Q, U and V). As suggested by the

name, SIR is based on the use of so called response functions (RFs). Qualitatively, RFs

can be considered as a measure of how sensitive a Stokes parameter is to changes in the

atmospheric parameters. The explicit expressions of the RFs can be derived following the

nomenclature defined by Ruiz Cobo & del Toro Iniesta (1994). Beginning with a set of

physical parameters, xi(τ) which define the absorption matrix, K, and source function, S,

consider small perturbations in the physical parameters ∂xi(τ). These small perturbations

introduce changes to K and S,

∂K(τ) =
m

∑
i=1

∂K
∂xi

∂xi(τ) , (3.3.1)

and

∂S(τ) =
m

∑
i=1

∂S
∂xi

∂xi(τ) , (3.3.2)

where i = 1,2, ...,m are physical parameters. This results in changes to Stokes I and, neglect-

ing second order terms, the RTE can be rewritten as,

d∂ I
dτ

= K(∂ I−S∗) , (3.3.3)

where

S∗ = ∂S−K−1
∂K(I−S) . (3.3.4)

Equation 3.3.3 is analogous to Equation 3.2.1 and so the solution is given by,

∂ I(0) =
∫

∞

0
O(0,τc)K(τc)S∗(τc)dτc , (3.3.5)
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or in terms of RFs,

∂ I(0) =
m

∑
i=1

∫
∞

0
Ri(τ)∂xi(τ)dτ , (3.3.6)

where Ri is the RF of the Stokes vector to perturbations in the atmospheric parameter, xi.

From Equations 3.3.5 and 3.3.6, it can be seen that for a given wavelength, variations in

observed Stokes profiles can come as a result of perturbations of the atmospheric parameters

at different optical depths.

By finding a solution to the RTE assuming LTE, SIR produces synthetic Stokes profiles

with the goal of matching them to the observed Stokes profiles. The inversion is based on

the minimisation of the χ2 merit function to quantify the quality of the reproduced Stokes

profiles (Isyn) in comparison with the observed Stokes profiles (Iobs). This χ2 function is

defined as,

χ
2 ≡ 1

v

4

∑
k=1

M

∑
i=1

[
Iobs
k (λi)− Isyn

k (λi)
]2 w2

ki

σ2
ki
, (3.3.7)

where k = 1,2,3,4 refers to the 4 Stokes vectors, i = 1,2, ...,M samples the wavelengths that

have been measured and σki are the uncertainties in the observed spectra. The number of

degrees of freedom, v, is equal to the number of observables minus the number of parameters

to be inverted. The Stokes parameters are weighted by a factor, w2
ki, specified by the user

depending on the type of region being observed. Minimisation of the merit function is

carried out by iteratively modifying the initial model atmosphere provided by the user. Since

Isyn has a non-linear dependence on the physical atmospheric parameters, a Levenberg-

Marquadt algorithm (Levenberg, 1944; Marquardt, 1963) is implemented which uses the

partial derivatives of χ2 with respect to the model parameters. These partial derivatives can

be expressed in terms of RFs, hence the name of the inversion code (Ruiz Cobo & del Toro

Iniesta, 1992). The iterative process of perturbing the model continues until the decrease in

χ2 is negligible.

The number of free parameters is minimised to reduce the computational complexity of

the inversion. In order to do so, the perturbations of the model parameters are calculated only
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Fig. 3.3 Example node locations in optical depth for the particular case of temperature. The nodes
are placed equidistantly along logτ as shown. A step size of ∆ logτ = 0.5 is used for 8 nodes. For 3
nodes, perturbations are made at logτ =−5.0,−1.5 and 2.0. With 2 nodes, perturbations are made at
logτ =−5.0 and -2.0. Image from the SIR manual (Ruiz Cobo & del Toro Iniesta, 2012).

at set points in optical depth called nodes, shown in Figure 3.3. The user provides the desired

number of nodes for each free parameter and the optical depth location is calculated. The

perturbations in the remaining points between nodes are approximated by interpolation of

the node perturbations. If there is only one node, the perturbation is added to the parameter

at all optical depths. For 2 nodes, a linear interpolation is applied and for 3 nodes, either a

linear or parabolic interpolation is used. If there are 4 or more nodes, a linear or cubic-spline

interpolation can be used. A set of iterations performed whilst keeping the same node

configuration is called a cycle. SIR can perform multiple cycles, the number of which can be

specified, with varying node configurations to arrive at a final solution.

Estimated errors are also computed for the inferred atmospheric parameters. The weighted

square difference between observed and synthesised parameters can be derived from Equa-
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tion 3.3.7 as,

∑
i,k

∂ I2
ki

w2
ki

σ2
i
= vχ

2 , (3.3.8)

where ∂ Iki is the difference between the observed and synthetic Stokes profiles. If there are

m parameters being inverted and each one is responsible for a fraction 1/m of the observed

differences ∂ I2
ki, a set of perturbations can be defined, ∂x(τ), to the parameters that minimises

χ2. According to Equation 3.3.6,

∂ Iki√
m

= Rx,k(λi,τ)∂x(τ)∆τ , (3.3.9)

which leads to,

σ
2
x(τ) ≡ [∂x(τ)]2 =

vχ2

m(∆τ)2 ∑i,k R2
x,k(λi,τ)w2

ki/σ2
i
. (3.3.10)

It is assumed that the model parameters are independent of one another and changes in one

parameter will not influence the others. Uncertainties are inversely proportional to the RF

to changes in parameters. This means that parameters that have a smaller influence on the

Stokes profiles will have the largest uncertainties.



4
I N S T RU M E N TAT I O N

Since the invention of the telescope in the 17th century, the field of observational astronomy

has grown considerably thanks to recent technological advancements. In the solar community

alone, there is now a huge variety of observing suites to choose from, with purpose built

instruments designed to focus on specific scientific objectives. The most in-depth studies

often combine multiple telescopes and instruments to probe various layers of the solar

atmosphere or different observables simultaneously, revealing key information about the

plasma conditions. Observations can be ground-based, meaning the telescope is situated

on Earth, or space-based, where the telescope is launched beyond the Earth’s atmosphere.

This chapter will discuss the merits and limitations of each of these types of observation and

describe the instruments used in the context of this thesis.

4.1 G RO U N D B A S E D O B S E RVAT I O N

At present, ground based observatories are largely favoured due to their accessibility in

comparison to their space borne counterparts. The cost of constructing a ground based

facility is generally much lower and performing required maintenance is straightforward.

Although we have developed advanced technology to reliably launch satellites into space, it is

still very expensive and problems arise when it comes to repairs and upgrading. Additionally,



4 . 1 G RO U N D B A S E D O B S E RVAT I O N 70

with ground based facilities one has immediate direct access to any data produced as it will

be stored on site, removing any complications with data streams from a satellite.

The biggest challenges with ground based observing arise as a result of the turbulent

atmosphere of the Earth. The path of a photon emitted by the Sun experiences distortion

upon traversing the Earth’s atmosphere, known as seeing effects. This is observed as a degra-

dation to the image in the form of blurring or distortion. The atmosphere is inhomogenous

and exhibits small variations in temperature and density, leading to turbulent airflows and

variations in the refractive index. Turbulence is a complex problem in fluid dynamics and

accurately modelling it proves very difficult. The Kolmogorov model, based on the studies

of Andrey Kolomogorov (Kolmogorov, 1941), is popular for describing turbulence in the

context of astronomical imaging. The model assumes that turbulence is caused by variations

in the refractive index of the atmosphere. This effect is quantified by the Fried parameter, r0,

given by,

r0 =

[
0.423k2

∫
Path

C2
n(z)dz

]−3/5

, (4.1.1)

where k is the wavenumber, C2
n(z) is the atmospheric turbulence strength and z is the photon

path. The Fried parameter describes the quality of optical transmission through the Earth’s

atmosphere and a larger r0 value indicates better seeing conditions. A typical r0 value for

ground based observing is ∼ 10 cm at a wavelength of 500 nm (Irbah et al., 2016). The

wavelength dependence of the Fried parameter means that it varies such that r0 ∝ λ 6/5,

meaning that longer wavelengths are less susceptible to turbulence than shorter wavelengths.

To help mitigate the effects of the Earth’s atmosphere, ground based telescopes are usually

situated in specific locations. Observatories are often found a high altitudes, where there is a

shorter column of atmosphere for the photons to travel through. Areas with high levels of

precipitation are avoided and laminar wind flows are preferred. However, these measures are

only capable of improving things so far. Additional improvements can be made through the

use of technology such as adaptive optics (AO). AO is used to reduce the effect of seeing by
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compensating for incoming wavefront distortions caused by turbulence. The resolution of an

optical system under ideal conditions can be defined by the Rayleigh criterion,

α = 1.22
λ

D
, (4.1.2)

where D is the aperture size and α is the minimum resolvable angle in radians. This is

known as the diffraction limit. For example, the Dunn Solar Telescope (described in more

detail in Section 4.1.1) has an aperture size of 0.76 m, giving a diffraction limited resolution

of ∼ 0.17′′ at a wavelength of 500 nm. This resolution is difficult to achieve with ground

based observing due to atmospheric seeing effects, with typical resolutions of only ∼ 1′′

achievable without AO. But, with the addition of AO, it is possible to at least approach the

diffraction limit. When a beam of light travelling through a vacuum meets a medium with

constant refractive index, its speed will be uniformly altered. However, if that medium has

a non-uniform refractive index, the beam speed will be altered non-uniformly, leading to

different parts travelling at different velocities and reaching the detector at different times.

The role of the AO is to correct for this by interpreting the shape of the distorted wavefront

and restore it by applying an opposite cancelling distortion, often using a deformable mirror.

The AO must constantly re-evaluate the atmospheric conditions and make live adjustments to

continuously correct the wavefronts.

4.1.1 Dunn Solar Telescope

Having addressed the various pros and cons of ground based observing, we will now focus on

the main observatory used for the collection of the data included in this thesis. The Richard

B. Dunn Solar Telescope (DST, see Figure 4.1), previously known as the Vacuum Tower

Telescope, was constructed in 1969 and was the best of its kind at the time. The observing

facility sits at an elevation of 2800 m on Sacramento Peak, New Mexico at the Sunspot Solar
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Fig. 4.1 The Richard B. Dunn Solar Telescope, Sacramento Peak, New Mexico. Image credited to
NSO.

Observatory and was managed by the National Solar Observatory (NSO). Over the years,

the DST has allowed solar astronomers to gain insight into the inner workings of the Sun

through high-definition imaging and spectroscopy.

The telescope itself consists of 3 principal mirrors and is over 100 m in length, only

41.5 m of which is above ground. The visible portion is painted entirely white to limit the

amount of heating caused by incident sunlight and the surroundings. Sunlight enters at the

top through a 0.76 m diameter quartz window and is guided through the tower by a pair

of 1.1 m diameter mirrors acting as a heliostat to the primary 1.6 m diameter mirror at the

bottom. The beam is then reflected through an additional 0.6 m quartz window at ground

level to the optical laboratory, where it can be directed towards specific instruments. A

schematic of this optical system can be seen in Figure 4.2, giving a more detailed description

of the telescope structure. The entire optical system is suspended by a mercury float bearing,

with the total 250 ton weight of the telescope being supported by just 3 bolts. This means
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that constant observing is possible as the observation table can be rotated to compensate

for time-dependent image rotation. Additionally, the telescope has two AO systems to

help compensate for blurring due to the Earth’s atmosphere, including a Shack-Hartmann

wavefront sensor (Rimmele et al., 2004).

A range of wavelengths can be observed at the DST by using different filters and instru-

ments. Certain wavelength ranges are absorbed by the Earth’s atmosphere are not observable

from the ground including gamma, X-ray and ultraviolet. However, optical and certain

near-infrared wavelength ranges are easily observed and can provide useful information on

the various layers of the solar atmosphere. The main instruments at the DST are as follows:

The Facility InfrRred Spectropolarimeter (FIRS), the Spectro-POlarimeter for INfrared and

Optical Regions (SPINOR), the Interferometric BI-dimensional Spectro-polarimeter (IBIS)

and finally Rapid Oscillations in the Solar Atmosphere (ROSA). Each of these instruments

operates within a different wavelength range and evaluates the signal in a different way e.g.

imaging, polarimetry. The specific instruments used to obtain the data relevant to this thesis

will now be discussed in greater detail.

4.1.2 Facility Infrared Spectropolarimeter

The Facility InfraRed Spectropolarimeter (FIRS; Jaeggli et al., 2010) is an advanced multi-

slit, dual-beam imaging spectropolarimeter built by the University of Hawai’i in collaboration

with NSO. The instrument was designed to to provide diffraction-limited spectropolarimetry

of visible and infrared wavelengths simultaneously and had its first light in 2007. The main

target wavelengths are Fe I 6302 Å in the visible and He I 10830 Å or Fe I 15648 Å in

the infrared but other spectral lines can also be studied, examples of which are outlined

in Table 4.1. The wavelength coverage can be extended to the Ca II 8542 Å line through
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Fig. 4.2 Cross section schematic showing the optical path inside the Dunn Solar Telescope. Image
courtesy of NOIRLab/NSF/AURA.
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Spectral Line Wavelength (Å) Atmospheric Layer
Fe I 6302 Upper photosphere
Ca II 8542 Lower chromosphere
Si I 10827 Photosphere
He I 10830 Chromosphere
Fe I 15648 Lower photosphere

Table 4.1 A range of spectral lines that can be observed by FIRS, including wavelengths and estimated
atmospheric layers. Adapted from Jaeggli et al. (2010).

collaboration with the IBIS instrument. In the context of this thesis, the main line of interest

is the photospheric Si I 10827 Å line, used in Chapter 5 to observe a set of solar pores.

FIRS has with two separate arms (see Figure 4.3), one for visible wavelengths and one for

infrared wavelengths, allowing spectropolarimetry for both wavelength ranges to be obtained

at the same time without the need for switching filters. Additionally, FIRS has a slit unit

consisting of 4 parallel slits, enabling the instrument to image 4 separate areas simultaneously

and scan large areas of the solar disc more efficiently. This makes it a highly useful instrument

for studying rapidly evolving active regions. The AO system (Rimmele et al., 2004) gives

diffraction-limited resolution during times of good seeing and the corrected telescope beam

can be re-imaged for low (f/36, 174′′×75′′) or high resolution (f/108, 58′′×25′′) fields of

view. A 40 micron slit will give a sampling of 0.30′′ at f/36 and 0.10′′ at f/108.

Figure 4.3 shows the structure of the FIRS instrument and the path light takes within

it. The light passes through the slit to an off-axis parabolic mirror, which collimates the

beam before it reaches a large Echelle grating at a 63.5◦ blaze. An Echelle grating is a

type of diffraction grating which diffracts light and disperses the beam into its constituent

wavelengths. A diffraction grating consists of a series of triangular shaped steps with constant

spacing, d. The angle that each step makes with respect to the grating surface is known as the

blaze angle and in the case of an Echelle grating, this angle exceeds 45◦. This specific type

of diffraction grating makes use of high angles of incidence and therefore high diffraction

orders to achieve increased spacing of spectral features at the detector.
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Fig. 4.3 Diagram showing the optical path inside the FIRS instrument. Image from Jaeggli et al.
(2010)

Once the beam has been dispersed by the Echelle grating, it is refocused by the parabolic

mirror before travelling to the respective mirrors for the infrared and visible arms of the

instrument. The layout of the optics for each arm is identical from here on. The size

and focus of the beam is adjusted by 2 lenses, between which are 2 liquid crystal variable

retarders (LCVRs) that modulate the beam polarisation. Next is a dense wavelength division

multiplexing (DWDM) filter which is essentially a narrow band filter made especially for

each wavelength. This helps to avoid overlap between spectra from adjacent slits. The

final element, a Wollaston prism, is placed immediately before the focal plane to vertically

separate linearly polarised light into its orthogonal components.
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Data reduction for FIRS is carried out following the publicly available pipeline1 for the

reduction and processing of the raw data that the instrument produces. The user provides

FITS files, from which header information is extracted and written to a separate text file for

use in the rest of the reduction. Bias frames are subtracted, dark frames are used to correct

for thermal electron generation, and flat fields are applied to correct for pixel-level quantum

efficiency variations and large-scale optical throughput. Next, polarimetric calibration is

carried out to correct for any polarisation that has been induced by the telescope or the FIRS

instrument itself. The final step involves correcting a variety of aspects including crosstalk

between the Stokes parameters, CCD orientation and dark current (small electric currents

flowing through certain photosensitive devices), among others.

4.1.3 Interferometric Bidimensional Spectrometer

The Interferometric BIdimensional Spectrometer (IBIS; Cavallini, 2006), installed at the

DST in 2003, was built by The National Institute for Astrophysics (INAF) at the Arcetri

Observatory in Florence, Italy. IBIS is a high cadence, dual interferometer imaging spec-

tropolarimeter, with 2 Fabry-Pérot Interferometers (FPIs). This instrument was used to obtain

the Hα 6564 Å and Ca II 8542 Å sunspot observations presented in Chapter 6. Before

discussing IBIS specifically, a brief introduction to FPIs will be given.

FPIs can be thought of as tunable narrow-band filters and are used in solar telescopes

to produce 2D maps with full spectropolarimetry. For polarimetry, this system places a

polarising beam splitter close in front of the final focal plane which helps to reduce crosstalk

from atmospheric seeing (Scharmer, 2006). The setup of an FPI consists of an optical cavity

bounded by 2 partially transparent, partially reflective parallel plates (see Figure 4.4), with

1 The FIRS reduction pipeline can found at https://nso.edu/telescopes/dunn-solar-telescope/
dst-pipelines/

https://nso.edu/telescopes/dunn-solar-telescope/dst-pipelines/
https://nso.edu/telescopes/dunn-solar-telescope/dst-pipelines/
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Fig. 4.4 A typical Fabry-Pérot interferometer setup. The incident beam undergoes multiple reflections
between two partially transparent plates. Interference between reflected beams leads to peak transmis-
sion at certain wavelengths depending on the separation distance, d (Kuhn et al., 2014).

a reflectivity of R at separation d. Incident light on the first plate is partially reflected and

partially transmitted, with the transmitted light reaching the second plate and being partially

reflected back to the first plate, and so on. With each interaction, the light is split into multiple

beams with different optical path lengths.

Both constructive and destructive interference is caused between the multiple reflections

between the two plates. If the beams are in phase there will be constructive interference,

resulting in a high transmission peak. Destructive interference occurs when the beams are

out of phase, corresponding to a transmission minimum. For light of wavelength, λ and a

medium of refractive index, n, between the surfaces, the phase difference is,

δ = 2π · 2nd
λ

· cosα , (4.1.3)

where α is the angle between the propagation direction of the partial beams and the normal

in between the two plates. For constructive interference, the phase difference must be an
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integer multiplied by 2π which simplifies Equation 4.1.3 to,

mλ = 2nd cosα , (4.1.4)

where m is an integer given by the orders of interference. Assuming that the medium is air

(n = 1) and that α = 0, transmission peaks exist at wavelengths,

λ =
2d
m

. (4.1.5)

This equation shows that the transmitted wavelengths are depended on the distance between

the two plates. In an FPI, the separation distance can be tuned to transmit different wave-

lengths. In the context of solar astronomy, this allows for the study of different spectral lines

and thus different atmospheric layers.

There are three basic parameters that can be used to describe an FPI system: free spectral

range (FSR, ∆λ ), finesse (F) and spectral resolution (δλ ). The free spectral range is the

wavelength separation between adjacent constructive interference transmission peaks and

can be defined as,

∆λ ≈
λ 2

0
2nd cosα

, (4.1.6)

where λ0 is the central wavelength of the transmission peak. This describes the range of

wavelengths the FPI can measure without overlap between interference orders. The finesse

of the system is a measure of the number of interfering beams between the plates. A larger

finesse value indicates sharper transmission peaks due to a higher number of beams. The

finesse is related to the reflectivity of the plates and is commonly approximated as,

F =
π
√

R
1−R

, (4.1.7)
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Spectral Line Wavelength (Å)
Fe I 5343
He I D3 5876
Na I D2 5890
Na I D1 5896
Fe I 6173
Fe I 6302
Hα 6563
Ni I 6768
Fe I 7090
Fe II 7224
K I 7699
Ca II 8542

Table 4.2 Spectral line filters available for use with IBIS.

for R > 0.5. High reflectivity therefore results in a high finesse value. However, this comes at

the expense of overall transmission as the beams will be reflected more times before being

transmitted. Lastly, the spectral resolution is described by the full-width-half-maximum of

the transmission peaks and can be calculated using the previous parameters,

δλ =
FSR

F
. (4.1.8)

With the basics of FPIs covered, we can now discuss the specifics of the IBIS instrument

itself. IBIS has dual 50 mm diameter FPIs used in series and is optimised for measuring

wavelengths between 5800 and 8600 Å through the use of 2 narrow interference filters with

FWHMs of 3 and 5 mÅ. Light entering the instrument from the AO system is collimated

before reaching a filter wheel in between the FPIs. The filter wheel can hold up to 6

narrowband filters and the FPIs can be tuned rapidly to allow sequential scanning of multiple

lines at once. The full range of spectral line filters available is listed in Table 4.2, with

Hα 6564 Å and Ca II 8542 Å being most relevant to this thesis.
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IBIS scans a range of wavelengths around the central wavelength of the desired spectral

line, using equidistant or non-equidistant sampling for a number of wavelengths specified

by the observer. The use of non-equidistant sampling gives the user the ability to sample

wavelengths with less separation closer to the line core. This is beneficial as accurate

measurement of the Doppler sensitive line core is essential for measuring line of sight

velocities. IBIS adjusts the wavelength position by manipulating the spacing of the FPIs and

can generate 2D images using a fast acquisition system at rates of 8-14 frames per second,

depending on the number of wavelengths being sampled.

The IBIS field-of-view (FOV) is circular and extends to about 95′′ in diameter. The image

is inscribed onto 1000 × 1000 Andor iXon+ cameras with a pixel size of 0.098′′ × 0.098′′.

A blueshift is induced by the collimated mount which must be corrected for before the final

3D data cube, containing 2D maps for each wavelength position. This data can be used to

calculate and study intensities, velocities, line widths, etc across the entire field of view. IBIS

may also be used in spectropolarimetric mode by using a beam splitter, producing additional

Stokes parameter measurements but increase the cadence by a factor of 4. As with the FIRS

instrument, IBIS has a publicly available data reduction pipeline which follows a similar

method 2.

4.1.4 Rapid Oscillations in the Solar Atmosphere

Additional ground based observations by the Rapid Oscillations in the Solar Atmosphere

instrument (ROSA; Jess et al., 2010) at the DST are used in this thesis as contextual images of

the solar continuum in Chapter 5. For this reason, a brief overview of the instrument will be

given here. ROSA is a high cadence solar imaging instrument designed by the Astrophysics

2 The IBIS reduction pipeline can found at https://nso.edu/telescopes/dunn-solar-telescope/
dst-pipelines/

https://nso.edu/telescopes/dunn-solar-telescope/dst-pipelines/
https://nso.edu/telescopes/dunn-solar-telescope/dst-pipelines/


4 . 2 S PAC E B A S E D O B S E RVAT I O N 82

Research Centre at Queen’s University Belfast, Northern Ireland. Consisting of 6 separate

frame transfer Electron Multiplying Charge Coupled Device (EMCCD) cameras with 1004 ×

1002 pixels, ROSA can achieve cadences of over 30 fps along with a high spatial resolution

(spatial sampling of ∼ 0.07′′ per pixel). The total field of view is 69′′×69′′, equivalent to

around 50 200 × 50 100 km2 on the solar surface. Larger field of views can be obtained at

the expense of the spatial sampling.

Each of the 6 cameras can be operated with different bandpass filters, meaning that ROSA

can observe the Sun at up to 6 different wavelengths simultaneously. This multi-wavelength

capability combined with the high cadences and spatial resolution offered by ROSA facilitates

the study of highly dynamic solar phenomena and the effect they have on multiple layers of

the solar atmosphere. The combination of multiple cameras plus a high cadence means that

ROSA can produce approximately 12 TB of data every 8 hours of observing. To manage this,

each camera has a high-speed server and 1 TB of internal storage. Each server is equipped

with 8 high-speed hard drives to ensure safe and efficient transfer of data.

4.2 S PAC E B A S E D O B S E RVAT I O N

It has been established in previous sections that observing the Sun through the Earth’s

atmosphere puts certain constraints on the observers ability to study solar electromagnetic

activity in full. A space-borne telescope will not experience any of the difficulties associated

with atmospheric distortion and can observe high energy UV, EUV and X-rays emitted from

highly magnetically active regions such as solar flares. These wavelengths do not make it

through the Earth’s atmosphere and can’t be observed from the ground.

The first solar space telescopes were constructed and launched in the 1960s, beginning

with the American Orbiting Solar Observatory (OSO) Program unmanned satellites, whose

mission was to observe a full 11-year solar cycle in UV and X-ray wavelengths. Later, the
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Apollo telescope on the NASA space station, Skylab, attained UV and X-ray observations

revealing new information about the solar corona and confirmed the existence of coronal

holes. These early missions were proof of the true value of space based observations for solar

physics research.

Though space based telescopes can give invaluable insight into many phenomena oc-

curring in the solar atmosphere, they also have their limitations. The design, manufacture

and launch of a satellite is time consuming and comes with a high price tag, not to mention

the obvious risks associated with rocket-propelling an expensive piece of equipment into

space. Maintenance and repair of these facilities is virtually impossible once they have

been launched, although there have been rare cases of satellites being serviced (e.g. the

Hubble Space Telescope by the Space Shuttle). Factors such as increased shielding from

solar radiation must be considered, as well as limited data storage and the need to transmit

this data down to Earth.

Ground based observations play the most prominent part in the work presented in this

thesis. However, observations from space are used contextually and so a brief description of

the relevant instruments will be presented in the following sections.

4.2.1 Solar Dynamics Observatory

The Solar Dynamics Observatory (SDO; Pesnell et al., 2012) is a satellite mission by NASA,

launched in 2010 and placed in geosynchronous orbit. The geosyncronous orbit of the SDO

gives nearly continuous contact with a dedicated ground station and a high data rate. The

satellite set off with a science mission to study a wide range of solar phenomena, from sub-

surface to corona, across the solar disk. On board are 3 observing suites to help accomplish

this goal: the Helioseismic and Magnetic Imager (HMI), the Atmospheric Imaging Assembly

(AIA) and the Extreme ultraviolet Variability Experiment (EVE). Each of these instruments
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Fig. 4.5 Images of various layers of the solar atmosphere produced by the SDO using different
wavelengths. Each wedge shows a different wavelength and is labelled with the instrument used and
the central wavelength. Image courtesy of NASA.

observes the full solar disk, providing imaging in a considerable range of wavelengths (see

Figure 4.5) for study at various atmospheric heights.

4.2.2 Helioseismic and Magnetic Imager

The HMI instrument (Scherrer et al., 2012; Schou et al., 2012) is an upgraded version of the

Michelson Doppler Imager (MDI; Scherrer et al., 1995), on board the Solar and Heliospheric

Observatory (SOHO) and is led from Stanford University, California. It measures the

photospheric intensity, Doppler shift, LOS magnetic field and the vector magnetic field by

observing Fe I 6173 Å absorption line profiles and produces long sequence Dopplergrams

(velocity maps) and magnetograms (photospheric magnetic field maps). This is done by

combining 12 images of the solar disk with different combinations of wavelength tuning and
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Fig. 4.6 HMI magnetogram showing the magnetic field topology of the solar surface. Black regions
represent magnetic field lines pointing towards the observer whilst white regions represent magnetic
field lines pointing away from the observer. Image courtesy of NASA.

polarisation direction. HMI observations (magnetograms and continuum images) are utilised

for contextual information in Chapters 5 and 6.

The instrument setup includes a Lyot tunable filter along with two tunable Michelson

interferometers. Light is first passed through a 50 Å bandpass filter which blocks solar

emission at undesired wavelengths. The light remaining after passing through this filter is

then focused through a 14 cm aperture and reaches a polarising beam splitter. Next, the beam

is directed to the Lyot tunable filter and two Michelson interferometers. Once the beam has

passed through the filters, it is measured by two 4096 × 4096 CCD detectors which produce

images at a 4 second cadence each. Each camera has a specific purpose, the first provides

Doppler velocity and line-of-sight magnetic field sequences at a 45 s cadence whilst the

second provides vector magnetic field sequences at a 90s cadence.

The magnetograms produced by HMI are the most relevant to this thesis. Full disk

vector magnetogram data revealing the direction of the magnetic field on the Sun’s surface is
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Spectral Line Wavelength (Å) Atmospheric Region Char. log(T )
Fe XVIII 94 Flaring corona 6.8
Fe VIII, XX, XXIII 131 TR∗, flaring corona 5.6, 7.0
Fe IX 171 Quiet corona / Upper TR 5.8
Fe XII, XXIV 193 Corona / Hot flare plasma 6.2, 7.3
Fe XIV 211 Active region corona 6.3
He II 304 Chromosphere / TR 4.7
Fe XVI 335 Active region corona 6.4
C IV, Continuum 1600 TR / Upper photosphere 5.0
Continuum 1700 Photosphere 3.7
Continuum 4500 Photosphere 3.7
∗ TR = Transition region

Table 4.3 Spectral lines imaged by AIA, covering multiple layers of the solar atmosphere from
the photosphere to the corona and flaring regions. Also included are characteristic logarithmic
temperatures for the region being observed. Adapted from Lemen et al. (2012).

produced every 720 s with a spatial sampling of 0.5′′. An example of an HMI magnetogram

can be seen in Figure 4.6. Raw Stokes vectors are collected at 6 different wavelengths and

averaged into a 720 s data set. Milne-Eddington inversions are then computed using the

VFISV inversion code (Borrero et al., 2011), to produce values for photospheric magnetic

field strength, inclination angle and azimuth angle . These freely available magnetograms are

often used in conjunction with ground based observations to support results, as is the case in

Chapter 5 of this thesis. Contextual HMI continuum images are also utilised in Chapter 6.

4.2.3 Atmospheric Imaging Assembly

The Atmospheric Imaging Assembly (AIA; Lemen et al., 2012) is led from the Lockheed

Martin Solar and Astrophysics Laboratory (LMSAL). Focusing on the solar chromosphere

and corona, AIA takes full disk images at a 12s cadence in 7 EUV and 3 UV-visible channels

which together cover a wavelength range of 94 – 4500 Å (see Table 4.3). Examples of AIA

images at different wavelengths are shown in Figure 4.5.
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The instrument is made up of 4 f/20 dual-channel telescopes, each with their own 20 cm

primary mirror and active secondary mirror with coatings optimised for EUV wavelengths.

One telescope contains mirrors with one half 171 Å band pass coating and one half broad

band UV coating. At the focal plane of each telescope are 4096 × 4096 pixel CCD detectors,

with each 12 µm pixel corresponding to 0.6′′. A filter wheel mechanism, similar to IBIS, is

used to select the desired wavelength channel in 3 of the telescopes and a selector mechanism

is used in the other telescope. The shutter time is regulated through the use of a mechanical

shutter. Depending on the solar conditions, the cadence of the observations may be reduced

to as low as 2 s to accommodate for time sensitive events e.g. flare observations, with a

reduced field of view.

AIA observations are used in this thesis to gain contextual information on the upper layers

of the solar atmosphere in support of photospheric ground based observations. Specifically,

the 171 and 304 Å images are used to provide insight into how observed photospheric activity

connects to the chromosphere and corona in Chapter 5.



5
P H OT O S P H E R I C WAV E DY NA M I C S I N S O L A R P O R E S

This Chapter contains work presented in Gilchrist-Millar et al. (2021) and Riedl et al. (2021).

As discussed in Section 1.2, the composition of solar pores makes them ideal conduits for

transporting wave energy from the lower solar atmosphere upwards into higher regions. When

compared to sunspots, wave activity in these structures is further enhanced by their small

size that makes them more susceptible to external forces, which promotes more dynamic

wave generation (Sobotka, 2003). In this study, we utilise state-of-the-art spectropolarimetric

data of a unique solar pore grouping to further advance our understanding of MHD waves

in the lower solar atmosphere. We employ spectral line bisector methods to obtain height-

dependent velocities that allow us to detect the presence of waves, combined with high

precision inversion techniques to track the evolution of wave energy with geometric height.

5.1 O B S E RVAT I O N S

The data set presented in this study was acquired between 14:09 – 15:59 UT on 2016 July 12

with the FIRS instrument at the DST. The telescope was pointed towards the decaying active

region NOAA 12564, positioned at (−425′′, 98′′) in the solar heliocentric coordinate system,

or N10.4E27.5 in the conventional heliographic reference frame. A set of five solar pores

were contained within the field of view, positioned along a unique straight-line configuration.
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To cover all pores in a single exposure, the DST’s coude table was rotated so the FIRS slit

passed through the centre of each photospheric pore boundary.

FIRS was employed to obtain high-resolution spectropolarimetric measurements of the

photospheric Si I 10827 Å line, which has an associated Landé factor of geff = 1.5 (Shchukina

& Trujillo Bueno, 2019). The slit width corresponded to 0 .′′225 on the solar surface, while

the spatial sampling along the slit was 0 .′′15. The spectral sampling was 0.04 Å per pixel. To

increase the polarimetric signal to noise, each time step was the result of the integration of 12

consecutive modulation cycles leading to a 14.6 s cadence. The FIRS data was processed and

reduced using the FIRS pipeline. In total, 452 scan steps were obtained across the 110 minute

duration of the observing campaign. However, while the seeing conditions remained very

good overall, the final 20 minutes of the sequence suffered from periods of seeing degradation.

As a result, the data was cropped to the first 90 minutes, providing 355 high-quality spectral

scans for subsequent analyses.

Contextual vector magnetograms and continuum images from HMI were obtained to

assist with the co-alignment of our ground-based DST data. The VFISV algorithm was

applied to SDO/HMI vector data to provide vector magnetogram information to compare

with our subsequent FIRS inversions. Conversion of the heliocentric coordinates output by

the VFISV algorithm into heliographic projections that are parallel (Bx and By) and normal

(Bz) to the solar surface was performed using previously documented techniques (Gary &

Hagyard, 1990), allowing the true inclination angles of the magnetic fields, with respect to

the solar normal, to be uncovered (middle-right panel of Figure 5.1).

Alongside FIRS, the ROSA instrument was employed to capture simultaneous images

of the solar atmosphere through a collection of filters, including the 4170 Å broadband

filter used for cross-correlation coalignment with the data products from HMI/SDO. The

co-aligned fields of view are displayed in Figure 5.1. Additional images from AIA are

displayed in Figure 5.2 alongside a ROSA 4170 Å continuum image for comparison. The
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Fig. 5.1 Field of view images with axes in solar heliocentric coordinates including HMI/SDO
continuum image of active region NOAA 12564 (top left) and the coaligned ROSA 4170 Å continuum
image (middle left). The top and middle right panels show the HMI/SDO total magnetic field strength
and inclination angle to the solar normal. An enlarged ROSA 4170 Å continuum image, equivalent to
the area within the white dashed lines shown in the middle-left panel, is displayed in the bottom panel.
The FIRS slit position is marked by a dashed yellow line, with each of the 5 solar pores labelled by a
number 1–5.
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Fig. 5.2 Contextual field of view AIA/SDO 171 Å (left) and 304 Å (middle) images of active region
NOAA 12564. The coaligned ROSA 4170 Å continuum image is also displayed (right). All axes are
in solar heliocentric coordinates.

magnetic connectivity between the photosphere and corona is clearly evident in Figure 5.2,

with the loop structures seen in the coronal 171 Å channel closely linked to the photospheric

pore features seen in the ROSA 4170 Å continuum image. However, the AIA/SDO 304 Å

transition region filtergram (middle panel of Figure 5.2) does not contain pronounced pore

structures, with the high contrast synonymous with the photospheric images missing in the

transition region. This may suggest that the pores can no longer be considered magnetically

dominated at chromospheric and transition region heights. As a result, their atmospheres may

become plasma dominated and hence the well defined boundaries of the pores may become

volume filling, thus losing contrast. This is consistent with the magnetic and plasma pressure

interplay as a function of atmospheric height previously discussed in theoretical modelling

work (Gary, 2001).



5 . 2 DATA A N A LY S I S 92

5.2 DATA A N A LY S I S

5.2.1 Bisector Velocity Analysis

The Si I 10827 Å line forms over a large range of atmospheric heights in comparison to most

photospheric lines. This allows the line-of-sight (LOS) velocity to be derived at different

optical depths (and hence atmospheric layers) using bisector methods (Kulander & Jefferies,

1966). Through robust spectral inversions and modelling, recent work has shown that Doppler

motions derived at different percentages of the Si I 10827 Å line depth may be coupled to

specific optical depths (González Manrique et al., 2020).

Bisectors of the Si I 10827 Å line profile were computed across 10 – 90% of the line

depth in intervals of 10%, with the corresponding wavelength positions, λ , of each bisector

noted. Here, a bisector obtained at ‘90%’ line depth represents the intensities sampled by the

FIRS instrument 90% of the way towards the darkest part of the line core (i.e., percentage line

depth increases as one samples closer to the observed line core). Similarly, a single Gaussian

fit was applied to the entire Si I 10827 Å line profile, with the fitted minimum providing

the wavelength of the observed line core (i.e., corresponding to 100% line depth). The

measured wavelengths for each component were then transformed into Doppler velocities.

This was performed for all slit positions across the full 355 scan steps selected for this

study. Figure 5.3 displays an example Si I 10827 Å line profile, normalised to the continuum

intensity, Ic, with the calculated bisectors depicted using a dashed blue line. Following the

work of González Manrique et al. (2020), the corresponding optical depths are added for

clarity, alongside a Doppler velocity conversion for the wavelength shifts measured for each

percentage bisector. It can be seen from Figure 5.3 that the optical depths span the range

−3.29 < log(τ500nm)<−0.33 between 10 – 90% of the line depth.

In order to better study the observed Doppler motion, two-dimensional space–time plots

at each line depth percentage were created, providing Doppler velocity information as a
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Fig. 5.3 An isolated Si I 10827 Å line profile extracted from a quiescent region of the Sun’s atmosphere,
where the spectral intensity has been normalised by the local continuum intensity, Ic. Solid red lines
indicate line depth percentages, while the dashed blue line traces the bisector wavelength positions at
each line depth percentage, which can be converted into Doppler velocities using the scale present at
the top of the panel. The scale present at the right-hand side converts the line depth percentages (n.b.,
not the specific I/Ic values) into corresponding optical depths following the conversion suggested by
González Manrique et al. (2020).

function of both the distance along the slit and time. Figure 5.4 displays one such space–time

plot for bisector velocities calculated at a line depth of 90%, corresponding to an optical

depth of log(τ500nm)≈−3.29 (González Manrique et al., 2020). Clear oscillatory motion

was detected at all line depths with periods on the order of 5 minutes, which is consistent

with the typical p-mode spectrum that has previously been demonstrated to be coupled with

magnetic structures in the lower solar atmosphere (Lites et al., 1982; Jess et al., 2012a).

Oscillations with similar velocity amplitudes, ∼ 0.6 km/s, have been shown to be related to

the presence of slow magnetoacoustic waves that propagate through multiple layers of the

solar atmosphere (Krishna Prasad et al., 2015). Importantly, as can be seen in Figure 5.4,

the oscillations demonstrate reduced velocity amplitudes within the confines of the pore
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Fig. 5.4 Two-dimensional map revealing the evolution of bisector velocities, calculated at 90% of the
Si I 10827 Å line depth, as a function of both distance across the slit and time. Black dashed lines
represent the visual photospheric boundaries of each pore, labelled 1–5. Clear wave patterns can be
seen throughout by the periodic sign change of the velocity.

structures, where the root mean square (RMS) velocities are <100 m/s inside the pores,

compared with ∼300–500 m/s in the surrounding quiet Sun, which are consistent with

previous spectroscopic studies (Leighton et al., 1962; Title et al., 1992; Felipe et al., 2010b;

Krishna Prasad et al., 2016; Kanoh et al., 2016; Oba et al., 2017). To investigate the plasma

parameters associated with the detected wave activity, and subsequently evaluate the energy

flux, it was imperative to undertake spectropolarimetric inversions of the Si I 10827 Å line.

5.2.2 SIR Inversions

To probe the wave activity further, atmospheric plasma parameters were inferred through the

application of the SIR code to our Si I 10827 Å Stokes spectra. As outlined in Section 3.3,

SIR performs spectropolarimetric inversions under the assumptions of LTE and vertical
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hydrostatic equilibrium, and outputs height-stratified atmospheric parameters that can be

related to specific optical depths and/or geometric heights. In order to maximise the signal

to noise, the Si I 10827 Å spectral data were temporally averaged across a set of time steps

during optimal seeing conditions spanning approximately 2 minutes (116.8 s). A time interval

of ≈ 2 minutes was chosen since this is long enough to generate high signal-to-noise Stokes

signals, yet short enough to prevent solar evolution from contaminating the averaged Stokes

profiles. This resulted in a high-quality [x,λ ,S] cube, where x = 355 is the number of pixels

along the length of the slit, λ is the wavelength domain, and S represents the four Stokes

vectors. This cube, averaged over ≈ 2 minutes during optimal seeing conditions, was then

employed in subsequent SIR inversions to provide plasma parameters representative of the

background atmosphere.

All pore pixels along the slit were subsequently inverted using an initial atmosphere

based on the umbral model for a small sunspot (Collados et al., 1994). This was consid-

ered appropriate since the pore structures under investigation are smaller and have a lower

magnetic field strength than a large-scale sunspot, and are therefore likely to have higher

background temperatures due to their reduced ability to suppress convective motions. In

the surrounding quiescent regions away from the pore structures, the FAL-C model was

used for the initial atmosphere (Fontenla et al., 1993). Stokes Q and U profiles were not

considered in the inversions as the pore magnetic fields are predominantly vertical in the

lower photosphere (see, e.g., the middle-right panel of Figure 5.1), resulting in the Stokes

Q/U signals being relatively weak and prone to fitting difficulties. Three cycles were chosen

for the SIR inversion code, with increasing numbers of nodes selected per cycle as shown

in Table 5.1. In the first cycle, relatively few nodes were employed in order to gain a solid

foundation that future cycles of the code could build upon. Additional nodes were subse-

quently introduced gradually to allow more freedom for fitting specific line features. For

the purpose of investigating the energy flux of the detected waves (see Section 5.3 below),
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Table 5.1 Nodes for each atmospheric parameter, alongside Stokes profile weightings used in each
inversion cycle of the SIR code.

Nodes
Parameter Cycle 1 Cycle 2 Cycle 3
Temperature 2 3 4
LOS Velocity 1 2 3
Magnetic Field 1 2 3
Inclination 1 2 3
Microturbulence 1 1 1

Weights
Stokes I 1 1 1
Stokes V 1 1 1

accurate plasma parameters linked to temperature, magnetic field strength, and density are

required. Example fits achieved for Stokes I and V profiles for a pixel inside pore 1 are

shown in Figure 5.5. To evaluate quantitatively the quality of the fits, a reduced χ2 merit

function was calculated following the standard convention (del Toro Iniesta & Ruiz Cobo,

2016). The average reduced χ2 values achieved for all inverted pixels were χ
2(I/Ic) = 0.85

and χ
2(V/Ic) = 1.96, showing excellent fit quality across the field of view.

SIR computes atmospheric parameters across numerous optical depths, whose corre-

sponding geometric heights are also derived under the assumption of hydrostatic equilibrium.

There is some natural uncertainty surrounding the conversion between optical depth and

geometric height due to the assumptions that are made, with the reliability of the geometric

height scale being reliant on accurate values for temperature, density, and gas pressure.

Note that a top boundary condition must be specified for the gas pressure, resulting in the

ability to shift the geometric height scale upwards or downwards based on the requirements

of hydrostatic equilibrium. Recent research has shown that the precision of gas pressure

and density estimations may be improved through the application of a magneto-hydrostatic

equilibrium (Borrero et al., 2019), but this is an ongoing area of research and therefore not

implemented in the current SIR inversions.
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Fig. 5.5 Sample Si I 10827 Å Stokes I (left) and V (right) spectra for a pixel inside pore 1, each
normalised by the average continuum intensity, Ic. The black lines show the observed Stokes profiles,
while the red dashed lines represent the synthetic profiles generated by SIR.

Hence, it must be noted that varying opacities found for different solar structures, and

thus for each pixel along the slit, result in a non-uniform relationship between geometric

height and optical depth. To overcome this, each pixel along the slit had its own independent

conversion between optical depth and geometric height, which was particularly necessary

for the conversion between Si I 10827 Å line depth percentages into optical depths (via the

study by González Manrique et al. (2020)), and then subsequently into physical geometric

heights. This ensures that the velocity information derived from the line bisectors can be

compared directly with the SIR inversion outputs, helping to generate two-dimensional plots

of temperature, magnetic field strength, density, and velocity as a function of both distance

along the slit and atmospheric height.

Figure 5.6 displays such two-dimensional plots for the magnetic field strength, temper-

ature, plasma density, and Si I 10827 Å RMS velocity, where it can be seen that higher

magnetic field strengths and lower temperatures are present in the pores. Importantly, the

magnetic field strengths inferred from the SIR code are consistent with those present in the

HMI/SDO observations (see the upper-right panel of Figure 5.1), highlighting the suitability

of the time-averaged SIR maps to be used as proxies for the background photospheric solar
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Fig. 5.6 Atmospheric parameters as a function of both distance along the FIRS slit and atmospheric
height, where the magnetic field strength (upper left), temperature (upper right), and plasma density
(lower left) values are computed via SIR inversions of the Si I 10827 Å spectropolarimetric data. The
plasma density is displayed on a logarithmic scale to aid visual clarity. The RMS velocity amplitudes
(lower right) are calculated from bisector velocities over a range of Si I 10827 Å percentage line
depths. Pore boundaries are highlighted by the vertical white dashed lines, with each pore numbered
1–5 as initially defined in the lower panel of Figure 5.1.

atmosphere. For the RMS velocity plot (lower-right panel of Figure 5.6), RMS velocities are

calculated across the FIRS slit for each of the line depth percentages used in Section 5.2.1,

with the percentage line depths subsequently converted into optical depths and geometric

heights as discussed above. The results displayed in Figure 5.6 are consistent with previ-

ous photospheric studies of magnetic phenomena (Grant et al., 2015; Kanoh et al., 2016),

but are now displayed as two-dimensional plots to aid visual clarity. Plasma densities of

∼ 10−4 kg m−3 at a geometric height of 0 km and ∼ 10−6 kg m−3 at 500 km were found

in a solar pore by Grant et al. (2015), similar to what has been found in this study. Grant

et al. (2015) also finds similar magnetic field strengths and temperatures to those found here,
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ranging from ∼ 1800 G and ∼ 4100–6100 K at 0 km to ∼ 250 G and ∼ 3750–4250 K at

500 km. Kanoh et al. (2016) find RMS velocity amplitudes on the order of ∼ 0.1 km s−1

within a sunspot umbra, in agreement with the values seen here.

5.3 E N E R G Y F L U X C A L C U L AT I O N

The energy flux, E, of a propagating slow magnetoacoustic wave can be calculated following,

E = ρ vg ⟨v2⟩ , (5.3.1)

where ρ is the plasma density, vg is the group velocity of the propagating wave, and ⟨v2⟩ is

the mean square velocity (Bruner, 1978).

The plasma density has already been obtained through SIR inversions of the spectropo-

larimetric Si I 10827 Å data described in Section 5.2.2, and is displayed in the lower-left

panel of Figure 5.6. Similarly, the mean square velocities can be found by squaring the RMS

velocity signals depicted in the lower-right panel of Figure 5.6.

The sound speed and Alfvén speed are calculated following the equations defined in

Sections 2.1.2 and 2.2.2 respectively. For a slow magnetoacoustic wave, the group velocity

can be characterised by the tube speed which is dependent on both the sound and Alfvén

speed (see Section 2.2.2). It is assumed firstly that γ = 5/3, and secondly that the composition

of the plasma is 74.9% hydrogen and 23.8% helium, giving m = 2.078× 10−27 kg as the

mean photospheric ion mass (Lodders, 2003).

The plasma parameters required to compute the sound, Alfvén, and tube speeds — notably

the temperatures, densities, and magnetic field strengths — have already been extracted

from the spectropolarimetric SIR inversions and are displayed in Figure 5.6. The sound,

Alfvén, and tube speeds were computed as a function of both distance along the FIRS slit

and atmospheric height, which are displayed in Figure 5.7. It can be seen in the upper-left
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panel of Figure 5.7 that the cooler temperatures found inside the pore boundaries result in

reduced sound speeds in these locations. Locations away from the pores have sound speeds

on the order of 9 km/s, which is consistent with previous numerical modelling efforts of

granulation (Jess et al., 2012b). However, the increased magnetic field strengths found within

the pores (upper-right panel of Figure 5.7) provides increased Alfvén speeds compared to

the quiet Sun surroundings, especially at higher photospheric heights where the density has

decreased by multiple orders of magnitude. The Alfvén speeds contained within the pores

span the range of approximately 5 km/s ≲ vA ≲ 30 km/s, which is consistent with previous

pore modelling studies (Grant et al., 2015). Finally, the tube speeds, which are a product of

the sound and Alfvén speeds, show increased speeds within the pore boundaries across all

atmospheric heights, highlighting the ability of magnetic pores to propagate wave energy

flux through the atmosphere with elevated group velocities.

With the tube speeds computed as a function of both distance along the slit and atmo-

spheric height (lower panel of Figure 5.7), it is now possible to combine them with the plasma

density and RMS velocity maps shown in the lower-left and lower-right panels of Figure 5.6,

respectively, to calculate the energy flux following Equation 5.3.1. The corresponding energy

flux map is displayed in Figure 5.8. Evidence of wave energy flux is visible both within the

pore regions labelled 1–5, in addition to the more quiescent regions of the Sun outside of

the exterior pore boundaries. The regions outside the pore boundaries are still magnetic in

nature, with B ̸= 0 G (upper-left panel of Figure 5.6), resulting in positive tube speeds (i.e.,

cT > 0 km/s) everywhere along the FIRS slit (lower panel of Figure 5.7). This results in

wave energy flux, through the application of Equation 5.3.1, being present throughout the

entire observed atmosphere. However, the calculated energy fluxes in these locations may

not entirely be related to guided magnetoacoustic wave motion. The larger RMS velocities

in the non-pore regions (see the lower-right panel of Figure 5.6) may be a result of other

non-oscillatory dynamics, such as convective overshoots (Wedemeyer-Böhm et al., 2009;
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Fig. 5.7 The sound (upper left), Alfvén (upper right), and tube (bottom) speeds displayed as a function
of both distance across the slit and atmospheric height. Pore boundaries are highlighted by the vertical
dashed lines, with each pore numbered 1–5 as initially defined in the lower panel of Figure 5.1.

Schmitt et al., 1984), which may manifest as artificially heightened energy flux values in

Figure 5.8. The higher energy fluxes calculated in the quieter solar region to the south-east of

the pores (<7 Mm), when compared to the quiet Sun region to the north-west (>43 Mm), is

mostly likely a result of the stronger total magnetic field strengths found in this location (see

the upper-right panel of Figure 5.1 and the upper-left panel of Figure 5.6). A higher magnetic

field strength naturally results in increased Alfvén and tube speeds for that region. This is

confirmed in Figure 5.7, where increased Alfvén and tube speeds are preferentially present in

the south-east (<7 Mm) region of the field of view. As a result, larger tube speeds, coupled

with similar densities and velocity fluctuations, will manifest as increased energy fluxes, even

if they are not strictly coupled to upwardly propagating magnetoacoustic wave phenomena.

In these locations (e.g., >38 Mm in Figure 5.8) we see a much more rapid decrease in energy

flux with atmospheric height when compared with the pore regions. This may be a direct
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Fig. 5.8 Energy flux, in units of W/m2, displayed as a function of both distance across the slit and
atmospheric height. To aid visualisation, the colour scale employed is a logarithmic scale spanning
103 −105 W/m2. Pore boundaries are highlighted by the vertical white dashed lines, with each pore
numbered 1–5 as initially defined in the lower panel of Figure 5.1. The solid green line displays the
inclination angles of the magnetic field along the slit, with angles of 90◦ and 180◦ highlighting fields
that are parallel and perpendicular, respectively, to the solar surface. High energy fluxes towards
the edges of pore structures (i.e., pores 2, 3, and 4) may be the result of surface mode waves, while
more uniform energy structuring (i.e., pores 1 and 5) may be related to the presence of body mode
waves. Energy flux values seen in non-pore regions are likely a result of convective overshoots and
not specifically propagating magnetoacoustic wave phenomena.

consequence of the more heavily inclined magnetic fields present in these locations, hence

inhibiting the propagation of energy flux (created through wave motion and/or convective

overshoots) into higher regions of the solar atmosphere.

The inclination angles of the magnetic field, which are derived from the HMI/SDO

VFISV vector magnetograms and correspond to a height range of 250− 300 km (Norton

et al., 2006; Fleck et al., 2011), are displayed in Figure 5.8 using a solid green line. Inclination

angles, which were calculated from the heliographic re-projections of the HMI/SDO vector

magnetograms, were preferred here due to these inclinations being relative to the solar

normal, unlike the inclination angles output from SIR inversions which are relative to the
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line-of-sight of the observer. It can be seen that the pore structures have magnetic fields

approximately normal to the solar surface (consistent with the HMI/SDO observations shown

in the middle-right panel of Figure 5.1), while locations away from the pores demonstrate

more heavily inclined magnetic fields, with regions > 43 Mm along the FIRS slit having

approximately horizontal magnetic field configurations. This highlights the efficiency of

magnetic pores as wave energy conduits in the lower solar atmosphere.

Another notable feature visible in Figure 5.8 is the increase in energy flux visible towards

the edges of the pore boundaries for pores 2, 3, and 4. Contrarily, it can be seen in Figure 5.8

that pore 1 has the dominant energy flux towards its centre, while pore 5 displays more

uniform energy structuring across its entire diameter.

Such energy structuring can be attributed to the presence of surface (pores 2, 3, and 4)

and body (pores 1 and 5) mode waves, which have only recently been conclusively observed

in photospheric imaging data (Keys et al., 2018). Previous identifications of surface mode

waves have come from theoretical estimations (Grant et al., 2015; Moreels et al., 2015; Yu

et al., 2017; Chen et al., 2018). However, here we clearly show the existence of heightened

wave energy towards the edges of the boundaries of pores 2,3 and 4, which has only been

made possible by the high spectral, spatial, and temporal resolutions of our data set coupled

with modern spectropolarimetric inversion routines. If the positioning of the FIRS slit was

close to the boundaries of pores 1 and 5, a surface mode explanation could also be considered

for these pores as the energy structuring of a surface mode wave gives increased energy flux

at pore boundaries. However, inspection of the slit jaw image showed that this was not the

case and the FIRS slit was positioned through the centre of the pores, confirming that pores 1

and 5 exhibit body mode waves.

A natural question arises as to why pores 1 and 5 demonstrate different wave modes

(‘body’ vs ‘surface’) when compared to the more central pores 2 – 4. From inspection of

the structuring of the pores in Figure 5.1, the more complex physical composition of pores 1
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and 5 may help provide an answer. Pores 1 and 5 are smaller in area than pores 2 – 4, and

display weaker magnetic field strengths at higher atmospheric heights (see the upper-left

panel of Figure 5.6). Reduced field strengths will result in less inhibition of convection, and

the subsequent higher temperatures in pores 1 and 5 (see the upper-right panel of Figure 5.6)

may contribute to the structuring seen in the energy flux map shown in Figure 5.8. For

example, the increased temperatures found in pores 1 and 5 result in more elevated sound

speeds, which helps negate the effects of reduced Alfvén speeds on the corresponding tube

speeds, where lower Alfvén speeds are caused by the weaker magnetic field strengths present

in these pores (see Figure 5.7). Hence, the less uniform structuring of pores 1 and 5 may

actually contribute to the more even stratification of wave energy flux visible in Figure 5.8.

Indeed, the increased RMS velocity inside pore 1 (see Figure 5.6), which may be related

to the presence of small-scale convective motions not suppressed by the weaker magnetic

fields, may promote elevated wave energy fluxes towards the centre of these bodies. However,

the clear periodicities observed in all pores (see Figure 5.3) show unequivocal evidence of

upwardly propagating wave motion that could not be replicated simply by the presence of

bright structures or small-scale granulation within the confines of the pore. This, alongside

the very confined spread of energy fluxes across the diameters of pores 1 and 5 (Figure 5.8)

would suggest the most likely explanation is that body modes are present in these structures.

As a result, we currently do not have an answer as to why pores 1 and 5 demonstrate different

wave modes when compared to their more central pore counterparts. Future work will need to

examine the sub-photospheric drivers responsible for the observed wave motion, and through

intensive numerical modelling (e.g., Riedl et al. (2019)), uncover the role of waveguide

structuring, composition, and inclination in the visible wave signatures.

The energy fluxes (including both body and surface modes), visible in Figure 5.8, demon-

strate the efficiency of magnetic pores as magnetoacoustic wave energy conduits in the lower

solar atmosphere. Indeed, the energy fluxes measured here as a function of atmospheric
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height also agree with the findings of Grant et al. (2015), who employed imaging observations

and a theoretical framework to estimate the associated energies. Previous work has examined

the propagation of magnetoacoustic waves in coronal fan loops, and estimated the damping

lengths of the wave activity by examining the amplitude decay rates as a function of distance

along the waveguide (De Moortel & Hood, 2003, 2004; De Moortel et al., 2004; Marsh

et al., 2011; Krishna Prasad et al., 2012, 2014). Specifically, the relation used to uncover the

damping length, Ld , is given by Krishna Prasad et al. (2019),

A(h) = A0e−h/Ld , (5.3.2)

where A(h) is the amplitude measured at a given height, h, and A0 is the initial amplitude

of the wave. As the energy of the propagating magnetoacoustic waves is proportional to

the amplitude squared, i.e., E(h) ∝ A(h)2, we can adapt the damping length equation to be

compatible with the energy fluxes displayed in Figure 5.8, where,

E(h) = E0e−2h/Ld . (5.3.3)

For the first time, by employing Equation 5.3.3, we are able to calculate the photospheric

damping lengths of propagating magnetoacoustic waves in solar pores. Figure 5.9 displays

the average energy fluxes for each of the 5 pores, alongside a quiescent region away from

the pore structures (averaged over 43−50 Mm along the FIRS slit where the magnetic field

inclinations are less vertical; solid green line in Figure 5.8), as a function of atmospheric

height. The average energy flux for each pore was calculated by taking the mean value

at each geometric height between the vertical dashed lines that outline the respective pore

boundaries in Figures 5.6 – 5.8. For each atmospheric height, the energy uncertainties in

Figure 5.9 correspond to the standard deviations of the averaged energies. It can be seen

that pores 1 and 5, which are best characterised as containing body mode waves, have the
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smallest energy uncertainties as a result of the relatively uniform energy structuring spanning

their entire cross-section. Importantly, our energy fluxes also corroborate the work of Keys

et al. (2018), who suggested that surface mode sausage waves should carry more energy

flux when compared to their body mode counterparts. Lines of best fit allow the damping

lengths to be calculated for each of the structures studied. The quiescent region, located away

from the pores, displays the most rapid damping length with Ld ≈ 210 km. This comes as

a consequence of the reduced magnetic field strengths (and hence tube speeds) and larger

inclination angles (see the middle-right panel of Figure 5.1) being unable to efficiently guide

the magnetoacoustic waves upwards. Pores 1 and 5, which are best characterised as containing

body mode waves, have the longest damping lengths, corresponding to Ld ≈ 276 km and

Ld ≈ 288 km, respectively. On the other hand, pores 2, 3, and 4, which are best characterised

as surface mode waveguides, have slightly smaller damping lengths equating to Ld ≈ 258 km,

Ld ≈ 265 km, and Ld ≈ 256 km, respectively. Recent theoretical work has shown that the

degree of magnetic twist in the waveguide can drastically affect the damping rate of surface

sausage mode waves (Sadeghi & Karami, 2019). Furthermore, the interplay between electric

resistivity and resonant absorption may also contribute to the differing damping lengths

found between the surface- and body-mode waves (Chen et al., 2018).

The damping lengths calculated here are much shorter than those deduced for the corona

(approximately 3700−4800 km; Krishna Prasad et al., 2019), which is likely a consequence

of the much shorter density and pressure scale heights found in the lower solar atmosphere

(Stein & Nordlund, 1989). Following the standard convention (Mattig, 1969) for the scale

height, H, where,

H =
∆h

∆ log(τ500nm)
, (5.3.4)

the pores in the present study span a geometric height of ∆h = 500 km and an optical depth

of ∆ log(τ500nm)≈ 2.96, giving H ≈ 170 km. As a result, the average damping length across

all 5 pores, Ld ≈ 268 km, is on the same order of magnitude as the estimated photospheric
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Fig. 5.9 Average energy fluxes as a function of geometric height for a non-pore region (upper-left), in
addition to pores 1–5 (upper-middle through to lower-right panels). Uncertainties at each geometric
height correspond to the standard deviations of the energy fluxes included in the corresponding
average. The dotted red lines correspond to exponential lines of best fit, with the corresponding
damping lengths, Ld , indicated in the legend provided at the top-right of each panel. It can be noted
that pores (1 & 5) containing body mode waves exhibit the longest damping lengths, while pores
(2–4) exhibiting surface mode waves demonstrate the shortest damping lengths.

scale height. Modelling work has predicted coronal scale heights on the order of 30 – 60 Mm

(∼30 000 – 50 000 km; Aschwanden & Acton, 2001; Singh et al., 2002; Alissandrakis &

Valentino, 2019), so an initial comparison would suggest that the measured coronal damping

lengths are much shorter than typical coronal scale heights (by at least an order of magnitude).

However, recent theoretical work has calculated the expected coronal damping lengths using

classical Spitzer values for thermal conduction and predicted much longer damping lengths

than observed in coronal loops (Krishna Prasad et al., 2019), hence suggesting either a lack of

sensitivity in current coronal observations, or ill-constrained values of thermal conduction in

current modelling efforts. Regardless, this is an area of active research, and our measurements

of the damping lengths in the lower solar atmosphere will be crucial for comparisons to the

next generation of numerical models of MHD wave activity.
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5.4 E N E R G Y F L U X DA M P I N G M E C H A N I S M S

The findings in the above sections indicate significant energy damping with atmospheric

height inside solar pores, though the damping mechanisms responsible for this remain elusive.

The degree of damping observed here and previously by Grant et al. (2015) cannot be

explained by resistivity and resonant absorption alone. Previous studies have suggested a

variety of different ways in which damping can be achieved in magnetic pores. Analytical

calculations performed by Yu et al. (2017) have shown that observed damping in pores may

be partially explained by the resonant absorption of slow sausage mode waves, whilst Chen

et al. (2018) & Geeraerts et al. (2020) found that damping due to electrical resistivity has

more of an impact that resonant absorption. In Sections 5.4.2 and 5.4.3, we see that these

traditional damping effects do not fully explain the observed damping. Geometric spreading

and lateral wave leakage must be included to provide rapid enough damping to replicate the

observations.

Loss of energy flux can be caused by so called leaky tube waves (Cally, 1986) which

instead of propagating upwards, propagate out of the flux tube towards r → ∞ (lateral wave

leakage). Leaking waves have been observed in both the quiet Sun (Morton et al., 2012)

and in pores (Stangalini et al., 2011). It was suggested by Grant et al. (2015) that a portion

of the waves may be reflected at the chromospheric boundary, agreeing with simulations

by Khomenko & Collados (2006a), with an estimated 30% of the detected waves being

downwardly propagating. This could lead to a significant drop in energy flux at higher

atmospheric layers as not all of the waves will make it through. Mode conversion of

slow sausage modes to fast modes in β = 1 regions with inclined magnetic fields was also

suggested as a possible source of the damping. Additionally, frequency-dependent damping

of slow magnetoacoustic waves in sunspot umbrae has been identified by Krishna Prasad

et al. (2017), who found that higher frequencies experience stronger damping.
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The cut-off period (described in Section 1.2.4) at the photosphere/chromosphere boundary

is around 5 minutes, meaning waves with periods of 5 minutes and above should manifest as

evanescent standing waves in the photosphere. However, phase lags between the Doppler

velocity measurements at different line depths and therefore heights (Section 5.2.1) in this

study indicate propagating waves. Centeno et al. (2006) found that when radiative losses

are taken into account, there is no clear value of the cut-off frequency. Instead, there is a

transition between mainly standing and mainly propagating waves. If the waves observed in

this study are only partially subjected to the cut-off, it could account for some of the damping

observed as only a fraction of the waves will continue to propagate.

This section details further study of the damping mechanisms that may be at play through

2D numerical simulations, published in Riedl et al. (2021). The simulations were not carried

out by the author of this thesis, who acted only as a consultant to provide insight on the

observations detailed in Gilchrist-Millar et al. (2021). However, the results give interesting

complementary insight into the physics behind the strong energy damping found in the

observational study. As such, a summary of the key methods and findings will be presented

below. Pore 3 was chosen as the focus of this study due to its high signal to noise ratio.

This pore exhibits close to vertical magnetic fields at the pore centre, with field strengths of

∼ 2400 G and ∼ 1000 G at atmospheric heights of 0 km and 500 km, respectively. Over

the same height range, temperatures range from 3500K to 5000K and densities range from

∼ 8.5×10−4 kg m−3 to ∼ 9.8×10−6 kg m−3. The energy flux was found to be considerably

damped, dropping from ∼25 kW m−2 at 100 km to ∼1.5 kW m−2 at 500 km.

5.4.1 Initial Model and Simulation

To investigate the wave damping in pore 3 with numerical simulations, a 2D gravitationally

stratified magnetohydrostatic (MHS) equilibrium atmosphere was created to represent the
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Fig. 5.10 Top: The vertical component of the magnetic field (left) and the logarithmic density
(right) as determined by the model. Magnetic field lines are illustrated by the orange lines. Bottom:
Comparison between the modelled values of vertical magnetic field (left) and logarithmic density
(right) with the pore 3 observations. The maximum observational values are depicted by a black
dashed line and the average observational values by a black dotted line. Model values are indicated by
the green lines, corresponding to the x-axis locations marked by the green arrows in the top panels.
Figure from Riedl et al. (2021).

observations. The pore is treated as symmetrical, with the central axis located at x = 0, and

so only half of the pore is included in the model. The model prioritises the magnetic field as

it is a key determinant in the shape of the pore. Here we will provide a qualitative discussion

of the model but a full mathematical description, stemming from the momentum equation

(2.1.31), can be seen in Riedl et al. (2021).

The top left panel of Figure 5.10 shows the vertical magnetic field component of the initial

atmosphere with the pore centre at x = 0. The magnetic field is close to vertical inside the

pore (left-hand side of the plot) and it can be seen from the bottom left panel of Figure 5.10

that there is good agreement between the model and pore 3 observations. An important point

to note is that the radius of the model pore (FWHM ≈ 0.44 Mm) is smaller than the observed

pore (radius ≈ 2.5 Mm). However, comparing the magnetic field inclination of the model
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Fig. 5.11 Comparison of magnetic field inclination of pore 3 between observations (black) and the
model (red), as a function of horizontal distance in units of pore radius. The pore borders are marked
by vertical dashed lines. The model is mirrored about x = 0 and values for the bottom (solid red line),
middle (dashed red line) and top (dotted red line) are displayed. Figure taken from Riedl et al. (2021).

with the magnetic field inclination of the observations (Figure 5.11), with pore radii taken

into account, also shows that the two are in agreement.

Similarly, the top right panel of Figure 5.10 shows the logarithmic density of the model

and a comparison between the model and observed densities is shown in the bottom right

panel. The model density shows a less steep gradient with height when compared with the

observations. This may be down to a problem in the calculation whereby ∂ p/∂x already has

a dependence on z, decreasing the stratification. Additionally, there are errors associated

with the densities calculated from the observations, which assume hydrostatic equilibrium.

The observational densities are however consistent with semi-empirical models like those of

Maltby et al. (1986), where they considered a sunspot umbra. They also made the assumption

of hydrostatic equilibrium which is valid for the centre of an axially symmetric sunspot.

Thus, the observational pore 3 densities are assumed to be more reliable than the model

densities.



5 . 4 E N E R G Y F L U X DA M P I N G M E C H A N I S M S 112

The simulations were conducted using the PLUTO1 code (Mignone et al., 2007, 2012,

2018), a shock-capturing code for the numerical solution of mixed hyperbolic/parabolic

systems of partial differential equations. In this study, the module designed to solve MHD

equations was used. A full description of the numerical setup can be found in Riedl et al.

(2021). Rather than having a fully open top boundary, to maintain model stability, a thick

high-viscosity layer is added at the top of the atmosphere to absorb all outgoing waves.

Including this layer, the domain of the simulation spans from 0 to 3 Mm in the x-direction

and from -0.095 to 0.795 Mm in the z-direction. There are 1000 × 297 cells in total, giving

a spatial resolution of 3 km in both directions. If we exclude the viscous layer, the domain

spans from 0 to 2.68 Mm (894 cells) in the x-direction and from -0.095 to 0.477 Mm (191

cells) in the z-direction. This region only is used for all analysis, with the photosphere defined

at a height of 0 Mm. The model is initially allowed to settle for 1300 s, at which point the

t = 0 point is defined and the simulation runs for an additional 200 s.

As with the MHS model, the pore is considered to be symmetric and only half is used for

the simulation. This results in a boundary at the central pore axis, which is set to be reflective.

Fixed values of pressure, density and magnetic field are initially set at the bottom boundary.

The horizontal velocity is set to zero and if there is no driver included in the simulation,

the vertical velocity is also set to 0. The purpose of the driver is to perturb the velocity and

some of the driver energy will immediately flow into pressure and density perturbations. A

short driver period of 30 s was chosen since the typical p-mode period of 300 s is close to

the cut-off period of the model and leads to the development of standing waves. Longer

periods also result in longer wavelengths, resulting in waves that do not fit into the domain.

Additionally, the ratio between the 30 s waves and the size of the simulated pore is similar to

1 PLUTO code found at: http://plutocode.ph.unito.it/

http://plutocode.ph.unito.it/
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the ratio between 5 min waves and the size of the observed pore, accounting for any influence

there may be from the pore size on the wave behaviour.

Energy flux is calculated as follows,

E =− 1
µ0

(v×B)×B+

(
ρv2

2
+ρΦ+

γ

γ −1

)
v , (5.4.1)

where Φ= gz+const, is the graviational potential (Goedbloed & Poedts, 2004). This equation

clearly differs from Equation 5.3.1, used to calculate energy flux for the observations. In the

simulations, Equations 5.4.1 and 5.3.1 yield similar results of the same magnitude. However,

Equation 5.4.1 was favoured here as it facilitates a more detailed analysis, which is possible

due to the nature of simulations over observations. The results from the simulation are

discussed in the following sections and are divided into two main categories depending on

the type of driver used.

5.4.2 Full Driver

The velocity driver was first placed across the entire bottom boundary, generating upwardly

propagating plane fast waves with velocities around the sound speed. A video of the full

time sequence can be seen in the online version of Riedl et al. (2021), a snapshot is displayed

in the left panel of Figure 5.12. The waves exhibit increased amplitude with height, as is

expected in a stratified atmosphere. Uneven wave fronts at the pore location are seen due to

the wave speeds differing at different locations causing phase mixing. Slow modes can be

seen as vertical ridges (visible at x ∼ 0.6 Mm in left panel of Figure 5.12) throughout the

time sequence.

Figure 5.13 shows the calculated energy flux for this driver as a function of height in

comparison with the observational results. Both data sets have been normalised to the first

observational data point at z = 0.1 Mm. The calculated energy flux was time-averaged over
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Fig. 5.12 Snapshots of the vertical velocity simulations at t = 60 s, after two full driver periods.
Left: The full driver across the lower boundary without non-ideal effects (ideal MHD only). Right:
The localised driver for ideal MHD. The grey lines indicate magnetic field lines with the blue line
representing the magnetic field line used for analysis. The horizontal red line on the x-axis shows the
location of the localised driver. Figures from Riedl et al. (2021).

the first period of the propagating plane wave. From Figure 5.13, it is evident that there is no

wave damping occurring in the simulations as the energy flux actually increases with height.

This could be explained by waves from outside the pore being refracted into the pore. A lack

of damping is seen even when effects such as resistivity, viscosity and thermal conduction

are included. However, because such a small slab of atmosphere is considered, it may be the

case that there is not enough time for non-ideal effects such as these to affect the waves.

5.4.3 Localised Driver

The possibility of a localised driver (acting inside the pore boundaries only) generating the

waves inside the pore was also explored. To do so, the driver was altered to a step-function

driver acting on the inner part of the pore, from the pore axis to a radius of 0.2 Mm. As with

the full driver, a video of the full time sequence can be seen in the online version of Riedl

et al. (2021) and a snapshot is displayed in the right panel of Figure 5.12. In this case, the

wave fronts are less horizontal than for the full driver and a reduced maximum amplitude is
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Fig. 5.13 Time averaged relative wave energy flux parallel to the magnetic field as a function of height
for the driver across the entire bottom boundary. The black line shows the energy flux calculated
from the observations. The green line shows the energy flux along the pore axis of the simulation
whilst the dashed purple line shows the average energy flux across the pore. The energy flux has been
normalised to the first data point of the observations. Figure taken from Riedl et al. (2021).

seen due to the waves being driven at only one location. Focusing on a magnetic field line

just outside the driver (blue line in right panel of Figure 5.12), it is clear that there is wave

activity beyond this line, indicating that the waves are not entirely confined to propagation

along the magnetic field lines.

The calculated energy flux for the localised driver as a function of height is displayed

in the left panel of Figure 5.14 alongside the observational results. From this figure it is

immediately obvious that, in contrast to the full driver, we find strong damping of the energy

flux with a localised driver. This can be explained by two different damping mechanisms;

geometric spreading and lateral leakage.

Geometric Spreading

Assuming that waves perfectly propagate along the magnetic field lines, as the field lines

diverge with height the energy flux will be dispersed across a wider area and the average

energy flux will be reduced. The decrease in energy flux will be proportional to 1/R in 2D
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Fig. 5.14 Left: Time averaged relative wave energy flux parallel to the magnetic field as a function of
height for a localised driver. The black line shows the energy flux calculated from the observations.
The green line shows the energy flux along the pore axis of the simulation whilst the dashed purple
line shows the average energy flux across the pore. The energy flux has been normalised to the
first data point of the observations. Right: Energy flux damping with height achieved by different
mechanisms. The solid green line shows the energy flux at the pore axis as in the left panel. The
red dotted line shows the energy flux damped by geometric spreading whilst the orange dash-dotted
line is the flux parallel to the magnetic field integrated across the pore and over one period. The blue
dashed line shows the energy flux damped by lateral wave leakage. Figure from Riedl et al. (2021).

geometry, where R is the distance between the central pore axis and a specific magnetic field

line. This is represented by the red dotted line in the right panel of Figure 5.14 for the blue

magnetic field line in Figure 5.12. However, the damping achieved by this mechanism is

not enough to explain the entirety of the damping seen at the pore axis and so there must be

another mechanism at play. Additionally, if the damping was caused by geometric spreading

alone, the total flux inside the pore should be the same at all heights. This is not the case, as

is demonstrated by the dash-dotted orange line in Figure 5.12 representing the flux parallel

to the magnetic field integrated across the pore and over one period.
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Lateral Leakage

In the right panel of Figure 5.12, waves propagating out of the pore are observed with a

localised driver. The locations of theoretical fast and slow mode wave fronts were predicted

(for full details see Riedl et al. (2021)) and were allowed to propagate from the bottom of

the domain. When comparing the theoretical wave fronts with the simulated wave fronts,

many waves propagating with the exact same shape and speed as the theoretical fast wave

fronts were observed outside the pore. Therefore, those wave fronts were identified as fast

mode waves. Waves propagating outside of the pore with the same shape and speed as the

theoretical slow mode wave fronts were also found and identified as slow modes.

Although there are waves observed leaking outside of the pore, the majority of the energy

flux is contained within the pore boundaries, following the magnetic field lines. As an

estimation of the effect of lateral leakage on the energy flux, the time-integrated total flux

present along the field line highlighted in blue in Figure 5.12 (total flux lost laterally) is

compared with with the time-integrated total flux inside the pore at the bottom of the domain

(total incoming flux). The time integration is performed for the first wave front over one

period. The effect of the wave leakage is then estimated by the following equation,

edamp(z) = 1−
Et,esc(z)

Et,bot
, (5.4.2)

where Et,esc is the total escaped flux and Et,bot is the total flux within the pore at the bottom

of the domain. The result of this is displayed by the blue dashed line in Figure 5.14. This

line shows significantly more damping than the effect of geometric spreading alone. These

are of course estimates and the actual effect of lateral leakage is expected to lie somewhere

between these lines.
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5.5 C O N C L U S I O N S

Here we have presented spectropolarimetric Si I 10827 Å data of a collection of five magnetic

pores acquired by the FIRS instrument at the DST. Our observations show clear evidence

of wave activity occurring in the lower solar atmosphere, with a bisector velocity study of

the Si I 10827 Å line providing velocity oscillations visible across a variety of optical depths

with periods on the order of 5 minutes, consistent with the global p-mode spectrum. Through

spectropolarimetric inversions, we deduce the local plasma densities, temperatures, and

magnetic field strengths as a function of atmospheric height, which allowed us to calculate

the corresponding sound, Alfvén, and tube speeds across our field of view. Parameters derived

from the inversions, combined with root mean square velocities, provide energy flux estimates

as a function of height in the lower solar atmosphere. We find evidence of considerable

energy flux trapped within the pore boundaries, with on the order of 30 kW/m2 at a geometric

height of ≈100 km. Examination of the energy structuring across the diameter of each pore

reveals evidence for both propagating surface- and body-mode sausage waves, something

that supports recent imaging observations Keys et al. (2018) with spectropolarimetry.

For the first time, we estimate the damping lengths of the propagating sausage mode

waves trapped within the five pores. We find that the pores demonstrating surface mode

characteristics have an average damping length of Ld ≈ 260 km, while the pores identified

as displaying body mode signatures have a slightly longer average damping length of

Ld ≈ 282 km. Both of these values are on the same order of magnitude as the photospheric

scale height, which we estimate to be H ≈ 170 km. We hypothesise that the surface mode

waves may be able to dissipate their energy more readily, through a combination of magnetic

twist, electric resistivity and/or resonant absorption mechanisms (Chen et al., 2018; Sadeghi

& Karami, 2019). We appreciate that the measured difference in damping lengths is small and
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based around a limited number of pores. As a result, we openly encourage the community to

continue this type of study on a larger, more statistically significant basis.

Additional 2D simulations were performed using the PLUTO code to further investigate

the damping mechanisms behind the decrease in energy flux seen in the observations. A

magnetohydrostatic model inspired by pore 3 of the FIRS observations was created and driven

with a vertical velocity perturbation at the bottom of the domain. We found that the strong

energy flux damping in the observations could not be replicated by using a driver covering the

entire bottom boundary, even when non-ideal effects such as viscosity, resistivity and thermal

conduction are included. However, using a localised driver, we see strong damping. This

damping occurs as a result of a) geometric spreading, where the energy flux is spread over a

wider area due to diverging field lines and b) lateral wave leakage, where waves leave the

pore boundaries. In this case, even when only considering ideal MHD, significant damping

is achieved that closely replicates the damping exhibited by the observations. This indicates

that the waves in pores are likely to be driven by a localised driver. Slow modes have been

observed the photosphere many times but temporal resolution has so far limited the study

of fast modes. However, both slow and fast mode waves were present in the simulations,

bolstering the idea that fast modes are commonly present in the photosphere.

It is hoped that new high-resolution facilities, such as the Daniel K. Inouye Solar Tele-

scope (DKIST; Tritschler et al., 2016), with improved polarimetric sensitivity will allow

more precise measurements to be made. As a result, we look forward to upcoming DKIST

observations to shine light on the propagation of sausage mode waves in solar pores, and

uncover their true role in supplying energy to the outer solar atmosphere.



6
S P E C T R A L R E S P O N S E T O C H RO M O S P H E R I C O S C I L L AT I O N S I N

A S U N S P OT U M B R A

The wealth of visible wave interactions, combined with the efficient ability of sunspots to

channel wave energy through the solar atmosphere, makes sunspot umbrae ideal environments

for the study of physical interactions of plasma oscillations in the solar chromosphere (Jess

et al., 2015). However, observational studies of the chromosphere have been limited by

two factors: the small amount of overall chromospheric emission, with less than 1% of the

observed photons emanating from this region, and relatively few absorption lines sensitive

to chromospheric activity (Vernazza et al., 1981). The complexity of chromospheric wave

interactions is amplified when the partially ionised nature of the chromosphere is considered

(Khomenko & Collados, 2015), alongside the resulting decoupling of neutral and ionised

components of the atmosphere leading to multi-fluid effects (Ballester et al., 2018). Ion-

neutral interactions have been shown to affect wave propagation in solar plasma (e.g., Kumar

& Roberts, 2003; Khodachenko et al., 2004; Zaqarashvili et al., 2011; Khomenko, 2017), with

effects such as ambipolar diffusion, where a net motion appears due to ion-neutral collisions

(Khomenko & Collados, 2012), causing wave damping and subsequent chromospheric

heating.

In this study, simultaneous spectral imaging data of a sunspot in the neutral Hα 6563 Å

and singly ionised Ca II 8542 Å lines are employed to assess the characteristics of waves
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manifesting in chromospheric sunspots. These spectral lines are commonly used to observe

sunspot oscillations in the chromosphere (Tziotziou et al., 2007; Jess et al., 2013; Kobanov

et al., 2013; de la Cruz Rodríguez et al., 2013; Maurya et al., 2013; Grant et al., 2018;

Houston et al., 2020, to name a few). This study will compare near-simultaneous Hα 6563 Å

and Ca II 8542 Å observations directly, to investigate whether the data sequences of ionised

chromospheric plasma reveals any information obscured in the neutral channels. Such

conclusions are of vital importance to the community when considering future observational

campaigns with DKIST and other next-generation facilities.

6.1 O B S E RVAT I O N S

This data set, previously used by Beck & Choudhary (2020) and Beck et al. (2020), was ac-

quired with the IBIS instrument at the DST on 2015 September 16 between 14:42 – 15:56 UT.

The observations contain an isolated sunspot in the active region (AR) NOAA 12418, located

at approximately [−530′′,−350′′] in the solar heliocentric coordinate system, at a heliocen-

tric angle of around 43◦. Two chromospheric spectral lines, Hα 6563 Å and Ca II 8542 Å,

were scanned at non-equidistant wavelength samplings, consisting of 27 and 30 wavelength

points, respectively, with more dense sampling towards the line core to ensure better Doppler

precision at lower plasma velocities. The sampling interval for the Hα 6563 Å line covers

6561.18−6564.64 Å, with 8539.34−8544.80 Å for the Ca II 8542 Å line. A total of 400

complete (Hα 6563 Å and Ca II 8542 Å) spectral scans were obtained across the 74 minute

observing campaign utilising an exposure time of 40 ms per image, providing an overall

cadence of 11.2 s. While the seeing conditions remained very good for the majority of the

image sequence, 11 spectral scans spanning 15:16–15:17 UT were impacted by clouds, which

resulted in poor light transmission to the IBIS detectors. These 11 scans were subsequently

interpolated to ensure a continuous time sequence.
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Fig. 6.1 Hα 6563 Å (left) and Ca II 8542 Å (middle) line core intensity images of active region NOAA
12418, alongside the coaligned SDO/HMI continuum image (right).

Figure 6.1 shows Hα 6563 Å and Ca II 8542 Å line core intensity images of AR NOAA

12418 at 15:46 UT, alongside a co-aligned continuum image from SDO/HMI. The SDO/HMI

contextual continuum image was used to define absolute solar coordinates for the Hα 6563 Å

and Ca II 8542 Å observations. This was achieved by applying a Fourier cross correlation

technique between the HMI/SDO continuum images and the far red wings (where granulation

contrast is highest) of the Hα 6563 Å and Ca II 8542 Å spectral scans, which allowed the

IBIS images to be co-registered to the HMI/SDO reference pointing (see, e.g., Figure 6.1).

6.2 DATA A N A LY S I S

There are a number of measurables that can be extracted from the IBIS spectral scans and

employed as plasma diagnostics, such as intensities, velocities, and spectral line widths.

However, due to different sensitivities to chromospheric dynamics (Cauzzi et al., 2009), the

techniques employed on Hα 6563 Å and Ca II 8542 Å data must be individually tailored to

ensure reliable diagnostics are extracted.

First, Gaussian fits were applied to each Hα 6563 Å line profile across the entire field-

of-view. Intensities corresponding to the turning point of the fitted Gaussian (i.e., the line
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Fig. 6.2 Example Gaussian fit for a single Hα 6563 Å line profile extracted from the umbra of the
sunspot. The original line profile is represented by a solid black line, the Gaussian fit is the dashed
red line, and the FWHM of the fit is represented by the solid blue horizontal line.

profile minimum intensity, Icore) were subsequently extracted. Next, the rest wavelength

of the Hα 6563 Å line core was ascertained through a single Gaussian fit of a time- and

spatially-averaged line profile from a quiet region of the field of view. The line-of-sight

Doppler velocity, vLOS, was then calculated for each pixel within the field-of-view through

comparison of the wavelength corresponding to the fitted Hα 6563 Å line core and its

corresponding rest wavelength. The full-width at half-maximums (FWHMs) of the fitted

Hα 6563 Å line profiles were calculated as 2
√

2ln2A2, where A2 is the computed width

of the fitted Gaussian. An example fit for a single pixel in the sunspot umbra is shown in

Figure 6.2.

The Ca II 8542 Å line is particularly sensitive to shock formation in the lower chro-

mosphere, resulting in central reversals of the spectral line that preclude simple Gaussian

fitting (as employed for the Hα 6563 Å line). Instead, the Multi-Component Atmospheric

Line Fitting program (MCALF; MacBride & Jess, 2020; MacBride et al., 2021; MacBride
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Fig. 6.3 Example Ca II 8542 Å spectrum displaying evidence of umbral flash phenomena. A clear
emission signature can be seen between wavelengths ∼ 8541.90− 8542.05 Å. Numerous spectra
showing similar signatures can be found throughout the data.

& Jess, 2021) was used, which trains a neural network to distinguish ‘active’ pixels ex-

hibiting a shock from their ‘quiescent’ umbral counterparts. With the active and quiescent

umbral pixels identified and segregated, the vLOS measurements for the quiescent pixels

were calculated through Voigt fitting due to the Doppler and pressure broadening sensitivity

of the Ca II 8542 Å line. In the case of active pixels, which were deemed to consist of

multiple superimposed background profiles (i.e., both shocked and quiescent plasma along

the observer’s line of sight), they were fitted using the dual-Voigt methodology described

in MacBride et al. (2021), which provided us with estimates of the vLOS values for the

underlying quiescent components of the active umbral plasma, without any contamination

from non-linear effects.

A number of methods of calculating intensities were used to provide broad insight into

the behaviour of the lines under investigation. First, for the Ca II 8542 Å line, integrated
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intensities (Iint) were computed spanning 8541.90−8542.08 Å (0.22−0.04 Å into the blue

wing of the line core), which were found to contain the most prominent umbral flash (UF)

emission signatures (consistent with Grant et al., 2018). Figure 6.3 displays an example

of a line profile from this data set impacted by an umbral flash. Integrating across this

specific wavelength range therefore provides a good representation of increased Ca II 8542 Å

emission as a result of shock formation. For consistency, a similar approach was taken for

the Hα 6563 Å line, even though the self-reversal of intensities as a result of shocks is not

commonly observed in this line. As a result, integrated Hα 6563 Å intensities spanning

6562.59−6562.77 Å (0.22−0.04 Å into the blue wing of the line core) were obtained for

the entire field of view as a function of time.

6.3 WAV E L E T A N A LY S I S

We employ wavelet analysis techniques to evaluate the dominant wave frequencies and

associated phase lags present in the data products outlined in Section 6.2, which is useful

for the study of time series containing quasi-periodic phenomena (Daubechies, 1990; Farge,

1992; Torrence & Compo, 1998). It is important to note that as the input time series is

finite, there will be edge effects impacting the resulting wavelet transform. Hence, a cone of

influence (COI) is introduced to mask off the area where these edge effects create unreliable

measures of wave power, which is consistent with previous wavelet applications (e.g., Ireland

et al., 1999; McAteer et al., 2003). Following the methodology outlined by Welch (1967),

including the use of a cosine apodization filter applied to the first and last 5% of the time

series to minimize edge effects, we calculate the dominant oscillation frequency for each

pixel within the field-of-view. Here, the dominant frequency for each pixel time series was

extracted from the global wavelet power spectrum (created by integrating the wavelet power

with respect to time and ignoring masked locations outside the COI) and taking the frequency
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Fig. 6.4 Dominant wave frequencies calculated across the entire field of view for Hα 6563 Å (left
panels) and Ca II 8542 Å (right panels) Iint (top) and vLOS (bottom). The green contour indicates the
chromospheric umbral pixels included in subsequent umbral analysis.

with the highest overall power. The resulting dominant frequency maps can be seen for the

Hα 6563 Å and Ca II 8542 Å intensities and velocities in Figure 6.4.

The cross-spectrum and coherence of two separate input signals may also be calculated,

revealing the level of coherent wave power and phase lags as a function of both time and

frequency (e.g., Grant et al., 2015; Jafarzadeh et al., 2017). The wavelet cross-spectrum is a

measure of the power distribution of two signals across frequency and time, given by,

Cxy(a,b) = S(C∗
x (a,b)Cy(a,b)) (6.3.1)
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where Cx(a,b) and Cy(a,b) are the continuous wavelet transforms of x and y at scales a and

positions b. The complex conjugate is denoted by ∗ and S is a smoothing operator in time

and scale. Coherence is the measure of correlation between the two signals, given by,

|S(C∗
x (a,b)Cy(a,b))|2

S(|Cx(a,b)|2) ·S(|Cy(a,b)|2)
. (6.3.2)

An example of a cross wavelet spectrum for Hα 6563 Å vLOS and Icore umbral time series is

shown in Figure 6.5, where the COI region is visually represented using the cross-hatched

shading. We must note that only results with a significance level of 95% (or above) were

considered further, which is the typical threshold used in previous work involving solar

oscillations (e.g., Jafarzadeh et al., 2017; Stangalini et al., 2021; Guevara Gómez et al., 2021).

The cross-coherence between different combinations of intensity, line-of-sight velocity, and

line width were computed for both the Hα 6563 Å and Ca II 8542 Å lines to determine phase

differences between the various signals originating within the sunspot umbra.

With the phase angles determined as a function of both frequency and time for a variety

of different spectral parameters (e.g., Icore, vLOS, FWHM, etc.) and spectral lines (Hα 6563 Å

and Ca II 8542 Å), it was possible to compile statistically significant probability density scatter

plots to better depict trends manifesting in the data (see, e.g., examples shown in Figure 6.7).

For example, the data set comprises of 400 spectral scans, with the wavelet analysis producing

phase values across 94 individual frequencies, resulting in 37600 measurements per spatial

pixel, or over 3×108 total values once all umbral pixels were considered. Important phase

considerations will be discussed in Section 6.4.1.

6.4 R E S U LT S A N D D I S C U S S I O N

Figure 6.4 reveals the presence of ∼ 5− 8 mHz waves in both the Hα and Ca II umbral

intensities and velocities. The intensity dominant frequency in both lines is observed to
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Fig. 6.5 Example cross wavelet power spectrum between Hα 6563 Å vLOS and Icore (V − Icore) for an
umbral pixel. The cone of influence (COI) is indicated by the hashed area. Areas of 95% significance
are contoured by solid black lines. The arrows indicate the phase lag between the two time series with
the direction corresponding to the angle on the unit circle (i.e. a 0◦ phase lag is represented by an
arrow pointing right and 90◦ by an arrow pointing vertically upwards).

decrease towards the inner penumbral boundary, before further decreasing to ∼ 2−3 mHz

at the outer penumbral boundary. Previous studies (e.g., Reznikova et al., 2012; Jess et al.,

2013) have also detected frequencies of ∼ 5−8 mHz in chromospheric umbrae, decreasing to

lower frequencies towards the penumbra, which is often coupled to the phenomena associated

with RPWs (Kobanov & Makarchik, 2004; Kobanov et al., 2006). Jess et al. (2013) provided

evidence that this decrease in dominant frequency with increasing distance from the umbral

center is due to a reduced cut-off frequency arising from higher magnetic field inclination

angles towards the outer regions of the sunspot.

However, due to the vast number statistics (> 3×108 individual measurements) available

in the present study, we focus our attention on the umbral core, where inclination angle

effects play less of a role due to the predominantly vertical nature of the associated magnetic

fields. To isolate the sunspot umbra, it is imperative that the true umbra is identified in both

data sets (both Hα 6563 Å and Ca II 8542 Å spectral scans). For each individual image, the

mean intensity (ĪQS) and standard deviation (σ ) are calculated for a quiet Sun region away
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from the sunspot umbra. These values are then used as a metric for determining the umbral

boundaries by defining a cut off intensity of ĪQS − nσ , where n is a value that accurately

places the boundary around the perimeter of the umbra and differs for each filter. In this

case, n = 4.5 was found to be optimum for Hα and n = 2.0 for Ca II. A binary map is then

created for each image, where umbral pixels are assigned a value of 1 and non-umbral pixels

are assigned a value of 0. The product of the maps from each filter highlights pixels that

are considered umbral in both filters as they will be left with a value of 1 and are included

in the final map. Pixels with values of 0 are considered non-umbral in either one or both

filters and so are not used in the final map. This ensures consistency between the umbral

boundaries in both filters and hence the pixels used for further study. The final umbral

contour is represented by the green outline in Figure 6.4.

Spectral energy densities for each line’s integrated intensity are seen in the top panel

of Figure 6.6. These were attained by normalising each umbral time series by its linear

trend fit and subtracting one to centre the resultant time series around zero. The spectral

energy density was then calculated for each pixel before taking an average. Cumulative

averages over 17680 pixels for Ca II 8542 Å and 1181 pixels for Hα 6563 Å were conducted

to minimise any contributions from noise. Following the description given by Stull (1988),

the energy spectral density, S, is defined as,

S =
2|X( f )|2

δν
, (6.4.1)

where X( f ) is the Fourier power spectrum of the time series and δν is the corresponding

frequency sampling. Wave activity is very visible in both lines, with a higher energy density

in the Ca II line at all frequencies. A very clear energy density peak is present at a frequency

of 6.02 mHz in both lines, in agreement with the ∼ 5−8 mHz dominant frequency range

shown in Figure 6.4, and with the typical frequency range of p-mode oscillations. The middle

panel of Figure 6.6 illustrates the ratio between the energy densities of the Ca II and Hα
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Fig. 6.6 Top: The spectral energy density of the spatially averaged sunspot umbra for Ca II 8542 Å
(blue) and Hα 6563 Å (red) intensities. Middle: The energy density ratio between the Ca II and
Hα intensities. Red dashed lines indicate the positions of energy density peaks at 6.02, 11.81 and
18.09 mHz. Bottom: Umbral intensity time series of Ca II 8542 Å (blue) and Hα 6563 Å (red). The
larger intensity peaks seen in Ca II 8542 Å in comparison to Hα 6563 Å indicate that the Ca II 8542 Å
line is more intensity sensitive.
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intensities. Uncertainty is introduced in the contouring of the umbral/penumbral boundary

which may result in more inclined fields, and thus lower frequencies, being included in the

Ca II contour. Though the effect will be diluted by the umbra being dominant, this would

explain the slightly lower frequency of the first energy density ratio peak seen in the middle

plot in comparison with the upper energy density plot. The two sub-peaks seen at frequencies

of 11.81 and 18.09 mHz in both the Ca II energy density (Figure 6.6, top) and the energy

density ratio between Ca II and Hα (Figure 6.6, middle) are evidence of the 2nd and 3rd

harmonics of the dominant fundamental 6.02 mHz wave. However, these secondary peaks

are not as clear in Hα , indicating that this line is unable to resolve the resonances due to its

reduced intensity sensitivity.

6.4.1 Phase Relations

Velocity – Intensity Phase Relations

Phase differences, φV−I , between the line-of-sight velocities, vLOS, and the corresponding

intensities are shown in Figure 6.7. Following this convention, a positive phase angle (i.e.,

φV−I > 0◦) implies that the Doppler velocity leads the corresponding intensity. In Hα 6563 Å,

φV−I for both Icore (Figure 6.7, top) and Iint (Figure 6.7, middle), shows high probability

densities at phase angles of ∼ 90◦ between frequencies of ∼ 5− 10 mHz (this frequency

range agrees with the dominant frequencies seen in the umbra; Figure 6.4). However, in

contrast, the φV−I scatter plot for the Ca II 8542 Å Iint (bottom panel of Figure 6.7) shows high

probability densities at and angle of ∼ 0◦ across the same frequency range. The Ca II φV−Icore

phase relationship has not been included as Iint was found to be a better metric of the intensity

due to the sensitivity of this line to shocks (see Section 6.2). Following Moreels & Van

Doorsselaere (2013) (see Section 1.2.4), the photospheric interpretation of this would suggest

a slow/fast standing wave in Hα but a slow/fast propagating wave in Ca II. However, since
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Fig. 6.7 Probability density scatter plots depicting umbral line-of-sight velocity and intensity phase
differences calculated at each wave frequency for Hα 6563 Å and Ca II 8542 Å. The Hα 6563 Å plots
are using the Gaussian fitted intensities (top) and integrated intensity (middle) whereas Ca II 8542 Å
uses the integrated intensity (bottom).
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here we are looking at the more complex chromosphere, this theoretical interpretation may

not hold. In the context of the photosphere, the authors assume a straight flux tube with

constant radius and density. Such assumptions are not realistic in the chromosphere where

the plasma density decreases and magnetic field lines begin to diverge.

This result is unusual, as one would expect that since the Ca II 8542 Å and Hα 6563 Å

lines are both chromospheric in origin, the same phase relation would appear in both. Here

I will discuss some potential explanations for this result, though further study is required

to come to a firm conclusion. Firstly, the sensitivity of the Ca II 8542 Å line to umbral

shocks may be causing a different result to that seen in Hα 6563 Å. Umbral flashes, known

to cause large temperature excursions up to ∼ 1000 K, have been proven to be clearly linked

to local plasma heating (de la Cruz Rodríguez et al., 2013; Houston et al., 2018, 2020).

The Ca II line is more sensitive to chromospheric temperature variations, particularly in the

−5 < logτ500nm <−2 range whereas the Hα line is relatively insensitive to temperature in

the −6 < logτ500nm < −3 range (Cauzzi et al., 2009). Since shocks typically form in the

logτ500nm <−2 region (Grant et al., 2018), the Ca II line will respond more readily to the

resulting temperature enhancements. The discrepancy in φV−I between the Ca II and Hα

lines could also come as a result of a differing sensitivity to certain wave modes. The Ca II

line is more sensitive towards density perturbations and therefore will be biased toward more

compressible wave modes e.g. slow modes, in comparison to wave modes that have less of

an effect on the local plasma density e.g. fast modes. The Hα line on the other hand, may be

observing a wide variety of wave modes equally. Different wave modes may exhibit different

phase differences, accounting for the inconsistency in φV−I between lines.

Alternatively, a difference may be seen as a consequence of Ca II being an ion whereas

Hα is neutral. Interaction between ions and neutral atoms is inevitable in the partially ionised

lower solar atmosphere and can effect wave propagation. Charged and neutral particles

will experience different forces, giving rise to phenomena such as charge separation and
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ambipolar diffusion (Khomenko, 2017). The presence of neutral atoms in a partially ionised

plasma is known to produce additional wave damping due to viscosity, conductivity and

friction. Particularly, ion-neutral friction plays an important part in damping occuring in the

photosphere and chromosphere (e.g. Khodachenko et al., 2004, 2006). However, this does

not directly explain the phase difference discrepancies seen in Figure 6.7. This is an area

requiring further study through MHD simulations, with time dependant ion/neutral ratios to

account for the role of shocks, to test if different ratios of ions/neutrals will promote different

phase angles.

A phase discontinuity is observed in all panels of Figure 6.7 at a frequency of just below

∼ 5 mHz, with no obvious concentration of probability density below this point. This is an

ongoing theme in all of the phase results in this study and is likely a consequence of the

photosphere/chromosphere cut-off frequency discussed in Section 1.2.4, whereby waves

with frequencies below ∼ 5 mHz do not make it into the chromosphere (Bel & Leroy, 1977).

Indeed, it can be seen from Figure 6.4 that higher frequencies dominate the sunspot umbra.

Cross-Line Phase Relations

A connection between Hα 6563 Å line width and Ca II 8542 Å line core intensity was identi-

fied by Cauzzi et al. (2009) using IBIS observations of a quiet-Sun network region. It was

suggested that this high correlation represented a common sensitivity of both Hα 6563 Å

line width and Ca II 8542 Å line core intensity to the local plasma temperature. Through

comparison of data obtained with the Atacama Large Millimeter Array (ALMA; Wootten &

Thompson, 2009) with IBIS Hα 6563 Å observations, Molnar et al. (2019) also showed a cor-

relation between Hα 6563 Å line widths and plasma temperatures in the solar chromosphere.

Here, ALMA millimetre wavelength observations serve as a useful tool in determining solar

plasma temperatures as the observed brightness temperature is closely related to the gas

temperature of the continuum forming layer (Wedemeyer et al., 2016). Indeed, examination
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Fig. 6.8 Images of the time-averaged Hα 6563 Å line width (FWHM; left) and time-averaged
Ca II 8542 Å line core intensity (Icore; right).

of the time-averaged Hα FWHM and Ca II Icore images (Figure 6.8) reveals a high degree of

visual correlation between the two images.

To probe this relationship further, we display the phase relationships between Hα 6563 Å

and Ca II 8542 Å line characteristics in Figure 6.9. We find φHαI−CaI ≈ 0◦ at 5 mHz,

indicating that the intensity signatures of the dominant 3 minute oscillations are in phase.

There is a gradual decrease in phase angle with increasing frequency, with φHαI−CaI ≈−45◦

at 10 mHz, indicating that Ca II is leading Hα . This may be down to variations in the

formation heights of the two lines (Leenaarts et al., 2009; Cauzzi et al., 2009; Leenaarts

et al., 2012; Leenaarts et al., 2013). Higher frequency waves will become more out-of-

phase compared to their lower frequency counterparts as they propagate across a specific

height separation (Centeno et al., 2006; Krishna Prasad et al., 2017), explaining the gradient

exhibited in the top panel of Figure 6.9.

An interesting relationship can be seen in the bottom panel of Figure 6.9. Here, we

find φHαFWHM−CaI ≈ 0◦ at 5 mHz, dropping in a similar manner to the Hα/Ca II intensities

discussed above over the frequency range of 5−10 mHz. This result appears to corroborate
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Fig. 6.9 Probability density scatter plots showing phase differences between Hα 6563 Å and
Ca II 8542 Å intensity (top) and between Hα 6563 Å line width and Ca II 8542 Å intensity (bottom).

the theory put forward by Cauzzi et al. (2009), whereby the Hα line widths and Ca II

intensities were proposed to share a common sensitivity to the local plasma temperature. To

better highlight the sensitivity between the Hα FWHMs and the Ca II intensities, a scatter

plot of their absolute values is revealed in Figure 6.10. Here, the solid black contours depict

regions corresponding to 90%, 70%, 50%, and 30% of the overall sampled population (in

excess of 3×108 individual datapoints), which is seen to follow a close linear relationship. In

addition to the bottom panel of Figure 6.9, Figure 6.10 also highlights the common sensitivity

of the Hα FWHMs to their corresponding Ca II line core intensities.
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Fig. 6.10 Scatter plot showing Hα 6563 Å line widths as a function of the Ca II 8542 Å line core
intensities. The solid black contours depict regions corresponding to 90% (outermost contour), 70%,
50%, and 30% (innermost contour) of the overall sampled population.

Also visible in Figure 6.10 are two horizontal arms at Hα line widths of ∼ 1.1 Å and

∼ 1.4 Å. It is possible that these may be due to instances of strong chromospheric shocks in

the form of umbral flashes. Such phenomena have already been seen within this data set (see

Figure 6.3). Since the Ca II 8542 Å line is more sensitive to these shocks than Hα 6563 Å, it

may be that an increase in Ca II intensity is observed but no increase in Hα line width at the

same time, creating these horizontal arms. However, areas of high Hα FWHM corresponding

to low Ca II intensities also exist in Figure 6.10 as a broad vertical arm spanning Ca II

intensities of ∼ 1.2−1.6 Icore/Ic. These cases of extremely high Ca II and Hα likely come

as a result of highly energetic umbral flash phenomena. Evidence of strong umbral flashes

manifesting at low atmospheric heights ∼ 0.25 Mm above the solar surface, with the greatest

thermal perturbations occurring at ∼ 0.75− 1.1 Mm in the low chromosphere was found
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by Grant et al. (2018). This implies that there may be a delay between the response of

the Ca II intensity and Hα FWHM to a shock, as they sample slightly different geometric

heights. The horizontal and vertical arms in Figure 6.10 could then be explained by a time

lag between the intensity increase in Ca II and when the FWHM increase is observed in

Hα . This could be evaluated in more depth by mapping the strongest UF signals, using e.g.

running mean subtraction and intensity thresholding (Madsen et al., 2015; Houston et al.,

2018), and checking if they correspond to the high Ca II intensities/Hα FWHMs. It remains

that the vast majority of the points in Figure 6.10 are below a Ca II intensity of ∼ 1.5 Icore/Ic

and Hα FWHM of ∼ 1.4Å and show a linear relationship, suggesting that these extreme

UFs do not change the underlying trend.

6.5 C O N C L U S I O N

We have presented high resolution spectral images from the IBIS instrument at the DST,

in both the Ca II 8542 Å and Hα 6563 Å spectral lines, containing an isolated sunspot that

is part of active region NOAA 12418. Several key spectral parameters were deduced from

the spectral lines, including intensities, line-of-sight Doppler velocities, and line widths for

analysis of the wave activity present. The observations contain prevalent signatures of wave

activity in both spectral lines, with dominant frequencies in the range of 5−8 mHz observed

within the umbral region of the sunspot. We observe the dominant frequency to decrease

with increasing distance away from the umbra, which is consistent with previous studies of

RPWs (e.g., Kobanov et al., 2006; Reznikova et al., 2012; Jess et al., 2013). The spectral

energy densities of the two line intensities indicate clear wave activity in both, particularly at

the 6.02 mHz frequency, in agreement with the dominant frequencies. Harmonic peaks are

also observed in the energy density ratio at 11.81 mHz and 18.09 mHz.
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6.5.1 Phase Analysis

Through wavelet analysis, the phase relationships between these parameters were studied,

revealing seemingly contradictory wave mode identifications in the line-of-sight Doppler

velocity and intensity phase relationships (i.e. φV−I ≈ 90◦ in the Hα line, φV−I ≈ 0◦ in the

Ca II line. The reasoning behind this discrepancy in φV−I phase angle between the two lines

is not fully clear from the current study and further investigation is required to make a firm

conclusion. Several possible explanations were discussed including (1) the sensitivity of the

Ca II line to umbral shock phenomena, (2) the sensitivity bias of Ca II line to fast mode waves

whilst the Hα line is not biased to a particular mode and (3) the possibility of ion-neutral

inconsistencies and interactions, all of which could produce differing phase angles between

the two lines. Further work is required to come to a conclusion including the isolation of

shocked pixels from the data set using running mean subtraction and intensity thresholding

as has been used in previous studies (e.g. Madsen et al., 2015; Houston et al., 2018; Grant

et al., 2018). For example, when using a 5 minute running mean, a mean value is taken across

the frames ±2.5 minutes either side of each of an image in the time sequence and subtracted

from the image. This is done for the entire time sequence. For images occurring before the

first 2.5 minutes or after the last 2.5 minutes of the sequence, the mean is taken across the

first/last 5 minutes. The benefit of a running mean subtraction is that brightenings lasting

longer than the lifetime of a UF will be removed, making it easier to detect the UFs. With the

intensity normalised by the mean background intensity, UFs can be isolated by employing a

threshold intensity above which the pixel is considered to be shocked/exhibiting a UF. With

the shocked pixels determined, a study into the phase relationships of the Ca II line could be

conducted with those pixels removed or interpolated.

Additional modelling/simulation work may also be carried out to probe how wave modes

are observed through the lenses of differing spectral lines in a partially ionised atmosphere.
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3D nonlinear MHD codes such as the Multi Advanced Non-ideal Code for High-resolution

simulation of the solar Atmosphere (MANCHA; Felipe et al., 2010a; Khomenko & Collados,

2006b) or the MPI-Adaptive Mesh Refinement-Versatile Advection Code (MPI-AMRVAC;

van der Holst et al., 2012; Xia et al., 2018) can be used to simulate the partially ionised

chromosphere. By driving a range of wave modes separately and deriving the resulting

observed line profiles, we can study the response of the Hα and Ca II lines to each wave

mode.

Cross-line wavelet analysis was employed to obtain further information on the environ-

ment supporting the wave behaviour. The intensity-intensity phase relationships between

the Hα 6563 Å and Ca II 8542 Å lines (i.e., φHαI−CaI) showed a dominant phase difference

close to 0◦ at 5 mHz, decreasing gradually toward higher frequencies. A similar pattern

is also seen in the Hα FWHM - Ca II Iint phase relationship. The difference in formation

height of these two lines has been discussed many times in the past in both observational

and theoretical studies (e.g. Cauzzi et al., 2009; Leenaarts et al., 2009, 2012; Leenaarts et al.,

2013), with the general consensus being that the Hα 6563 Å line is formed higher in the

atmosphere than the Ca II 8542 Å line. Thus, the gradients observed in the cross-line phase

relationships are indicative of a propagating wave due to a time delay caused by a difference

in formation height between the two lines (Centeno et al., 2006; Krishna Prasad et al., 2017).

6.5.2 Hα FWHM Temperature Sensitivity

The phase relationship between Hα FWHMs and Ca II intensities (i.e., φHαFWHM−CaI) pro-

vides insight into the ideas put forward by Cauzzi et al. (2009) and Molnar et al. (2019),

whereby there is a connection between Hα line width and Ca II intensity, which is asso-

ciated with the response of the two spectral lines to plasma temperature. We find a phase

difference of φHαFWHM−CaI ≈ 0◦, supporting the strong correlation between these two spec-
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tral components. A linear relationship was revealed between the Hα FWHMs and Ca II

intensities, further suggesting a common sensitivity between the two. These are promising

results with regards to the possibility that the Hα FWHM could be used as an alternative

diagnostic of chromospheric temperature in cases where the Ca II is heavily contaminated

by shocks. However, a concrete conclusion cannot be made without direct comparison

with chromospheric temperature. Thus, temperature must be inferred from the Ca II line

through the likes of the Non-Local Thermodynamic Equilibrium CAlcium Inversion using

a Spectral ARchive (NLTE-CAISAR; Beck et al., 2019) code to provide more insight in

the future. NLTE-CAISAR works by referring to a spectral archive of 2,000,000 spectra

generated under the assumption of non-local thermodynamic equilibrium with the NICOLE

code. The input model atmospheres are created by performing temperature perturbations

of the Harvard-Smithsonian Reference Atmosphere (HSRA; Gingerich et al., 1971). The

resulting 2,000,000 temperature stratifications are then used as input for NICOLE to generate

synthetic Ca II 8542 Å spectra for comparison with observations. The inversion procedure

compares each observed spectrum to the entire archive, calculating the χ2 value and choosing

the spectra that minimises χ2. This best-fit spectrum will have a corresponding temperature

stratification output. Similar to what is shown in Figure 6.10 for Hα FWHM and Ca II inten-

sity, the inferred temperatures could be compared with the Hα FWHM values to test their

relationship. Proving that the Hα FWHM is a good diagnostic of chromospheric temperature

would be of great benefit to future observational studies of this line and would help verify the

claim by Molnar et al. (2019), that the ALMA Band 3 observations are probing the brightness

temperature at a similar atmospheric height.



7
C O N C L U D I N G R E M A R K S

The content of this thesis describes the observation and characterisation of magnetoacoustic

oscillations in the photosphere and chromosphere of solar active regions. The transport of

energy through the lower solar atmosphere within these structures and the subsequent damp-

ing that occurs has been explored both through observations and simulations in Chapter 5,

whilst the chromospheric response to the oscillations has been investigated through dual-line

phase relations in Chapter 6. This chapter will focus on the results of the studies detailed

in Chapters 5 and 6, and consider potential future work that may shed more light on these

topics.

7.1 I N F E R R I N G P L A S M A PA R A M E T E R S

Chapter 5 outlines the detection of slow sausage mode waves in a grouping of 5 solar pores.

Spectropolarimetric Si I 10827 Å observations by the FIRS instrument revealed 5 minute

period velocity oscillations in the photosphere at various optical depths. Inferred local plasma

parameters, combined with route mean square velocities, allowed the derivation of energy

flux as a function of height across the field of view. Energy flux on the order of 30 kW/m2

was found to be trapped within the pore boundaries at a geometric height of ∼100 km.
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Considerable energy damping was observed across all 5 pores, with an average damping

length of Ld ≈ 260 km.

The inference of the local plasma parameters in Chapter 5 was achieved using the SIR

inversion code (detailed in Chapter 3) on the Si I 10827 Å Stokes profiles. Specifically,

the magnetic field strength, plasma density and temperature were obtained over a range of

geometric heights spanning 0 – 500 km. The inference of these parameters is key to the study

of energy damping and transportation in the solar atmosphere but there is room for further

advancement. We have established the magnitude of energy flux damping achieved in the

photosphere, but to gain insight on the whole picture one must shift focus to higher layers of

the solar atmosphere. A similar approach as was taken here could be extended to the close by

chromospheric He I 10830 Å line. The difference in line core formation height of these two

lines is illustrated in Figure 1.3. The HAnle and ZEmann Light (HAZEL; Asensio Ramos

et al., 2008) code was designed for the synthesis and inversion of Stokes profiles resulting

from the joint action of the Hanle and Zeeman effects. The code has a specific emphasis on

the He I 10830 Å and 5876 Å multiplets and so is ideal for the study of the chromosphere.

The HAZEL code assumes a constant property slab of He I atoms at a height h above the

visible solar surface. The atoms are illuminated from below by unpolarised solar continuum

radiation that produces population imbalances and quantum coherences between sub-levels.

At each iterative step, the emergent spectral line polarisation is calculated by solving the

Stokes vector transfer equation within the slab. Several methods of varying complexity are

used to solve the RTE and obtain emergent Stokes profiles, with the most general case being

the numerical solution. In this case, the properties of the slab vary along the ray path. Exact

and approximate analytical solutions are also used, where the properties of the slab remain

constant throughout. The most simple solution is the optically thin limit approach, which

assumes τ ≪ 1. In a similar manner to SIR, the inversion code is based on the minimisation

of a χ2 function and uses the Levenberg-Marquardt method (Press et al., 1986).
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We have seen that the energy flux is strongly damped in the photosphere but heightened

values of energy flux are still observed in the pores at higher geometric heights in comparison

to the surroundings (see Figure 5.8). This indicates that energy is still being transported

to higher regions of the solar atmosphere within the pores. The use of HAZEL for the

inversion of the He I 10830 Å line naturally leads on from the current study since the newest

version of the code also incorporates the SIR code to extract physical parameters from the

Si I 10827 Å line and uses these as input parameters for the chromospheric inversion. This

constrains the chromospheric parameters and reduces the time for convergence of the He I

Stokes profiles. By using the output parameters, the energy flux across the FIRS field of view

could be calculated using the same method as in Chapter 5. This would allow mapping of the

energy flux from the photosphere to the chromosphere, revealing information about energy

flux and damping between the two layers as well as the ability of the pores to channel energy

upwards. These two lines have recently been successfully inverted using the HAZEL code by

Anan et al. (2021), who observed a plage region with the GREGOR Infrared Spectrograph

(GRIS; Collados et al., 2012). The inferred values of magnetic field strength were mapped

from the photosphere to the chromosphere for comparison with energy fluxes derived from

the Mg I h & k lines.

In Chapter 6, chromospheric Hα 6563 Å and Ca II 8542 Å line sunspot observations

from IBIS were utilised to examine wave signatures present in the umbra. Wavelet analysis

was employed as a method of evaluating dominant wave frequencies present in the sunspot

umbra along with phase studies between line parameters. The cross-line Hα FWHM and

Ca II intensity phase relationship shows that the two are in phase, supporting the theory that

they share a common chromospheric temperature sensitivity as discussed by Cauzzi et al.

(2009); Molnar et al. (2019). A linear relationship between the values of Hα FWHM and

Ca II intensity is revealed in Figure 6.10, providing additional evidence in support of this

hypothesis. A direct comparison between the Hα FWHM and chromospheric temperature
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could provide further clarification on the role of Hα FWHM as a chromospheric temperature

diagnostic. Chromospheric temperatures can be inferred from the Ca II 8542 Å line using the

NLTE-CAISAR code, as mentioned in Section 6.5.2, and compared with the Hα FWHM

observations. A correlation between the two would help bolster claims that the Hα FWHM

is a good diagnostic of chromospheric temperature, benefiting future studies that utilise the

Hα line to probe wave phenomena and atmospheric heating.

7.2 C H RO M O S P H E R I C S H O C K C O N TA M I N AT I O N

In Chapter 6, wavelet analysis of line parameters from Hα 6563 Å and Ca II 8542 Å obser-

vations of a sunspot umbra provoked a number of unanswered questions about how waves

are observed in each of these lines. Dominant frequencies of ∼ 5−8 mHz were detected in

the umbra in both the Hα and Ca II observations, with the dominant frequency decreasing

with distance from the umbral centre. The phase differences between the Doppler velocities

and intensities of each line appear to be contradictory, with φV−I ≈ 90◦ in the Hα line but

φV−I ≈ 0◦ in the Ca II line, indicating different wave modes in each line. At present, the

cause of this discrepancy is undetermined. The cross-line Hα and Ca II intensity phase

relationship revealed a gradient effect where higher frequencies become more out of phase

with one another, indicating a propagating wave.

Though the reasons behind these results are not entirely clear, it was proposed that they

may be a consequence of the sensitivity of the Ca II line to chromospheric temperature

variations and thus, shock/UF phenomena (e.g. Reardon et al., 2008). Evidence of umbral

flash phenomena as a result of shock formation was found in the data, as shown in Figure 6.3.

The contamination of the Ca II by shocks could give an unusual phase result. Although the

MCALF code provides an active and quiescent component to each Ca II line profile, it does

not take into account that some pixels may be entirely shocked and still provides a quiescent
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component for those pixels. As discussed in Section 6.5, the full effect of shocks on the result

could be evaluated by mapping the strongest UF signals using running mean subtraction and

intensity thresholding methods commonly used in other shock studies (e.g. Madsen et al.,

2015; Houston et al., 2018; Grant et al., 2018) and removing/interpolating those pixels. This

would permit study of the phase relationships of the Ca II line without interference from

shock phenomena.

The isolation and mapping of UF signals in dual-line observations will be greatly im-

proved with next generation observations (see Section 7.4). For example, the Diffraction-

Limited Near-InfraRed Spectro-Polarimeter (DL-NIRSP) stationed at DKIST will provide

improved spatial resolution, allowing highly accurate spatial co-alignment between multi-line

observations. Reduced time offsets between observations at different wavelengths will also

aid in aligning multiple time series. Since the study of all wave based phenomena is very

time sensitive, these improvements will hopefully allow more precise measurements to be

made and refine future multi-line observational wave studies.

7.3 S I M U L AT I O N S A N D M O D E L L I N G

Observational studies are limited by many factors including temporal resolution, spatial

resolution, atmospheric opacity and much more. Numerical modelling and simulations can

be used to try and make sense of the signals that we observe from a theoretical standpoint.

Chapter 5 details the study of energy damping mechanisms inside solar pores through 2D

PLUTO simulations to explain the strong energy damping seen in observations. Using the

observed pore 3 as a basis, the effects of different velocity drivers and non-ideal effects on the

energy flux inside the pore were evaluated. The observed damping was closely replicated by

using a localised driver and was proposed to occur as a result of a combination of geometric

spreading and lateral wave leakage. However, there is still a discrepancy between the



7 . 3 S I M U L AT I O N S A N D M O D E L L I N G 147

observed and simulated damping. A limitation of this study is that it was conducted on a 2D

Cartesian grid, meaning that the region inside the pore at each geometric height is only a

1D line. One obvious way to improve would be to extend the simulation to 3D space, but

this is not a simple task. The decrease in energy flux due to geometric spreading in 2D is

estimated to be proportional to 1/R, whereas in 3D space it will be proportional to 1/R(z)2,

which could account for the difference in observed and simulated damping. However, the

effect of wave leakage is more difficult to translate from 2D to 3D. The assumption of a 2D

geometry also negates the possibility of Alfvén waves.

Simulations could also be extended to include multiple 3D pores in close proximity,

similar to the pores observed in Chapter 5. The first steps toward this type of simulation have

already been made by Snow et al. (2018), who modelled a pair of flux tubes situated within a

few Mm of one another. The flux tubes are perturbed independently by vortex drivers at their

foot-points. The initially monolithic flux tubes become multithreaded, generating a myriad

of small scale magnetic structures which act as individual waveguides for the transport of

energy through the solar atmosphere. Merging of the flux tubes occurs in the chromosphere,

driving shocks which heat the plasma to ∼60,000 K. This heated plasma travels upwards,

supplying energy to the upper solar atmosphere. Deriving a model to include 5 flux tubes,

as observed in Chapter 5, would help to shed light on the differences in energy structuring

and wave generation between neighbouring solar pores. Chapter 5 revealed that each of the

pores exhibited either surface or body mode waves, with the pores containing surface mode

waves showing stronger energy damping. Simulations of pores with differing parameters e.g.

magnetic field strength and size may help to explain why we observe different wave modes

in each pore and what effect this may have on energy transport.

It became clear in Chapter 6 that spectral lines with similar formation heights can have

different responses when observing the same region. When observing a sunspot umbra,

different φV−I phase angles were seen between the Hα 6563 Å and Ca II 8542 Å lines,
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indicating that different wave modes may be being observed by each line. As mentioned in

Section 6.5, for a more thorough investigation we must look to 3D nonlinear MHD codes

such as MANCHA (Felipe et al., 2010a; Khomenko & Collados, 2006b) or MPI-AMRVAC

(van der Holst et al., 2012; Xia et al., 2018) to simulate the partially ionised chromosphere

and study the effects of a range of wave modes on the resulting observed line profiles.

7.4 O B S E RVAT I O N S

The findings of Chapters 5 and 6 were made possible by the exceptional observational

capabilities of the instruments stationed at the DST. The sensitivity of the FIRS spectropo-

larimeter has allowed for the detection of slow mode sausage waves in solar pores, alongside

a unique study into the height stratified energy flux structuring that lies within these pores.

High-resolution dual-line IBIS observations were used to study phase relationships between

chromospheric line parameters, probing the wave activity inside a sunspot umbra as well as

testing the feasibility of Hα 6563 Å line width as a diagnostic of chromospheric temperature.

Co-temporal, multi-observatory quiet-Sun observations encompassing a suite of facilities

including IBIS, ALMA, FIRS and more has recently been made publicly available (Kobelski

et al., 2022). An overview of the temporal and spatial overlap between the instruments is

shown in Figure 7.1. This unique data set would be ideal for testing if the hypothesis of

Chapter 6, that the Hα 6563 Å FWHM can be used as a diagnostic of chromospheric temper-

ature, still holds in a different atmospheric environment. The ALMA Band 3 observations,

which probe the brightness temperature in the chromosphere, could be directly compared

with Hα FWHMs from IBIS to test the validity of this claim. Such a comparison has been

made before by Molnar et al. (2019), with promising results. As such, it would be beneficial

to continue the study of these two parameters in tandem on a more statistically significant

basis.
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Fig. 7.1 Overview of co-temporal observations with each instrument labelled on the y-axis (Kobelski
et al., 2022).

Looking to the future, new advanced observatories are becoming available including

DKIST, the European Solar Telescope (EST; Collados et al., 2013) and the National Large

Solar Telescope (NLST; Hasan et al., 2010). In particular, DKIST is currently the world’s

largest solar telescope, boasting a 4 m aperture capable of achieving a spatial resolution

of 20 km. A variety of instruments are available at DKIST with spectropolarimetric and

imaging capabilities across a wide range of wavelengths. DL-NIRSP is a diffraction-grating

based integral field spectrograph, specialising in providing simultaneous spatial and spectral

coverage whilst maintaining high spatial resolution, spectral resolution and polarimetric

accuracy. The instrument will enable simultaneous two-dimensional spatial mapping spectral

lines (e.g. the Si I 10827 Å line used in Chapter 5) to be obtained with a spatial resolution

as high as 0 .′′06 (some five times higher than the data presented in our current study). The

greater spatial resolution will enable the precise energy structuring of pores and sunspots to

be deduced with greater clarity, and the two-dimensional fibre-fed nature of the instrument

will allow the entire structure to be studied simultaneously.
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Fig. 7.2 High resolution sunspot image captured in May 2021 by the VBI blue channel at a wavelength
of 450 nm. Image credited to NSO/AURA/NSF.

Similarly, the Visible Broadband Imager (VBI) is capable of producing images with an

extremely high spatial resolution of 0 .′′028, corresponding to 20 km on the Sun at a cadence

of 0.8 s for a single line scan. An example of a sunspot image obtained with this instrument

is shown in Figure 7.2. There are some drawbacks to very short exposure times, particularly

in the case of sunspot umbrae. To achieve diffraction limited observations of dark umbral

regions, a longer exposure time may be required to capture a sufficient amount of light for

high signal-to-noise ratios. Additionally, the VBI instrument operates by switching between

filters to observe in different wavebands, as opposed to ROSA where wavebands can be

imaged simultaneously. The cadence of the observations will be affected by this, however

it is still expected to be an improvement on previous capabilities. In Chapter 5, we saw

that fast mode waves were predicted to be present in solar pores by simulations but current

observations struggle to constrain them. Extremely high resolution observations such as

these will hopefully revolutionise the study of solar active regions like sunspots and pores
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and the wave activity within them by unveiling previously unresolved dynamics like fast

modes.

The Solar Orbiter (Müller et al., 2020) mission, launched in February 2020, aims to

address key questions in Solar physics surrounding the creation and behaviour of the solar

heliosphere, supported by a comprehensive suite of 10 instruments. One of these instruments,

the Polarimetric and Helioseismic Imager (PHI; Solanki et al., 2020), provides full-disk high

resolution maps of the magnetic vector and the line-of-sight velocity in the solar photosphere.

Preliminary wave studies using data from PHI have begun in the wider solar MHD wave

research community (not yet published). Topics of interest include phase analysis in sunspots

and pores, similar to the study conducted in Chapter 6. Analysis of the relationship between

magnetic field strength and frequency (B - ω) has revealed resonant MHD oscillations

confined within a solar pore in recent work (Stangalini et al., 2021), opening up new avenues

for wave mode identification. Such analysis could be conducted on PHI data in the future.

It is worth mentioning that there is continuous work being done to improve the quality of

spectropolarimetric inversions to keep up with these new observations. With the dramatic

improvement on current capabilities for simultaneous multi-line polarimetric observations

that comes with new ground-based telescopes such as DKIST, there will be a increased

demand for highly efficient inversion codes capable of dealing with the vast amount of data

that they produce. For example, the recently released Departure coefficient aided Stokes

Inversion based on Response functions (DeSIRe; Ruiz Cobo et al., 2022) NLTE code, builds

on the SIR code by incorporating the Rybicky and Hummer (RH; Uitenbroek, 2001) NLTE

radiative transfer code. Although a number of NLTE inversion codes already exist (e.g.

NICOLE), they have a common limitation in that they employ numerical evaluation of RFs

in their minimisation schemes, which increases their runtime and makes them unsuitable for

use with large volumes of data. To combat this, instead of solving the full inverse NLTE

problem, DeSIRe employs analytical RFs computed in LTE with SIR and modifies them with
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fixed departure coefficients from RH to incorporate NLTE effects in chromospheric spectral

lines. This considerably reduces the runtime of the code, making it a valuable tool for use

with data from the likes of DKIST. As a result, we look forward to future studies combining

new high resolution observations with improved spectropolarimetric inversion routines to

give new insight into wave propagation and energy transport in the solar atmosphere.
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